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Introduction

The high-energy Universe remains enigmatic, with many astrophysical events still re-
quiring complete understanding. Investigating these phenomena solely through elec-
tromagnetic radiation can pose significant challenges. Photons interact with matter and
radiation during their journey from the sources to Earth, resulting in a degradation of
the information they carry. Furthermore, even if the electromagnetic signal manages
to reach Earth, its information can be ambiguous, making it difficult to decipher the
underlying source physics. In contrast, neutrinos can be abundantly produced in these
sources as a byproduct of particle acceleration. Due to their weakly interacting nature,
they can travel undisturbed through space, giving access to environments that cannot
be tested otherwise. This thesis aims to harness the potential of high-energy neutrinos
to shed light on the enigmatic nature of some poorly understood transient events.

Our first focus is on long gamma-ray bursts originating from relativistic collimated jets
born in the cataclysmic deaths of massive stars. They are the most powerful phenomena
observed in the Cosmos with their exceptionally intense flashes in gamma rays, which
can outshine entire galaxies for a fleeting period. Despite being discovered more than
five decades ago, fundamental questions on the gamma-ray burst jet composition, en-
ergy dissipation, particle acceleration, and radiation mechanisms remain unanswered.
Different models exist, but no single model can explain the electromagnetic observa-
tions and multiple mechanisms may be at play across different gamma-ray bursts or
even within a single burst event. The limited number of gamma-ray photons and the
associated statistical challenges allow flexibility in fitting the same dataset with various
input models. Hence, the information carried solely by electromagnetic emission has
been insufficient to address all the open questions about jet workings. In this thesis,
we investigate the potential of neutrinos in addressing these questions.

We then consider a class of extremely luminous supernovae that defy conventional
emission mechanisms that describe core-collapse supernova emission: superluminous
supernovae. One possible explanation for these exceptionally bright events invokes the
interaction between energetic supernova ejecta and a very dense circumstellar medium
formed by the progenitor star through intense winds and violent eruptions before the
final supernova explosion. The mechanisms responsible for the substantial modifica-
tion in the progenitor envelopes, which lead to significant loss of stellar mass, remain a



challenging and active area of research. The neutrino signal, combined with the photon
one, carries information about this ejected material structure, geometry, mass, and com-
position, which is crucial to pinpoint the type of progenitor involved and, ultimately,
the underlying operating mechanisms.

Today, neutrino astronomy stands at a critical crossroads. The IceCube Neutrino Obser-
vatory has successfully confirmed the existence of a flux of high-energy cosmic neut-
rinos, and we have started seeing some significant associations with steady sources.
However, determining the origin of the bulk of these neutrinos has proven challenging
because of the detector’s limited sensitivity. With the advent of new neutrino tele-
scopes, such as IceCube Gen-2 and KM3Net, along with advancements in technology
and data analysis techniques, we expect to significantly improve neutrinos’ detection
capabilities. Given the positive premises, we believe that in the forthcoming years,
these facilities will allow us to gain deeper insights into the transient sources investig-
ated in this thesis.

In the following chapters, we introduce the mechanisms behind the acceleration of
energetic particles in astrophysical environments and the production of high-energy
neutrinos and electromagnetic radiation. Our primary focus is initially directed to the
prompt emission phase of long-gamma ray bursts, aiming to improve our understand-
ing of the nature of relativistic jets responsible for the gamma-ray emission. To this
aim, we investigate neutrino production for various proposed models associated with
prompt emission. To compare the different models, we employ up-to-date observations
and simulation results. We then concentrate on some peculiar features observed during
the afterglow emission of certain gamma-ray bursts, known as “optical jumps.” Assum-
ing that these jumps arise from collisions between relativistic shells emitted due to late
activity of the central engine, we investigate the prospects of detecting neutrinos and
examine whether their detection can provide insights into the nature of these jumps.
In the second part of the thesis, we shift our attention to interaction-powered super-
novae. Initially, we explore the interpretation of the transient event AT2019fdr as a
superluminous supernova, aiming to determine whether the observed neutrino event
IC200530A can be explained as originating from this superluminous supernova as op-
posed to the tidal disruption event interpretation. Motivated by our positive findings
and the ever-growing detection rate of these rare transients, in the final part of the
thesis, we explore the relation between high-energy neutrino production and photo-
metric properties of interaction-powered supernovae, such as their optical peak lumin-
osity and lightcurve rise time. The outcome of this investigation is crucial to guide and
optimize upcoming targeted multimessenger searches of neutrinos from this class of
transients.



Introduktion

Det hgjenergetiske univers bliver ved med at veere gadefuldt, med mange astrofys-
iske feenomener, der stadig ikke forstas til fulde. At undersoge disse feenomener ude-
lukkende gennem elektromagnetisk straling kan indebzere betydelige udfordringer. Fo-
toner interagerer med materie og straling under deres rejse fra deres kilder og frem til
Jorden, hvilket resulterer i en forringelse af den information, de bringer med sig. Selv
hvis det elektromagnetiske signal nar Jorden, kan dets information derudover veere
sveer at tyde, hvilket gor det vanskeligt at afkode den bagvedliggende kildes fysik. I
modseetning hertil kan neutrinoer produceres i rigelige meengder i selvsamme kilder
som en biprodukt af partikelacceleration. Pa grund af deres svagt interagerende karak-
ter kan de rejse uforstyrret gennem rummet og give adgang til miljeer, der ikke kan
undersgges pa anden vis. Denne afhandling har til formal at udnytte potentialet af
hgjenergi-neutrinoer til at kaste lys over den gadefulde karakter af nogle af de transi-
ente begivenheder, vi har sveerest ved at forsta. Vores forste fokus er langvarige gam-
maglimt (gamma-ray bursts), der stammer fra relativistiske koncentrerede jetstraler,
der skabes, nar tunge stjerner kollapser. De er de mest kraftfulde feenomener observeret
i kosmos med deres exceptionelt intense glimt af gammastraler, der kan overstrale hele
galakserien flygtig periode. Pa trods af at de blev opdaget for mere end fem artier siden,
forbliver grundleeggende sporgsmal om sammensatningen af gammaglimtets jetstraler,
deres energidissipation, partikelacceleration og stralingsmekanismer ubesvarede. Der
findes forskellige modeller, men ingen enkeltstaende model kan forklare de elektromag-
netiske observationer, og flere mekanismer kan veere involverede pa tveers af forskellige
gammaglimt eller endda inden for en enkelt gammaglimt-begivenhed. Det begraensede
antal gammastralefotoner og de tilknyttede statistiske udfordringer tillader fleksibilitet
i at tilpasse det samme dataseet med forskellige inputmodeller. Derfor har den informa-
tion, der udelukkende tilvejebringes af elektromagnetisk emission, veeret utilstreekkelig
til at besvare alle de abne spergsmal om, hvordan jetstraler virker. I denne athand-
ling undersgger vi neutrinoers potentiale for at besvare disse spergsmal. Vi betragter
derneest en klasse af ekstremt lyssteerke supernovaer, der trodser de konventionelle
emissionsmekanismer, der beskriver emissionen fra kernekollaps-supernovaer: super-
lumingse supernovaer. En mulig forklaring pa disse exceptionelt lyssterke begiven-
heder involverer interaktionen mellem det energirige stof, der bliver slynget ud fra su-



pernovaer, og det meget teette circumstelleere medium, der dannes af den oprindelige
stjerne (progenitor star) gennem intense vinde og voldelige udbrud for den endelige su-
pernovaeksplosion. Mekanismerne, der er ansvarlige for den betydelige eendring i de
oprindelige stjerners skaller (envelopes), som forer til betydeligt tab af stjernemasse,
forbliver et udfordrende og aktivt forskningsomrade. Neutrinosignalet, kombineret
med fotonsignalet, indeholder information om dette udstedte materiales struktur, geo-
metri, masse og sammensatning, hvilket er afggrende for at fastleegge hvilken type
af oprindelig stjerne, der var involveret, og i sidste ende de underliggende mekan-
ismer. Til dato star neutrinoastronomi ved en kritisk skillevej. IceCube neutrino-
observatoriet har med succes bekraeftet eksistensen af en flux af hejenergetiske kos-
miske neutrinoer, og vi er begyndt at se nogle betydelige forbindelser mellem dem og
stabile kilder (steady sources). Det har imidlertid vist sig udfordrende at bestemme
oprindelsen af hovedparten af disse neutrinoer pa grund af detektorens begraensede
sensitivitet. Med fremkomsten af nye neutrinoteleskoper sasom IceCube Gen-2 og
KM3NeT, sammen med fremskridt inden for teknologi- og dataanalyseteknikker, for-
venter vi at forbedre neutrinoernes detektionsmuligheder markant. Ud fra de positive
forudseetninger tror vi, at disse faciliteter i de kommende ar vil give os mulighed for
at fa dybere indsigt i de transiente kilder, som denne athandling undersoger. I de fol-
gende kapitler introducerer vi mekanismerne bag accelerationen af energirige partik-
ler i astrofysiske miljoer og produktionen af hejenergi-neutrinoer og elektromagnetisk
straling. Vores primeere fokus er i begyndelsen rettet mod den indledende emissionsfase
(promt emission phase) af lange gammaglimt med det formal at forbedre vores for-
staelse af relativistiske jetstralers natur, der er ansvarlige for gammastralingen. Til
dette formal undersgger vi neutrinoproduktionen for forskellige foreslaede modeller
forbundet med prompt-emissionsfasen. For at sammenligne de forskellige modeller
anvender vi opdaterede observationer og simuleringsresultater. Vi koncentrerer os
derefter om nogle bemaerkelsesveerdige treek observeret under eftergleds-emissionen
(afterglow emission) af visse gammaglimt kendt som “optiske spring” (optical jumps).
Under forudseetning af, at disse spring opstar som felge af sammensted mellem relativ-
istiske skaller, der udsendes pa grund af sen aktivitet i den centrale kraftkilde, under-
soger vi mulighederne for at detektere neutrinoer og undersegger, om deres detektion
kan give indsigt i disse springs natur. I den anden del af athandlingen skifter vi vores
opmeerksomhed til interaktionsdrevne supernovaer. Indledningsvist udforsker vi for-
tolkningen af den transiente begivenhed AT2019fdr som en superlumings supernova
med det formal at bestemme, om den observerede neutrino-begivenhed IC200530A kan
forklares som stammende fra denne superlumingse supernova i modseaetning til en for-
tolkning baseret pa en tidal disruption event. Motiveret af vores positive resultater og
den stadigt voksende detektionsrate af disse sjeeldne transiente begivenheder, udfor-
sker vi i den sidste del af athandlingen forholdet mellem produktionen af hgjenergi-
neutrinoer og de fotometriske egenskaber ved interaktionsdrevne supernovaer, sasom



deres optiske maksimale luminositet og lyskurvens stigningstid (lightcurve rise time).
Resultatet af denne undersogelse er afgerende for at vejlede og optimere kommende
malrettede multimessenger-segninger efter neutrinoer fra denne klasse af transiente

begivenheder.
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Thesis outline

This thesis is structured in twelve chapters:

In Chapter 1, we begin with an introduction to neutrinos, providing a concise historical
overview of discoveries and key experiments that have shaped our understanding of
their properties. We then present the natural and human-made sources that produce
neutrinos over more than twenty decades in energy and intensity. Finally, we cover
the primary interaction channels between neutrinos and matter, focusing in particular
on the detection technique of high-energy neutrinos.

In Chapter 2, we explore the concept of multi-messenger astronomy, which combines
observations from various cosmic messengers, including neutrinos, photons, and cos-
mic rays, to gain a comprehensive understanding of astrophysical phenomena. The
chapter delves into the mechanisms responsible for high-energy neutrino production
in astrophysical contexts, such as hadronic and photo-hadronic interactions involving
accelerated charged particles and surrounding matter or radiation. We also examine
the correlations between neutrinos, cosmic rays, and photons, highlighting their intric-
ate interplay, and conclude by mentioning some of the interesting transient sources
expected to be sources of high-energy neutrinos.

In Chapter 3, we walk the reader through the main processes that give rise to high-
energy charged particles in astrophysical environments. We start from the original
idea of Fermi acceleration, pass to the diffusive shock acceleration at relativistic and
non-relativistic shocks, and conclude by describing the acceleration in the context of
magnetic reconnection.

In Chapter 4, we give a brief summary of the most important energy-loss mechanisms
that particles undergo in extreme astrophysical contexts and are pertinent to the sub-
jects discussed in this thesis. These mechanisms encompass energy losses from radiat-
ive processes as well as particle interactions.

In Chapter 5, we provide an overview of the evolution of massive stars, emphasizing



the mechanisms leading to substantial stellar mass losses and the ejection of stellar en-
velopes before they end their life through a supernova explosion. We then describe
the emission mechanisms powering standard supernovae, which is important for un-
derstanding their difference from interaction-powered supernovae.

In Chapter 6, we present a comprehensive overview of the two transient sources that
are the key focus of this thesis: interaction-powered supernovae and long gamma-ray
bursts. We delve into the observational aspects and provide the essential theoretical
framework to understand the observational properties characterizing both phenomena.

In Chapter 7, we summarize the projects carried out in Paper I and Paper II on the high-
energy neutrino emission from the prompt and afterglow phase of the long-gamma-ray
burst. We provide the motivation underlying the projects and discuss the main results
of these studies.

Chapter 8 is a reprint of Paper 1.

Chapter 9 is a reprint of Paper II.

In Chapter 10, we summarize the projects carried out in Paper III and Paper IV on the
high-energy neutrino emission from interaction-powered supernovae. We provide the
motivation underlying the projects and discuss the main results of these studies.

Chapter 11 is a reprint of Paper III.

Chapter 12 is a reprint of Paper IV.



Contents

Neutrino physics
1.1 Historical overview . . . . . . . . . . .. ..
1.2 Neutrino sourcesand fluxes . . . . . . .. ... ... . ... ... ...
1.3 Neutrino oscillations . . . . . . . . . . ... ..
1.4 Neutrino interaction withmatter . . . . . . . .. ... ... ... ....
1.5 Neutrino detection. . . . . . . . . . . . . e
1.5.1 Cherenkov detectors . . . . .. .. .. ... ... .. ... ...
1.5.2  Detection of neutrinos with IceCube . . . . . . ... ... ...
1.5.2.1  IceCube properties . .. ... ... ... .......
1.5.2.2  Eventtopologies . . . . .. ... ... .. .......
1.5.23 IceCubedata . . ... ... ... ... .. .. .....

Neutrinos as cosmic messengers

2.1 Multi-messenger astronomy . . . . ... ... ... L.

2.2 High-energy neutrino production . . . . ... ... ... .. .. ....
2.21  The hadronic mechanism . . ... ... .............
2.2.2  The photo-hadronic mechanism . . . . .. ... ... ......
2.2.3  Difference between hadronic and photo-hadronic mechanisms
2.24  Connecting neutrinos with y-rays and cosmic rays . . . . . ..

2.3 Transient source candidates of high-energy neutrinos . . . . . ... ..

Particle acceleration

3.1 Acceleration principle . . . . . . ... Lo

3.2 Fermi acceleration mechanism . . . . ... ... ... ..........
3.2.1  Energy gain in the particle-cloud encounter . . . . .. ... ..

3.3 Shock hydrodynamies . . . . .. ... ... L
3.3.1  Jump conditions . . ... ... ... L.

3.4 Diffusive Shock Acceleration . . . . .. ... ... ... L.
3.4.1 Principle of Diffusive Shock Acceleration . ......... ..
3.4.2 Magnetic field amplification . . . . . ... ... 0oL

= 00 Ul =

13
15
15
15
17

18
18
20
22
23
25
26
28



xii CONTENTS
3.43 Energy gain after a cycle upstream-downstream-upstream . . . 42

3.44 Power-law particle distribution . . . . . ... ..o L. 43

3.4.5 Relativisticshocks . . . ... ... ... 0o L 45

3.4.6  Particle acceleration in relativistic shocks . . ... .. ... .. 47

3.4.7 Shock parametrization . . . . . ... ... . o oL 48

3.5 Magnetic reconnection . . . ... ... L oo 48
3.5.1 Particle acceleration through magnetic reconnection . . . . . . 51

4 Energy-loss processes 53
4.1 LeptoniC processes . . . . . . . v v v v v it e e e 53
41.1 Synchrotron radiation . . . ... ... ... ... ... ... . 53

41.1.1  Physics of synchrotron radiation. . . . . . ... ... 53

41.1.2  Synchrotron spectrum . . ... ... ... ..., .. 54

4.1.2 Inverse-Compton scattering . . . . .. ... .. ... .. .... 56

4.1.2.1  Physics of Inverse-Compton emission . . . . . . . .. 56

4.1.2.2 Inverse-Compton spectrum. . . . . . ... ... ... 57

413 Bremsstrahlung . . . .. ... ... ... Lo L. 58

4.2 Hadronic processes . . . . . . . . ... 58
4.2.1 Photo-pair production (Bethe-Heitler) . . ... ... ... ... 59

4.2.2  Photo-hadronic interaction . . . ... ... ... ... ... .. 59

4.2.3 Hadronicinteraction . . . . . ... ... Lo L 60

5 Stellar evolution and supernova explosion 61
5.1 Stellar evolutioninanutshell. . . . . ... ... ... ... ... ... 61
5.2 Core-collapse supernovae . . . . . . . ... ... e 63
53 Masslossinmassivestars. . . . . . ... ... L. 66
5.4 Classification of supernovae . . ... ... ... ... ... ...... 69
5.5 Emission from “standard” supernovae . . . . . ... ... ... ... .. 70
5.5.1 Power sources of supernovae lightcurves. . . . . ... ... .. 71

6 Selected transient sources 74
6.1 Interaction-powered supernovae . . . . . . .. . ... ... ... 74
6.1.1 Interaction of supernova ejecta with circumstellar medium 75

6.1.2  Emission from interaction-powered supernovae . . . . . . . .. 78

6.2 Long Gamma-RayBursts . . . ... ... ... ... .. ........ 85
6.2.1  Observational facts on Long Gamma-Ray Bursts . . . . .. .. 87

6.2.1.1  Promptemission. . . .. .. ... ... ... ..... 87

6.2.1.2  Afterglowemission . . .. ... ... ... .. ..., 90

6.2.2  Theoretical framework of Long Gamma-Ray Bursts . . . . . . . 92

6.2.2.1 Centralengine . . . . . . ... ... ... ... ..., 92

6.2.2.2  Relativisticmotion . . .. ... ... ... ... ... 95



CONTENTS xiil

6.2.2.3  Frames of reference and Doppler boost . . . . . . ..
6.2.2.4  Initial conditions at the central engine . . ... ...
6.2.3 Matter-dominatedjets . . .. ... ... ... ... ... ...

6.2.3.1  Fireball dynamics . . ... ... .. ... ... .... 100

6.2.3.2  Prompt emission models in the fireball scenario . . . 102

6.2.4 Poynting flux-dominated jets . . . ... .. ... ... ... 104
6.2.4.1  Magnetic jet dynamics . . ... ... ... L. 105

6.2.4.2  Prompt emission models for magnetic jets . . . ... 106

7 Paper I and II: description and summary of the main results 109
7.1 Paperl . . . . . .. 109
7.1.1  Context and motivation . . .. ... ... ... ... . ..... 109

7.1.2  Summary of the mainresults . . ... ... ... ... ..... 112

7.1.3  Criticaloutlook . . . . ... .. .o o 113

7.2 PaperIl . . . . . . . e 114
7.21  Context and motivation . . ... ... ... ... ... ..... 114

7.2.2  Summary of the mainresults . . ... ... ... ... ..... 115

8 Paperl:Neutrino signal dependence on gamma-ray burst emission mech-

anism 116
8.1 Introduction . . .. ... ... . ... . 117
8.2 Dynamical evolution of gamma-ray burstjets . . ... ... ... ... 119
8.2.1 Kinetic dominatedjets . . . .. ... ... .. .......... 120
8.2.1.1  Jet model with internal shocks . . . . ... ... ... 122

8.2.1.2  Jet model with a dissipative photosphere and internal
shocks . .. ... Lo 123
8.2.1.3  Jet model with three emission components . . . . . . 124
8.2.2 Poynting flux dominatedjets . . ... ... ... ... ..... 125
8221 ICMARTmodel .. ... ... ... . ... ..... 126
8.2.2.2  Magnetized jet model with gradual dissipation . . . . 127
8.2.3  Proton synchrotronmodel . . . . . ... ... ... ... ... 128
8.3 Main model ingredients . . . . . ... ... 129
8.3.1 Reference model parameters . . . . . ... ... ... ...... 129
8.3.2  Spectral energy distribution of protons . . . . .. ... ... .. 131
8.4 Neutrino production in the gamma-ray burstjet . . . ... .. ... .. 132
8.5 Results: Gamma-ray burst neutrino emission . . . . . . ... ... ... 134
8.5.1 Kinetic dominatedjets . . .. ... ... ... .......... 135
85.1.1  Jet model with internal shocks . . . . ... ... ... 135

8.5.1.2  Jet model with a dissipative photosphere and internal

shocks . . .. ... 136
8.5.1.3  Jet model with three emission components . . . . . . 139



Xiv

CONTENTS

9

10

8.5.2 Poynting flux dominatedjets . . ... ... ... ... .....
8521 ICMARTmodel . ... .... ... ..........

8.5.2.2  Magnetized jet model with gradual dissipation . . . .

8.5.3  Proton synchrotronmodel . . . . . .. ... ... ... ... ..

8.6 Discussion . . . . ... ... e
8.6.1 Energetics . . . . . .. .. ... o

8.6.2  Detection perspectives . . . . . . ... ... 0oL

8.6.3  Uncertainties in the jet parameters . . . . . ... ... ... ..

8.7 Conclusions . . .. ... ...

Paper II: High-energy neutrinos from afterglow optical-bumps

9.1 Introduction . . . .. ... ... ...

9.2 Modelling of the merger of two relativistic shells . . . . . .. ... ...
9.2.1 Physicsof the blastwave . . . . ... ... ... ... ......
9.2.2  Merger of two relativisticshells . . . . .. ... ... ... ...

9.3 Photon energy distribution and light curve . . . . . ... .. ... ...
9.3.1 Photon energy distribution during the afterglow . .. ... ..
9.3.2  Photon energy distribution during the shell merger . . . . . . .
9.33 Lightcurve . ... ... ... ... ..

9.4 Energy distributions of protons and neutrinos . . . . ... ... .. ..
9.4.1 Proton energy distribution . . . . ... ... Lo L
9.4.2  Neutrino energy distribution and flux expected at Earth . . .

9.5 Afterglowsignals . . ... ... ... ...
9.5.1 Particle emission in the absence of a late shell collision . . . . .
9.5.2  Particle emission in the presence of a late shell collision

9.6 Neutrino detection perspectives . . . . . . .. ... ... ...,
9.6.1 All-sky quasi-diffuseflux. . . . ... ... ... ... ... ..
9.6.2 Pointsourcesearches. . . ... ... ... ... . .....
9.6.3 Detection prospects for GRB 100621A and a GRB 130427A-like

burst . . . ..
9.7 Conclusions . . . . ... ... ..

Paper III and IV: description and summary of the main results

10.1 PaperIIl . . . . . . . .
10.1.1 Context and motivation . . . ... ... ... ... ... .. ..
10.1.2 Summary of the mainresults . . . ... ... ... ... ....
10.1.3 Critical outlook . . . . . ... ... ..o oL

10.2 PaperIV . . . .
10.2.1 Context and motivation . . . ... ... ... ... ... ....
10.2.2 Summary of the mainresults . . .. ... ... ... ......
10.2.3 Criticaloutlook . . . . . . .. ... Lo oL



CONTENTS XV

11 Paper III: IceCube event from a hydrogen-rich superluminous super-

nova? 196
11.1 Introduction . . . . .. ... ... 197
11.2 AT2019fdr: A type IIn superluminous supernova . . . . . . ... .. .. 198
11.3 Modelsetup . . . . . . . . . 200
11.3.1 Spectral energy distributions of protons and neutrinos . . . . . 201
11.3.2 Parameters characteristic of AT 2019fdr . . . . ... ... ... 205
11.3.3 Neutrino flux and event rateat Earth . . . . . .. ... ... .. 207
11.4 Forecast of the neutrinosignal . . . . . ... ... .. ... ....... 208

11.4.1 Energy fluence and temporal evolution of the neutrino event rate 209
11.4.2 Dependence of the neutrino signal on the parameters of AT2019fdr 212
11.5 Discussion . . . . . . . . ... e 217
11.6 Conclusions . . . ... . ... .. ... 220

12 Paper IV: High-energy neutrinos from interaction-powered supernovae221

12.1 Introduction . . . . . . . . . .. 222
12.2 Model for interaction-powered supernovae . . . . . ... ... ... .. 223
12.2.1 Modeling of the circumstellar medium . . . . .. ... ... .. 224
12.2.2 Shockdynamics . . . . . . ... ... 224
12.2.3 Interaction-powered supernova emission . . . . . . .. .. ... 227
12.2.4 Supernova model parameters . . . . .. ... ... ... L. 229

12.3 Scaling relations for the photometric supernova properties . . . . . . . 230
12.4 Maximum proton energy . . . . . . . . . . ..o 233
12.5 Expected neutrino emission from interaction-powered supernovae . . . 236
12.5.1 Spectral energy distribution of neutrinos . . . . . . . ... ... 236
12.5.2 Energy emitted in neutrinos . . . . . .. ... ..o 237

12.6 Neutrino detection prospects . . . . . . . . .. ... ... 240
12.6.1 Expected number of neutrino eventsat Earth . . . ... .. .. 240
12.6.2 Expected number of neutrino events for SN 2020usa and SN 2020in 241

12.6.3 Characteristics of the detectable neutrino signal . . . . . . . .. 246
12.6.4 Follow-up strategy for neutrino searches . . . . . ... ... .. 249
12.6.5 Multi-messenger follow-up programs . . . . . . ... ... ... 251

12.7 Conclusions . . . . . ... . ... 252
Summary and conclusions 254
A Appendix Paper I 256
A.1 Spectral energy distributions of photons: fitting functions . . . .. .. 256
A1.1 Bandfunction . . ... ... ... ... .. 256

A.1.2 Cut-offpower-law . . .. ... ... . 257

A13 Powerlaw . . . . . . . 257



xvi CONTENTS
A.14 Double broken powerlaw . . . ... ... ... ... ... 258
A.2 Magnetized jet model with gradual dissipation: dependence of the neut-
rino emission on the input parameters. . . . . . ... ... ... L. 259
A.3  Quasi-diffuse neutrino flux for standard internal shock parameters. . . 261
B Appendix Paper II 263
B.1 A model for the late collision and merger of two relativistic shells . . . 263
B.2 Degeneracies among the parameters characteristic of the merging shells 269
B.3 Cooling timescales of protons and mesons . . . . ... ... .. .. .. 270
C Appendix Paper III 274
C.1 Parameter space adopted in the modeling of AT2019fdr . . . . . . . .. 274
C.2 Maximum proton energy . . . . . . . . . o oii e 276
D Appendix Paper IV 278
D.1 Dependence of the supernova lightcurve properties on the model para-
meters . . . ... 278
D.2 Dependence of the maximum proton energy on the supernova model
parameters . . . . ... Lo e 279
D.3 Constant density scenario . . . . . ... ... ... L. 284

References 287



Neutrino physics

In this Chapter, we introduce the reader to the realm of neutrinos. We start by provid-
ing a concise historical overview, touching upon the key experiments that have shaped
our understanding of neutrino properties. Subsequently, we present the most import-
ant known sources of neutrinos, highlighting their distinct fluxes and energies. Fol-
lowing this, we illustrate the primary interaction channels through which neutrinos
interact with matter. In particular, we concentrate on the detection methodology and
the current data of high-energy neutrinos, which represent the central focus of this
thesis.

1.1 Historical overview

Neutrinos are elementary particles with a spin of 1/2, representing the neutral leptons
in the Standard Model. Since they have no electric charge, they do not interact electro-
magnetically. Furthermore, neutrinos are colorless, meaning they cannot interact via
the strong force. Hence, in the framework of the Standard Model, they interact with
matter only via the weak force.

The history of neutrinos is a tale of persistence and paradigm-shifting discoveries.
It all began in 1930 when Wolfgang Pauli postulated the existence of an electrically
neutral half-spin particle as a "desperate remedy” to preserve the conservation of en-
ergy and momentum in 8-decay !. This process is a form of radioactivity where a

'Wolfgang Pauli hypothesized the existence of the neutrino in an open letter to a group of nuclear
physicists [381]: Dear Radioactive Ladies and Gentlemen! I have hit upon a desperate remedy to save|...] the
law of conservation of energy. [...] there could exist electrically neutral particles, which I will call neutrons,
in the nuclei [...] The continuous 8 spectrum would then make sense with the assumption that in 3-decay,
in addition to the electron, a neutron is emitted such that the sum of the energies of the neutron and electron
is constant. But so far, I do not dare to publish anything about this idea, and trustfully turn first to you, dear
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primary nucleus (4, Z) decays into a lighter secondary one of the same mass number,
an electron (or positron), and nothing else visible:

(A,Z) - (A,Z £1) + e* + nothing else visible (1.1)

In the absence of invisible particles in the final state, the energy of e* should have a well-
defined value, E, ~ Q = M; — M, namely be equal to the mass difference of the initial
and final nuclei. Contrary to the expectations, experimentalists observed a continuum
spectrum ranging from m, up to the maximum allowed energy Q. Several explanations
were proposed to account for this puzzling anomaly (Niels Bohr even speculated about
the possibility of a violation of energy conservation). However, in December 1930,
Wolfgang Pauli conjectured the existence of a non-observed particle emitted during the
reaction. This unobserved particle had to be neutral (to conserve electric charge), very
light (since E, ,,,, =~ Q), and with spin 1/2 (to satisfy angular momentum conservation
and statistics). In modern notation, 8-decays are now considered as the processes:

A(Z,N) - AZ+1,N—-1)+e +7, [B~ decay] (1.2)
A(Z,N) » AZ-1,N+1)+et +v, [B* decay] (1.3)

where Z and N are the number of protons and neutrons in a nucleus, respectively.

In 1934, Enrico Fermi named the particle neutrino, within the formulation of his
theory of B-decay (the first theory of one of the four fundamental forces, the weak
force). He explained the 3-decay in terms of a 4-fermion interaction with strength Gr.
This interaction would also predict the scattering of neutrinos off matter via 9, + p —
n+e™ process. In 1934 Bethe and Peierls estimated the cross section for this process [90].
The obtained value was so tiny that they wrote ”... one can conclude that there is no
practically possible way of observing the neutrino”. Indeed, the actual value for this cross
section is o ~ 107** cm? in the MeV energy range, and for a neutrino of energy of a
few MeV, this corresponds to a probability of 10~!! to interact inside the Earth when
following a trajectory passing through its center.

Therefore, neutrino detection remained elusive for more than 20 years until the
results of Reines and Cowan [137] in 1956. They used the Savannah River in South
Carolina nuclear reactor as an antineutrino source and a water detector with dissolved
cadmium chloride. The detection method consisted of observing the two gamma rays
created by the annihilation of the positron from 7, + p — n + et with a background
electron, followed, with a few us delay, by the gamma ray emitted in the deexcitation
of cadmium after the neutron capture: n +12 Cd =113 Cd + y. This discovery earned
Fred Reines the 1995 Nobel Prize in Physics.

radioactive ones, with the question of how likely it is to find experimental evidence for such a neutron [...] I
admit that my remedy may seem almost improbable because one probably would have seen those neutrons, if
they exist, for a long time. But nothing ventured, nothing gained [...| Thus, dear radioactive ones, scrutinize
and judge.
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Another important chapter in understanding neutrinos revolves around the concept
of families or generations. The year 1937 marked a significant milestone with the dis-
covery of the muon. Being a heavier version of the electron, it also enters the Fermi
interactions accompanied by a neutrino. An important question arose: Was this neut-
rino identical to the one observed in -decays, or was it of a different type? Following
a suggestion by Pontecorvo, this problem was solved in 1962 by L. M. Lederman, M.
Schwartz, and J. Steinberger [145], who performed the first experiment with acceler-
ator neutrinos. A beam of pions was created by bombarding a Beryllium target with
a proton beam. These pions would subsequently decay and produce neutrinos. They
studied the interaction with nucleons of type v, + N »> u~ + X ory, + N > e~ + X.
Only the first type of interaction was found, demonstrating that v, and v, are different
particles. They participate separately in weak interactions with their corresponding
charged leptons. This result earned Lederman, Schwartz, and Steinberger the Nobel
Prize in 1988.

The third charged lepton, the tau, was discovered in 1975 at SLAC. Being just a
heavier copy of the electron and the muon, it was concluded that a third neutrino flavor
had to exist. The direct detection of the v; was achieved only in 2000 by the DONUT
experiment at Fermilab [274]. Once different neutrino families were established, the
question of whether there could be mixing and transitions between them was open.

It was known at the time that there should be a neutrino flux from our Sun. The
existence of this flux had been predicted when it was understood that the primary
energy source of stars comes from nuclear fusion reactions in their cores. In particular,
for a star of the mass of the Sun, the primary channel that converts hydrogen to helium,
and that accounts for ~ 82% of the total produced energy, is the following p-p I chain:

p+p — i{D+et+7,
2D+p — 3He+y (1.4)
SHe+3He — jHe+p+p

The complete chain releases a net energy of 26.732 MeV but only 2.2% of this energy
goes to the neutrino (E, ~ 0.6 MeV). Other branches of the p-p chain can produce
electron neutrinos with energies up to 15 MeV. The latter had been the target of the
Homestake experiment that, led by Raymond Davis, measured the solar neutrino flux
for almost thirty years [146]. The radiochemical detector was a tank filled with chlorine
(the less toxic C,Cl,). Interactions of electron neutrinos with chlorine atoms in the tank
produced radioactive isotopes of argon via inverse f—decay:

V, + 32Cl - 3]Ar +e”. (1.5)

The radioactive j;Ar nuclei were extracted and counted. However, only around one-
third of the predicted neutrino flux by J. Bahcall and collaborators’ [71] Standard Solar
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Model was detected. Many subsequent radiochemical and water Cherenkov detectors
confirmed the deficit, including the Kamioka Observatory [185]. The results of these ex-
periments were fundamental in establishing the presence of a deficit of solar neutrinos,
which became known as the "solar neutrino problem”.

The solar neutrino problem remained unsolved for about three decades: it needed
to be clarified whether neutrinos oscillated into a flavor that could not be detected or
whether the theoretical predictions of the flux were severely flawed. The first idea
of neutrino oscillations had been already put forward by B. Pontecorvo in 1957 [398],
subsequently addressed by him and Gribov in [217]. It was known that oscillations
could explain the deficit in electron neutrinos. However, it was a solution that would
have required a modification of the accepted Standard Model of particle physics, which
formerly assumed that neutrinos were massless and so could not change flavor. How-
ever, if neutrinos had mass, the "missing” solar neutrinos could be electron neutrinos,
which changed into other flavors as they propagated to Earth, rendering them invisible
to the detectors that were sensitive only to electron neutrinos.

The definitive answer came in 2001 thanks to the Sudbury Neutrino Observatory
(SNO) experiment [44]. It was able to measure two separate reactions on deuteron (D):
the charged current (CC) interaction v, + D — p + p + e~ (sensitive only to electron
neutrinos) and the neutral current (NC) v, + D — p + n + v, (sensitive to all neutrino
types), for x = e, u, 7. By comparing the v, and v, fluxes deduced from the data, the
SNO experiment was able to prove that v, flux constitutes only roughly a third of the
overall solar neutrino flux and that the observed total flux is in good agreement with
the theoretical predictions.

In 1985, the Kamiokande experiment in Japan and the IMB (Irvine, Michigan, and
Brookhaven) collaboration in the USA reported a deficit in the atmospheric muon neut-
rinos for the first time. These neutrinos come from the decay of pions and kaons pro-
duced when cosmic rays (CRs) interact with nuclei in the atmosphere. Echoing the solar
neutrino problem, the deficit of muon neutrinos became the “atmospheric neutrino
anomaly”. In 1998, the Super-Kamiokande experiment discovered that it was zenith-
angle dependent, and this was consistent with two flavors v, < ; oscillation [184].
In 2015, T. Kajita for the Super-Kamiokande collaboration and A.B. McDonald for the
SNO collaboration received the Nobel Prize in Physics for “the discovery of neutrino os-
cillations, which shows that neutrinos have a mass.” This was the first particle physics
evidence that the Standard Model is incomplete.

On 23 February 1987, three neutrino detectors (Super Kamiokande, IMB, and Bak-
san) registered 24 neutrinos within less than 13 seconds from SN 1987A, a nearby su-
pernova in the Large Magellanic Cloud, approximately 168 000 light years away.

Another significant achievement was obtained on 23 February 1987, when three
neutrino detectors (Super Kamiokande, IMB, and Baksan) registered altogether 24 neut-
rinos within less than 13 seconds from SN 1987A, a nearby supernova in the Large
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Figure 1.1: The total neutrino spectrum at Earth, integrated over directions and summed over
flavors. Solid lines are for neutrinos, dashed or dotted lines for antineutrinos, superimposed
dashed and solid lines for sources of both v and . Figure adapted from [482].

Magellanic Cloud, approximately 168 000 light-years away [239]. This revealed the
first neutrino source ever observed beyond our solar system and represented a step
toward resolving the supernova explosion mechanism.

The second breakthrough for neutrino astronomy arrived in December 2012, when
the most energetic neutrino ever discovered (E, ~ 10 eV) smacked into the IceCube
detector in Antarctica [8]. This event marked a significant milestone by opening a new
window into the Universe and triggering a new era of exploration into the mysteries
of high-energy cosmic phenomena.

1.2 Neutrino sources and fluxes

Today, we know that neutrinos are overwhelmingly present in the Cosmos. They are
the second most common particle in the Universe, after photons. The various sources of
neutrinos around us may be broadly divided into two groups: natural and human-made
sources. Figure 1.1 shows the total neutrino flux as a function of neutrino energy from
various neutrino sources, spanning more than 20 decades in energy and 30 decades in
flux. Starting from the lowest energies, we find [482]:
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« Cosmic neutrino background (CNB): are neutrinos that have been produced
in the early Universe and represent today a remnant background somewhat ana-
logous to the cosmic microwave background (CMB) photons (grey line in Fig. 1.1).
When the Universe was very young and hot, all the fundamental particles com-
posed a hot plasma in which the reaction rates of various particles were in thermal
equilibrium. As the Universe expanded and cooled down, such equilibrium could
not be maintained. After it was ~ 1s old, and the temperature fell below a few
MeV, the neutrinos decoupled from the thermal bath. As a result, a relic back-
ground of very low energy neutrinos was left, with a present-day temperature of
~ 1.945K =~ 0.17meV. The current density of neutrinos plus antineutrinos for
each mass eigenstate is predicted to be n,, +n; = 112 cm ™2, which summed over
the three species is comparable to the density of photons in the CMB ~ 410 cm™>.

+ Solar neutrinos: are primarily neutrinos produced in the nuclear fusion reac-
tions that fuel the Sun (orange lines in Fig. 1.1). The Sun generates energy via
two fusion chains, the p-p and the CNO chains. We have shown in Eq. (1.4)
the p-p I chain. There are two other branches of the p-p chain, as well as a
pep-reaction, which are much less likely to occur compared to the main channel.
Roughly 3% of the total solar power is emitted in neutrinos with energies ranging
below ~ 0.4 MeV to almost 19 MeV. The total flux reaching the Earth is about
6 x 101°cm™2s~!. In addition to producing neutrinos through fusion reactions,
several other mechanisms can create neutrinos with typical thermal energies in
the core of the stars (pink line in Fig. 1.1). These processes involve the production
of neutrino pairs in Compton-like interactions (ye — ev¥), Bremsstrahlung from
nuclei (Ae — Aevp), plasmon decay (y* — v7) and pair annihilation (e~ e* — vD).
In the case of the Sun, which has a central temperature of T,.,. ~ 1.3keV, the
luminosity associated with these thermal neutrinos is negligible. However, these
processes become increasingly important and can even determine the later stages
of the evolution in the case of more massive stars.

« Geoneutrinos: are neutrinos produced in the decays of unstable, radioactive
elements — mostly uranium 238Uy, thorium 232Th, and potassium 40K —inside the
Earth, with a flux exceeding 10*°s™!. These same decays also generate heat,
which makes up some portion (thought to be about 60%) of the geothermal heat
flow. The amount of geoneutrinos produced depends upon the abundance of ra-
dioactive materials present within the Earth. While we know their amount and
distribution within the Earth’s crust, direct information from its interior is limited
to depths of approximately 10 km. These uncertainties about the Earth’s radio-
active content translate into uncertainties about the amount of geothermal heat
and geoneutrinos generated by radioactive decay. As a result, measurements of
geoneutrinos hold the potential to offer insights into the nature of Earth’s radio-
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activity.

« Reactor neutrinos: are neutrinos produced in nuclear reactors. These are the
strongest sources of terrestrial antineutrinos, with 9, coming from the -decay of
the fission products. The neutrino energies peak at around 3 MeV and extend to
about 8 MeV. Unlike other human-made sources, like accelerators, the neutrino
flux from reactors is isotropic.

« Supernova neutrinos: are neutrinos produced when a star with a mass larger
than about 8 Mg, at the end of its life explodes like a supernova. A considerable
amount of energy, of the order of 3 X 1073 erg, is released when the star’s core
collapses. Almost 99% of this is emitted in neutrinos that escape in a burst lasting
several seconds and with typical energies of about 10 to 30 MeV. In these spectacu-
lar processes, neutrinos have a predominant role. In addition to endeavors aimed
at detecting neutrinos that will be emitted during the next nearby supernova ex-
plosion, such as the one that occurred in 1987 within the nearby Large Magel-
lanic Cloud galaxy;, it is also important to try to detect the cumulative neutrino
background resulting from all the past supernovae that exploded in the Universe.
This represents the diffuse supernovae neutrino background (DSNB, purple line
in Fig. 1.1).

« Atmospheric neutrinos: are neutrinos that originate from the decay of hadrons
produced when energetic CRs hit the nuclei in the atmosphere of the Earth. In
general, the spectrum of these neutrinos peaks at 1 GeV and extends up to about
a few hundred GeV.

« High-energy astrophysical neutrinos: are neutrinos in the TeV-PeV energy
range that have been detected by the IceCube neutrino observatory since 2013
in the form of a diffuse and isotropic flux (blue line in Fig. 1.1). The origin of
these neutrinos has not been pinpointed yet. However, we know they must be
produced as secondaries in the interactions of CRs in violent and explosive events
occurring in the Universe. We will discuss better their production mechanisms
in Sec. 2.2 and the candidate sources of this flux in Sec. 2.3.

« Cosmogenic neutrinos: are neutrinos expected to be created in the interac-
tions of ultra-energetic CRs (E ~ 10%° eV) with the radiation or with the gas that
they encounter while they exit from the sources of production, as well as with
the background radiations of the Universe (CMB and extra-galactic background
light) that they travel through when they propagate from the sources up to us.
Given the very low predicted flux, detecting these neutrinos necessitates much
larger detectors than those currently available. This goal should be achieved with
the next generation of radio facilities, such as the Giant Radio Array for Neutrino
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Detection (GRAND) [54], or the Antarctic Ross Ice-Shelf ANtenna Neutrino Ar-
ray (ARIANNA) [76], and the detector from space POEMMA (Probe of Extreme
Multi-Messenger Astrophysics) [371].

1.3 Neutrino oscillations

As we have seen, active neutrinos come in three families. This was determined with
great accuracy in 1989 at the LEP collider at CERN through studies of Z, boson decay:
Zo — Vg +79,[510]. A fourth active neutrino is not allowed by the invisible width of the
Z boson, to which it would contribute as much as one active neutrino. The present best
value for this quantity is N, = I}, /T7_ 5 = 2.9963 £ 0.0074, where I’;_,,,; = 167 MeV
is the theoretically expected rate for decay into a given neutrino flavor and is accurately
calculable in the Standard Model.

Since neutrinos have masses, two bases can be used to describe them: the flavor
basis, v, @ = e,u, 7, in which each neutrino is associated with the corresponding
charged lepton and the mass basis, v;, i = 1, 2, 3, in which each neutrino has a definite
mass. The two bases, as required by probability conservation, are related by a unitary
matrix U, the so-called Pontecorvo-Maki- Nakagawa-Sakata (PMNS) matrix:

3
V) = D Ugilw) (1.6)
i=1

which can be parametrized in terms of three mixing angles 6,5, 6,3, 6,3 and a CP-
violating phase 8, U = U(6y, 6,, 65, 6). In the presence of this mixing and non-degenerate
neutrino masses, neutrino oscillations can occur. If, for example, we assume that neut-
rinos are produced with the same momentum ﬁ, then it is clear that different neutrino

mass states will have slightly different energies E; = 4/ m? + p2. The basic picture is
that, in production and detection, neutrinos are described by flavor states, which are
eigenstates of weak interaction. These represent a coherent superposition of massive
states which have slightly different masses. The coherence is a key condition that needs
to be satisfied at production, detection, and during the propagation to have neutrino os-
cillations. This means that the uncertainty on the neutrino energy o and momentum
op at production and detection must be much larger than the difference between the
energies of neutrino mass states: oy > AE = E; — Ej, or 0, > Ap = p; — p; (in
case neutrinos were produced with the same energy, for example). If E and p were
measured very accurately, one could tell which physical neutrino mass state is emit-
ted, and oscillations would disappear. The latter can also be understood by invoking
the Heisenberg uncertainty principle: a very small uncertainty on the measurement of
the momentum o, < Ap implies a very large uncertainty oy of the spatial coordinate
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where the neutrino is created. When such o, becomes larger than the typical oscillation
length, it becomes impossible to observe any oscillation pattern [260].

Another source of decoherence is given by the wave packet separation during the
propagation. The wave packets associated with each mass state propagate with differ-
ent group velocities v; = p;/E. In the ultra-relativistic limit, the difference between
these velocities is [Av;j| =~ c|Amy;|/ 2E2. This implies that the wave packets of the dif-
ferent mass components will tend to separate from each other as they propagate. Their
wave functions will no longer significantly overlap after they travel a distance [}, such
that |Av;j|lcon/c = 0x. When this happens, the different v; cannot interfere to produce
neutrino oscillations, which become averaged out. The associated coherence length is:

CO.
X ~2x10°km

l., =
coh |AUU| 10-10m

oy ( E, )210_4eV2

1.7
GeV Am ( )

2
ij

The size of the wave packet o, must be determined by the coherence size of the produc-
tion process, which is a general property of the wave packets of all particles created in
some process.

Let us now calculate the probability of finding a neutrino created in a given flavor
state v, to be in another flavor state vg. Each neutrino mass state evolves in time
according to the following equation:

3
W) = Y Ugie™ it w). (1.8)
i=1

The probability of transition from v, to g at time ¢ is then obtained by projecting the
state |v(¢)) in the vg direction as:

2
By () = v v()I? =

3
Z Up; Uze~Eit (1.9)
i=1

where we have used the fact that (1) = §;;. In all experimentally relevant situations,
neutrinos are highly relativistic (m; < E;), so we can make the following approxima-
tions:

2 Am.z. Am.z.

E = +ﬁ$AE-~—E-—E-— Yo el (1.10)
=P o A ‘
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and write the neutrino flavor oscillations as 2
2
. AmijL

B vy (LE) = E UziUpiUajUzje 2, (1.11)
Lj

where we have defined Amizj = mi — mjz, and approximated p ~ E and t = L. It is
apparent from this formula that oscillations between one flavor and another are possible
only if there is leptonic mixing (U # I) and at least two neutrinos have masses. One
substitutes U with its complex conjugate U* for antineutrinos.

It is important to stress that the coherence at production and detection of neut-
rinos is usually satisfied extremely well due to the tininess of neutrino masses. On
the other hand, the coherence propagation condition is satisfied very well for all but
astrophysical and cosmological neutrinos that travel long distances. This means that
for astrophysical neutrinos, the oscillatory behavior does not hold for distances longer
than the coherence length [, which is usually .., < L. In this case, the oscillations
get averaged out in Eq. (1.11), leading to an effectively constant measurable probability:

(Biyg) = 2 | Ui Ugil* (1.12)
i

From this, it follows immediately that if the flux of the neutrino flavor 8 emitted at the
surface of the source is ¢9_, the flux at Earth will be:

vg»
¢v,g = Z<E/a—>vﬁ >¢3a (1.13)

The values of elements of the U matrix are known with certain accuracy and continue
to be refined in new experiments; see, e.g., Ref. [167]. From Eq. (1.12), it is clear that
the experiments looking for astrophysical neutrinos from sources at large distances are
sensitive to the mixing parameters but are not sensitive to the neutrino mass differences.
Furthermore, we can use Eq. (1.13) to determine the neutrino flavor ratios on Earth,
provided the ratio at the source is known. If, for example, neutrinos and antineutrinos
are leaving the source with the following fractions: f, =0, fvﬂ = 1— f,,, then their
flavor ratio at Earth is given by Eq. (1.13):

fr, 2018 +0.36 f;)
f, =044 -0.25 f (1.14)
fr, 2038 -0.11f)

2We note that in deriving Eq. (1.11) we assumed that the mass states are described by plane waves,
which extend with the same amplitude over the whole space-time, and are not appropriate to describe
localized particles. However, it can be shown that performing a more accurate analysis using wave
packets instead of plane waves to allow for a spread in the values of momenta and energies describing
the neutrino state would lead to the same expression of the probability, as long as the coherence of the
superposition between different mass eigenstates is not lost. See, e.g., Ref [260].
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| <

Figure 1.2: Neutral and charged-current interactions.

For the value ﬁ,‘l = 1/3 expected from pion decays in the source, we obtain an ap-
proximate equality of the detection probabilities of the three neutrino flavors at the

detection point, (f,,, : fou f)=@:1:1).

1.4 Neutrino interaction with matter

Neutrinos can interact in two ways: through charged current (CC) and neutral current
(NC) interactions, mediated by the charged W* and neutral Z° bosons, respectively
(Fig. 1.2). In the NC case, the initial and final states coincide, and only a momentum
transfer between the neutrino and the target particle is possible. At the same time,
for CC interactions, there is also the appearance of a charged lepton in the final state.
Neutrinos interact with both leptons and nucleons, but since this thesis centers on very
energetic neutrinos, we will focus only on neutrino-nuclei interactions, whose cross-
section is much larger than that of neutrino-lepton interactions.

In general, we must consider both CC and NC interactions of neutrinos and anti-
neutrinos hitting free nucleons or nucleons bounded in nuclei. Because of lepton flavor
conservation, CC neutrino interaction will produce a negatively charged lepton in the
final state, while antineutrino interactions will produce positively charged leptons. To
produce the lepton in the final state, neutrinos must possess energy above a threshold
which, in the laboratory system, is:

m; + 2Mm,

s=(E,+M?z2(m+M)? = E,>E;= i

(1.15)
where M and m; are the nucleon and lepton masses, respectively. For v,, Ey, ~ 0, while
for v, and v, it is Ey, ~ 0.11 GeV and ~ 3.5 GeV, respectively.

All the interaction processes that the neutrinos can undergo can be categorized in
general as: elastic, where the final state contains the same number and type of particles
as the initial state, quasi-elastic, where the final state contains particles different from
the initial ones but with the same number, and inelastic, where energy is converted to
create new particles. See Ref. [179] for an exhaustive discussion of all possible chan-
nels for neutrino interactions. Here, we briefly present the three different interaction
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Figure 1.3: The plots show the neutrino (left) and antineutrino (right) cross-section as a func-
tion of the neutrino energy for the CC interaction. Both the total and the individual contri-
butions from the different processes, quasi-elastic (QE), resonant production (RES), and deep
inelastic scattering (DIS), are shown. Figure from [422].

subtypes that dominate in different kinematical regimes for E,, 2 100 MeV, where the
nucleons do not look like point-like objects for the neutrinos (see Fig. 1.3):

« ForE,, < 1GeV we are in the quasi-elastic scattering (QE) regime, where the cross-
section is dominated by the following CC interactions with nucleons: v, + n —
e~ +pand7,+p — et +n. Inthis case, the nucleon is not broken up. The relevant
energies of the incoming neutrino go from a few hundred MeV to a few GeV. The
process is denoted as elastic scattering for NC interactions at low energies since
the exchanged Z, boson leaves the initial nucleus intact.

« For 1GeV < E, < 10GeV, the neutrino energy is still not enough to break up
the nucleon, and the cross-section is dominated by resonant (RES) processes. In
this regime, neutrinos can excite the target nucleon to a resonance state. The
resultant baryonic resonance (e.g., AT) decays to various possible mesonic final
states, producing combinations of nucleons and mesons.

« For E, 2 5GeV, neutrinos undergo deep inelastic scattering (DIS) with the nuc-
leon. Given enough energy, the neutrino can resolve the individual quark con-
stituents of the nucleon, and the scattering breaks the nucleon up, producing a
bunch of hadronic debris. In an NC DIS interaction, a neutrino of the same flavor
as the incoming neutrino is emitted, while for CC DIS, a charged lepton with the
same flavor as the initial neutrino leaves the interaction vertex.

Even though interactions with hadrons generally have a larger cross-section than
with leptons, there is one peculiar situation in which the neutrino interactions can be
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largely enhanced: in the presence of an s-channel resonance by a W boson exchange.
This is called Glashow resonance and it describes an anti-electron neutrino scattering
with an electron by the exchange of an on-shell W boson, i.e. when s = (p;, + Do) =~
M3, [206]. Considering that the target electron is at rest, this corresponds to an electron
neutrino energy E}Z R = M%,/2m, ~ 6.3PeV. This process can provide an interesting
channel for detecting PeV electron antineutrinos of astrophysical origin, and indeed an
event of this type has recently been observed in the IceCube detector [4].

1.5 Neutrino detection

After a neutrino undergoes an interaction process, one needs to detect some of the
particles produced in the interaction. The approach to achieve this detection varies
depending on factors such as the energy of the neutrinos and the neutrino flavor that
one is aiming to detect. Other factors include the level of radioactivity in the detector
materials, which must be minimized to reduce the background, the desired precision
in measuring the energy or direction of the detected particles, and the intensity of
the neutrino flux that needs to be measured. These factors collectively determine the
optimal design and size of the neutrino detector. As we have seen in Sec. 1.1, the ra-
diochemical technique was the first method used to study low-energy solar neutrinos.
However, such detectors are only helpful in measuring the total neutrino rate. There
is no information on the energy (just that it needs to be above the threshold), the direc-
tion of the original neutrino, or the interaction time. Other types of detectors exploit
liquid scintillators, which allow for precise determination of location and energy, but
only for low-energy neutrinos, e.g., those coming from reactors.

1.5.1 Cherenkov detectors

In this thesis, we are interested in neutrinos with energies E,, 2 100 GeV, and of as-
trophysical origin. Currently, large volume ice and water Cherenkov detectors are
employed to observe them since transparent media are crucial to reconstruct the direc-
tion of the neutrino sources. The exploited detection technique consists of collecting
photons from Cherenkov radiation. Such radiation is produced by charged particles that
travel faster than light in a medium, namely when the particle velocity is v > ¢/n, where
n is the refractive index of the medium. This condition corresponds to the particle hav-

ing energy larger than the threshold E;, = m/y/1 — 1/n?, where m is the mass of the
particle (in water, where n = 1.33 this threshold is E;, ~ 0.78 MeV for an electron,
and E, ~ 160 MeV for a muon). Particles exceeding their respective threshold ener-
gies emit Cherenkov radiation, forming a blue/UV light cone. The angle of this cone
is B, = arccos(c/vn) (it is Oy, =~ 41° in the ultra-relativistic limit). The points where
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Figure 1.4: A schematic view of the IceCube Neutrino Observatory. Credit: IceCube/NSF

these cones intersect the walls of a detector create Cherenkov rings. By measuring the
light captured in photo-multiplier tubes (PMTs) placed around the detector, one can
reconstruct the motion’s direction of the charged particle and estimate its energy. This
information is beneficial when the direction of the particle is correlated with the direc-
tion of the neutrino that produced it. The water Cherenkov technique allows observing
electron scattering events, inverse 3-decays, and tracks of muons produced in v, CC
interactions.

The cross-section for neutrino-nucleon interactions for neutrino energies in the
TeV-PeV range is found to be o,y ~ 10736 —10733 cm? [25]. From this one can roughly
estimate the probability for a PeV neutrino to interact when crossing a nucleon column
density N of one km of water to be of order P ~ No,y ~ Ny cm™> lkm o,y ~ 6 X107,
where Ny = 6.022 X 10%3 is the Avogadro number. Hence, one can see that to ob-
serve a few to a few tens of neutrino events per year above 100 TeV, detector volumes
of ~ km’ size are necessary. To this purpose, giant detectors exploiting the Cheren-
kov technique have been built using deep sea water (ANTARES Observatory [41] and
KM3NeT-ARCA [40] in the Mediterranean), deep lakes (GVD detector in Lake Baikal
in Siberia) [66] and the Antarctic ice (the IceCube detector in the South Pole) [14].
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Figure 1.5: The typical signatures of interaction observable inside the IceCube detector. The
images have been obtained from a simulation of Cherenkov light propagation in the ice from [2].
There is a track-like event (left), a shower-like event (middle), and a double-bang event (right).
The color scheme refers to arrival times: red denotes earlier photons, and blue denotes those
registered later.

1.5.2 Detection of neutrinos with IceCube

In this section, we focus, in particular, on the IceCube Observatory and describe the
detector properties and the signatures that various flavors of neutrinos leave upon in-
teraction. The detection principle is very similar to the other water detectors we have
mentioned and are currently taking data.

1.5.2.1 IceCube properties

IceCube is a large-scale detector consisting of 1 cubic kilometer of instrumented ice
located near the geographic South Pole in Antarctica. It has been operating in full
configuration since 2011. It consists of 5160 digital optical modules (DOMs) deployed
in the transparent ice at depths between 1450 m and 2450 m below the surface. The
primary in-ice array consists of 78 strings with a vertical separation of the DOMs of
17 m and a horizontal spacing of 125 m [14]. The strings are mostly distributed in a
hexagonal shape. Such a design was chosen to fulfill the scientific goal of detecting
astrophysical neutrinos in the energy range of O(TeV)- O(PeV).

Additionally, there is a denser instrumented volume, the DeepCore, whose design
is optimized for detecting neutrinos with energies from 10 GeV to 100 GeV. Finally,
located on the surface of the ice, we find IceTop. This consists of 81 stations with 162
ice-filled tanks instrumented with PMTs that detect Cherenkov radiation from CRs air
showers. It is sensitive to CRs with energies in the PeV-EeV range. Furthermore, it is
also used as a partial veto for detecting downward-going neutrinos with IceCube. An
illustration of the detector is shown in Figure 1.4.

1.5.2.2 Event topologies

An observed neutrino at IceCube is called an event. The topology of neutrino events
can vary depending on the neutrino flavor, its energy, and the type of interaction in the
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ice. The light deposition patterns generally fall into two sub-groups: track-like events
and shower-like events. The names refer to the shape of the events, i.e., a track has a
long track-like shape, while a shower is shorter and has a more round shape. We can
summarize the various interactions as follows [2] (see Fig. 1.5):

« Track-like events: are generated by muons produced in CC v, interactions. These
muons can travel very long distances through the water or ice, producing Cher-
enkov light along their tracks, besides losing energy by ionization or collisions
with nuclei. They can even be detected when they are produced outside the de-
tector and then cross it, in which case they are referred to as through-going muons.
These muon tracks allow to achieve a good angular resolution, even better than
1°, but the energy reconstruction may be poor if only part of the track is observed,
in which case just a lower bound on it can be set.

+ Shower-like events: are generated in NC interactions of all neutrino flavors, as
well as in CC interactions of v, (all energies) and v; (E;, < 100TeV). These
showers typically extend a few meters inside the detector, and their observation
provides a good energy reconstruction. Nevertheless, they have a very poor dir-
ectionality, with the typical shower angular resolution for IceCube being about
10° for energies above 100TeV.

« Double bang events: This is a peculiar signature that can be obtained with very
high energy v;. Here, the v, CC interaction produces a 7 lepton, and the recoiling
nucleus produces a hadronic cascade, leading to the first bang. If the energy of the
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Figure 1.7: Summary of astrophysical neutrino-flux measurements. Figure taken from [21].

7 is high enough, it may travel a significant distance before it decays to produce
the second bang, the latter originating from the shower produced by the 7 decays
into hadrons (or an electron). The decay length of a 7 is 50 m (E;/PeV) so that
the two showers can be separated in space already for energies E; 2 100 TeV.

1.5.2.3 IceCube data

Using multiple years of operation, IceCube has detected a diffuse flux of astrophysical
neutrinos in the energy range from ~ 100 TeV to ~ 10PeV (see Fig. 1.6). IceCube re-
cords events at a 2.5—2.9 kHz rate. Most of these events are muons originating from CR
air showers, traversing the ice, and reaching the IceCube’s depth. Approximately one
in a million recorded events originates from a neutrino interaction. Despite this seem-
ingly low rate, it allows the accumulation of a huge sample of high-energy neutrinos
(10°yr~1), mainly of atmospheric origin. Out of these, roughly ~ 30 yr~! are identified
with high confidence as having astrophysical origin [10]. Indeed, above ~ 300 TeV, the
atmospheric neutrino flux reduces to less than one event per year, and thus events in
that energy are identified as cosmic in origin.

By measuring the high-energy astrophysical neutrinos in various detection chan-
nels, high-energy starting events (HESE, the neutrino interactions that occur within
the instrumented volume), shower-type events, and track-like events, different models
have been fitted to the data. Currently, the observed flux is well described by a single
power law parametrization [21, 3, 23]:

E —7spL
> ) (1.16)

D}to(Ey) = ¢astro<m
where ¢,,, is the normalization for each neutrino flavor at E,, = 100 TeV and yp;, the
spectral index of the single power-law. The best-fit parameters for different analyses

can be visualized in Fig. 1.7.



Neutrinos as cosmic messengers

In this Chapter, we provide an overview of multimessenger astronomy, specifically
focusing on high-energy neutrinos as cosmic messengers. We delineate the primary
mechanisms responsible for neutrino production in astrophysical contexts, particularly
the hadronic and photo-hadronic interactions involving accelerated charged particles
and surrounding matter or radiation. Additionally, we explore the correlations between
neutrinos, cosmic rays, and photons, highlighting their intricate interplay. We con-
clude by identifying key transient sources that hold promise for high-energy neutrino
observations, forming the foundation for our subsequent studies of specific sources.

2.1 Multi-messenger astronomy

Soon after the 1956 discovery of the neutrino, the idea emerged that it would represent
an ideal astronomical messenger. Having essentially no mass and no electric charge,
neutrinos are very similar to photons, except for one rather important attribute: their
extremely feeble interactions with matter. Such property is at the same time a blessing
and a curse: on the one hand, it allows neutrinos to travel from the edge of the Universe
without absorption and with no deflection by magnetic fields and reach us unscathed
from cosmic distances; on the other hand, their weak interactions make them very
difficult to detect, and requires enormous detectors, as we have already seen in the
previous Chapter.

Since Galileo invented the telescope, over the last four hundred years, our know-
ledge of the Universe has been acquired mainly via the detection of optical photons
from different astronomical objects. In the 20th century, the observational window on
the Universe extended to the radio, infrared, ultra-violet, X-ray and y-ray astronomy,
thanks to the invention of more advanced ground-based telescopes and the launch of
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Figure 2.1: Distance horizon at which the Universe becomes opaque to electromagnetic ra-
diation. Photons of the highest energy and CRs get absorbed over short distances, limiting
our view of the most violent cosmic phenomena. However, gravitational waves and neutri-
nos can traverse the Universe unimpeded, rendering them appropriate tools for exploring the
high-energy aspects of the Cosmos. Figure taken from [75].

satellites equipped with X-rays and y-rays detectors outside the atmosphere, in orbit
around the Earth.

However, if we try to observe the Universe even at higher energies, there is an
insurmountable problem we face: our visible horizon is limited to typical distances
of our galactic center. Indeed, as can be seen in Fig. 2.1, the Universe is opaque to
electromagnetic radiation with energies E,, 2 10%° eV coming from sources farther than
a few tens of kiloparsec. Such radiation becomes completely absorbed during its long
journey through space due to the pair-production process yy — e*e™ on the CMB and
the extragalactic background light (EBL). This absorption limits our ability to receive
direct information from distant or densely populated regions of the Cosmos where the
most violent astrophysical phenomena occur. Also, CRs are an unusable messenger if
we are interested in obtaining prompt information about the source producing them due
to deflection by intergalactic magnetic fields they experience during the propagation
to Earth.

The era in which photons were the only messenger particles exploited to learn about
the Universe outside our Solar system ended in 2013, with the discovery of an astrophys-
ical flux of high-energy neutrinos [6]. A further breakthrough occurred in 2015 when
another element was added to the roster of cosmic messengers: gravitational waves
(GWs), which were directly detected from the merger of two black holes by the Laser
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Interferometer Gravitational-Wave Observatory (LIGO) [31]. These events marked the
birth of multimessenger astronomy, which has the great potential of providing comple-
mentary information carried by all four messengers about the structure of astrophysical
objects and physical processes in their interiors.

The viability of time-domain multimessenger astronomy was successfully demon-
strated through coordinated observation campaigns in 2017 and 2018. These efforts res-
ulted in the discovery of GWs arising from the neutron star merger event GW170817,
associated with a short GRB (GRB 170817A) and a kilonova event (AT 2017gfo) [29, 30].
The detection of electromagnetic counterparts across various wavelengths confirmed
the correlation between neutron star mergers, short GRBs, and kilonova emissions. An-
other significant achievement in 2017 was the joint detection of the high-energy neut-
rino event IceCube-170922A and the flaring blazar TXS 0506+056 [11], being the first
time that a known source was shown to be associated with high significance (at the
~ 30 level) to an astrophysical high-energy neutrino (see Fig. 2.2 for a timeline of sig-
nificant milestones in the neutrino astronomy).

Both these events showcase the immense potential inherent in multimessenger ap-
proaches, which hopefully will enable us to address many of the key questions still
open in astrophysics. One of these questions concerns the origin of CRs. Identifying
their sources and understanding the mechanism responsible for their acceleration is one
of the most intriguing puzzles that has continued to engage the scientific community
since their discovery in 1912. In what follows, we discuss the production of IceCube
neutrinos, the connection that it is believed to exist with ultra-high energy CRs, and
the isotropic gamma-ray background detected by the Fermi satellite.

2.2 High-energy neutrino production

There is a widely accepted hypothesis that neutrinos currently detected by IceCube are
produced in the astrophysical sources responsible for the acceleration of high-energy
CRs (see Chapter 3). A simple reason for this is that we constantly observe the atmo-
spheric neutrinos, which stem from interactions between CRs and the atmosphere of
the Earth. Similarly, if the sites where CRs are accelerated, or the surrounding environ-
ment have sufficient target material to make CR interaction more efficient, they could
represent potentially observable sources of high-energy neutrinos. Atmospheric neut-
rinos mainly originate from meson decays, like pions and kaons. These mesons are
strongly suppressed at very high energies because of their interaction with the highly
dense atmosphere, which reduces the atmospheric neutrino flux. On the other hand,
if the densities inside the astrophysical sources producing neutrinos are low enough
to give the mesons sufficient time to decay, then it is natural to expect that the flux of
these neutrinos for energies 2 10 TeV would become observable at Earth.

In the following sections, we discuss the two main mechanisms via which we believe



HIGH-ENERGY NEUTRINO PRODUCTION 21

1g Pauli postulates hypothetical
eutron” particle

1930 ‘

tsfirst 102 eV cosmic ray

>corvo predicts neutrino flavor

ezinsky and Georgy T
nogenic neutrin

F for

tSurveys
Lake Baikal, Rt

First high-energy ne
Lake Baikal andat the South Pole

2013"?
ohysical neutrinc
>aterthan 10% eV

2014 |°
t energy neutrino tc
1 Big Bird (2x 10" eV)

2015 |©
I

ceCube confirms cosmic neutrir
MUON neutrinos traversing

Figure 2.2: A timeline of the main breakthroughs in neutrino astronomy, from Pauli’s neut-
rino prediction to the IceCube detection of high-energy neutrinos associated with three known

sources: the blazar TXS 0506056, the Seyfert II galaxy NGC 1068, and the Galactic plane of the
Milky Way. Credit: NASA/ESA/AVan Der Hoeven/Nick Risinger.



22 HIGH-ENERGY NEUTRINO PRODUCTION

high-energy neutrinos are produced: the hadronic mechanism (or pp interaction) when
CRs interact with the gas and the photo-hadronic mechanism (or py interaction) when
they interact with the electromagnetic radiation.

2.2.1 The hadronic mechanism

The pp interaction takes place when a high-energy CR proton or, more in general,
a nucleon in a CR nucleus collides with a proton at rest (or with a nucleus of mass
number A, which may be approximately described as an ensemble of A nucleons) in
the acceleration region or the surrounding medium. This collision produces a large
number of pions (77) and, to a smaller extent, also to some heavier mesons (e.g. kaons
K). The subsequent decay of these mesons will eventually lead to high-energy y-rays
and neutrinos. For pions, we have for example:

p+p = X+N(xt+7n +7x° (2.1)
Tt = wE /Y,
uE = e+ VeV + D/,
0 = y+v,

where N, is the pion multiplicity, and X represents all the other hadrons produced in
the interaction. When considering very high energies, the experimental observations
show that the three types of pions, 7+, 7, 7%, are produced in similar amounts (so
that their multiplicities are similar) and that they carry a small fraction of the primary
proton energy.

The kinematics governing these decay processes are such that in the pion’s rest
frame, each gamma ray originating from the 7° decay carries 1/2 of the initial energy.
Similarly, in the decay sequence of charged pions, each of the four light (anti)leptons
carries away approximately 1/4 of the initial pion energy. For the neutrino production
rate, one needs to treat separately the muon neutrinos resulting from the two-body pion

(1)

decays, v, *, and the electron and muon neutrinos from the three-body muon decay, v,

and V,L(,Z) (see Eq. (2.1)). For neutrinos produced by proton CRs we have [262]:

E

dN, * dE, E
Quora(B) = g = N /E T oo B (2, 71T 22

where Qp(Ep) is the proton differential rate (in units of E~T~1), Ny is the column
density of nucleons traversed by the emitted CRs as they exit from the source (in units
of L™2), and Opp,inel 18 the inelastic cross section for the pp interaction, which is found to
have a mild logarithmic energy dependence oy, ;e =~ (34.9 + 1.98L + 0.18I?) mb, with
L = In(E,/TeV) [262]. The adimensional functions F,  describe the yield of neutrinos
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Figure 2.3: The cross section for inelastic scattering of photons by protons as a function of
their relative energy ¢,. Figure from [153]

with energies E,, from the interaction of a proton with energy E, with the gas target.
These functions have been parameterized in [262] from the results of simulations of
pp interactions. For photons, there is an expression analogous to the one in Eq. (2.2)
but in terms of a distribution F,. It is generally assumed that the typical pion energy
is E; ~ Ep/5, and since the four particles resulting from the pion decays share similar
amounts of energy, we have that E,, ~ E;/4 ~ E,/20. One would similarly have
E, ~ E,/10 for the neutral pions. But one needs to be careful with these simplistic
estimates, since, as we have written above, the neutrinos resulting from the interaction
of a proton with a given energy, are expected to have a quite broad distribution of
energies. We point the reader to Ref. [423] for a discussion on the implications of such
an assumption.

As a final remark, we want to highlight that Eq. (2.2) holds only if pions and muons
do not lose energy before decaying, either by synchrotron emission in the presence of
magnetic fields or by interactions with the medium. Should this assumption not hold,
one would need to account for the modification of the pion spectra due to such cooling
processes.

2.2.2  The photo-hadronic mechanism

In the py scenario, an energetic proton interacts with a photon of a large enough energy
(UV, X-rays, or y-rays) and produces mesons. The simplest example is the following:

p+vy — p(n)+ 7°xH). (2.3)
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The threshold for this process is

2> g, = My + M2/ 2mpgy (2.4)

§= (pp + py)2 2 ("np(n)c2 + mncz)
The neutral pion has mass mo = 135 MeV, so the threshold is ~ 145 MeV, while for
charged pions with mass m, = 139.6 MeV, the threshold is ~ 150 MeV. There are
several contributions to the total py cross-section, as shown in Fig. 2.3.

1. Resonance production: the most likely channel that produces pions around the
threshold (at e, = 340 MeV) is the A* resonance channel, where the cross-section
is enhanced (see Fig. 2.3). In this case, a proton turns into the higher energy
equivalent particle AT (mp+ = 1.232GeV) with spin 3/2, which subsequently
decays to mesons:

n+xt 1/3 of all cases

2.5
p+7° 2/3 ofall cases 25)

p+)/—>A+—>{

This is then followed by the decay of pions into leptons and neutrinos, as in
Eq. (2.1). More massive resonances also contribute.

2. Direct production: processes with the same initial and final states as in Eq. (2.5)
can also take place in the ¢-channel, where the initial y and nucleon exchange a
meson instead of creating a (virtual) baryon resonance in the s-channel, which
again decays. py — nzt entirely dominates this channel for 0.25 < ¢, < 1GeV.

3. Multi-pion production: For €, 2 1 GeV, the dominant channel is statistical multi-
pion production leading to two or more pions.

In the resonant A production process, as in the pp scenario, the pions carry on average
about 1/5 of the proton energy, and hence one expects that the average energy of the
photons produced in the 77° decays satisfies E, ~ E,/10. In contrast, the neutrinos
from the charged pion decays would have E, ~ E,/20. This time, the total energy dis-
tributions for neutrinos and photons depend on the spectrum of the CR protons and the
target photon spectrum. Similarly to what we saw for the pp case, these distributions
can be obtained from the yields derived from Monte Carlo simulations using codes such
as SOPHIA [336] and making the convolution with the proton and photon spectra. By
assuming that the photon field is isotropic and that the muons and pions do not suffer
energy losses before they decay, one obtains [261]:

dN. dE dn h(E ) E
QB = gy = [ de FEOuE) R 0, (o) (717 (26)
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Figure 2.4: The spectral flux of IceCube neutrinos (red line for upgoing track analysis, and
magenta line for HESE analysis), diffuse extragalactic y-ray background (blue data), and ultra-
high-energy CRs (green data). The multimessenger connection is established as follows: A)
the joined production of charged pions (7F) and neutral pions (7°) in cosmic-ray interactions
leads to the emission of neutrinos (dashed blue) and y-rays (solid blue), respectively. B): cosmic
ray emission models (solid green) of the most energetic CRs imply an upper limit (calorimetric
limit) on the neutrino flux from the same sources (green dashed). C) the same cosmic ray model
predicts the emission of cosmogenic neutrinos from the interaction with CMB photons (GZK
mechanism). Figure from [46].

where ¢, is the energy of the isotropic target photons, n,, the photon density (in units

of [73), and 5 = de, Ep/ m?). The different functions @va(%,n>, which represent the
D

secondary particle distributions for a given proton and photon energy, were conveni-
ently parameterized in [261]. However, in the GRB environments considered in this
thesis (Sec. 6.2) where py interactions are the dominant neutrino production channel,
the cooling that pions and muons undergo before decaying is strong and cannot be ig-
nored when computing the final neutrino spectra. To this aim, we will follow the work
done in Refs. [296, 241], which allows us to predict the intermediate particles (pions,
muons, kaons) spectra separately and to not integrate them out.

2.2.3 Difference between hadronic and photo-hadronic mech-
anisms

The main difference between the two scenarios concerns the spectra of the secondaries
produced in the interaction. The py mechanism has a significantly high threshold for
the proton energy. Indeed, to produce the resonance A", the proton energy needs to
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satisfy the condition:

2 2

m3 —m 1MeV
By > ——P =160 —— ) GeV. (2.7)
p:t 4, £,

The resulting neutrino spectrum is then highly suppressed for E,, S Ep, ,/20. In con-
trast, given its extremely low threshold, for the pp mechanism, the neutrino fluxes can
extend to much lower energies without any suppression. Furthermore, for the py pro-
cess, the resulting neutrino and gamma spectra will strongly mirror the shape of the
target photon spectrum, while in the pp case, the secondary particles closely mimic the
distribution of the primary protons, as previously explained (see Egs. 2.2 and 2.6). So,
if a power-law describes the parent proton spectrum, the daughter particles will also
exhibit a distribution that closely resembles a power-law with nearly the same slope.

Other differences concern the relative proportion of the neutrino and y-ray fluxes
and the production of electron antineutrinos. Both are related to the amount of neut-
ral/charged pions and the type of charged pions produced in the interaction, as we will
see in the next section.

2.2.4 Connecting neutrinos with y-rays and cosmic rays

In this section, we want to briefly outline the relation between neutrino, photon, and
ultra-high energy CRs fluxes from a generic source where pp or py interactions are at
play. Let us introduce the variable K;; = N+, ,-/Njyo, denoting the ratio of charged-
to-neutral pions produced in CR interactions. If the proton energies in the py scenario
are such that the production of secondaries occurs mainly at the A resonance, then we
would have K;; = 0.5. If, however, one considers energies beyond the A resonance,
where the multipion production becomes relevant, this ratio increases and typically
tends to become K, ~ 1. On the other hand, for the pp mechanism, one has that
K, = 2 since the three types of pions are all produced in similar amounts. As previously
mentioned, neutrinos and y-rays are expected to carry 1/4 and 1/2 of their parent pion
energy, respectively. With this information, we can relate their production rate to the
one for pions as [46]:

ZEVQVO(+‘I70((EV) = 3[E7[Q7r++7'[—(E7[)]Eﬂ:4EV’ (2.8)
EyQy(Ey) = 2[E7'[ ﬂO(Eﬂ)]Eﬂ=2Ey (2‘9)

which, combined, lead to a relation between the total fluxes emitted in neutrinos and
photons:

K
2 D B2 Qu a0, (By) = “ELERQ (Bl o, (2.10)
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Note that this relation holds as long as the muons are not damped, so that the neutrino
plus antineutrino flavor ratio at the source is approximately that from the pion-decay
chain (v, : v, @ ) ~ (1 : 2 : 0), which after taking into account the oscillations 1.13,
it is approximately (1 : 1 : 1) at Earth.

There are several caveats one should keep in mind before using the above relation to
extract some meaningful information about a source producing y-rays and neutrinos:

« y-rays might be produced by leptonic processes (involving only leptons, see Chapter 4)
such as synchrotron or inverse Compton. In this case, there would be no associ-
ated neutrinos.

« y-rays might be absorbed in the source if it is thick enough, while neutrinos are
not. No direct relation between the two fluxes can be established in this case.

« y-rays might be absorbed in their route to Earth by CMB and EBL. This would de-
grade the emitted radiation through electromagnetic cascades down to energies
below a TeV. As we have seen, at PeV energies, no photons can reach us from
outside the Milky Way; at TeV energies, no photons can reach us from sources
beyond a few hundred Mpc (Fig. 2.1). In this case, the connection between the
high-energy neutrino and y-ray fluxes becomes quite indirect.

Aware of the caveats, one can analyze the observation of the two messenger fluxes to
infer information about the mechanisms operating inside single astrophysical sources
and understand the origin of observed diffuse fluxes. Indeed, it is clear that, if there is
a connection, the overall IceCube flux with energies between ~ 10 TeV and 10 PeV can
only be related to a contribution to the diffuse fluxes of y-rays below a few TeV since
their sources are expected to be extragalactic and far away. Under the assumption that
these sources are not opaque to photons, one could use the upper bounds on the diffuse
fluxes of GeV to TeV y-rays obtained by the Fermi satellite (see,e.g. [37]) to constrain the
astrophysical neutrino sources [342]. By doing so, a strong tension arises with neutrino
data at energies E,, < 100 TeV in the pp scenarios involving CR source spectra with
slope > 2.3 extending below 100 TeV (Fig.2.4). The high intensity of the neutrino flux
below 100 TeV compared to the Fermi data can be explained if considering cosmic-
ray accelerators optically thick in GeV-TeV y-rays [344]. Some sources complying with
these requirements are represented by choked GRB jets and active galactic nuclei (AGN)
cores. The data at energies 2 100TeV, on the other hand, may be accounted for by
invoking CR reservoirs, with galaxy clusters and starburst galaxies representing an
example [339].

As far as neutrino-CRs relation is concerned, this would be naturally expected, since
neutrinos result from CRs interaction with a target material (be it gas or radiation), but
it turned out not to be so straightforward. By assuming that CRs below the spectral
ankle (E < 5% 10'% eV, see Fig. 3.1) were of Galactic origin, and that CRs above ~
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10%° eV were protons of extragalactic origin the extrapolation of the ultra-high-energy
CR flux to lower energies with a power-law E~2 allowed to derive the Waxman-Bahcall
limit on the high-energy neutrino flux [499]. This limit was obtained by considering an
efficient interaction for intermediate-energy CRs (probability of interacting ~ 1) and
free escape for the most energetic ones. Everything below such neutrino flux implies
that the system is “optically thin” for the CR interaction. Remarkably, this limit was
very close to the observed IceCube flux (see calorimetric limit in Fig. 2.4) and suggested
a connection between the two messengers could hold. Nevertheless, we know today
that some assumptions made to compute this upper bound are no longer valid. In
particular, measurements from the Pierre Auger Observatory [1] indicate that cosmic
ray composition becomes heavier beyond the ankle, and it is still not clear at which
exact energy the detected flux of CRs starts to be of astrophysical origin. More refined
unified models of all three messengers have been put forward [350, 171], but these still
need to be tested by next-generation neutrino detectors such as IceCube-Gen2 as well
as gamma-ray telescopes such as CTA.

2.3 Transient source candidates of high-energy
neutrinos

We have already mentioned some of the candidate sources proposed to explain the
neutrino flux observed by IceCube, like starburst galaxies, clusters of galaxies, or the
cores of AGN. These are all examples of steady sources, which emit for very long times
compared to the human lifetime. Indeed, as of today, after TXS 0506+056, the second
most significant association of high-energy neutrinos with an astrophysical object has
been reported for the Seyfert II starburst galaxy NGC 1068 (a starburst galaxy with a
central AGN obscured by a dusty torus) [18]. In addition, recently, an emission of neut-
rinos with energies < 100 TeV has been identified from the Milky Way at the 4.5 o level
of significance [22]. This signal is consistent with modeled diffuse emission expected
from CRs interacting with the interstellar medium in the Galactic plane of the galaxy.
However, the focus of this thesis, as the title suggests, is on transient astrophysical
objects, which hold significant promise for neutrino detection using the current and
future IceCube-like facilities. There are several reasons for this:

« Enhanced neutrino emission: Transient events are often characterized by intense
and short-lived bursts of particle acceleration and energy release. This results in
a higher likelihood of producing high-energy neutrinos through various mech-
anisms, such as photohadronic and hadronic interactions. These energetic neut-
rinos are more easily detectable due to their higher flux and distinct energy spec-
trum.
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 Reduced background: Transient events have a well-defined time window during
which the neutrino emission occurs. The focused and rapid emission can signific-
antly reduce the atmospheric background and make it easier to identify neutrino
signals.

« Localization: Transient events can often be localized in the sky with relatively
high precision, especially if they are also observed through electromagnetic or
gravitational wave observations. This allows IceCube and other neutrino obser-
vatories to narrow down the search region for potential neutrino sources, im-
proving the chances of detection.

« Multimessenger approach: Transient events are excellent for multimessenger stud-
ies, where data from various observations (neutrinos, electromagnetic radiation,
gravitational waves) are combined. This holistic approach provides complement-
ary information about the astrophysical processes involved, aiding in source iden-
tification and a more detailed understanding of their physics. Indeed, IceCube
developed a real-time alert system that rapidly sends astronomical coordinates
of the detected neutrinos to the Gamma-ray Coordinate Network (GCN) for po-
tential follow-up by different astronomical telescopes. This is a powerful way to
identify the sources of high-energy neutrinos.

Having hopefully conveyed the potential inherent in transient sources, let us now
briefly present some of the transient candidates expected to be sources of high-energy
neutrinos [317, 343] (see Fig. 2.5):

« Flaring blazars: blazars are a subclass of AGN with bright relativistic jets eman-
ating from the nucleus and pointing close to the observer’s line of sight. Given
the favorable conditions for particle acceleration in their strong jets, they were
one of the first sources to be proposed as CR factories. Their spectra, which ex-
tend from radio to y-ray band, present two bumps, one at low and one at high
energies. In lepto-hadronic models, the second bump can stem from the elec-
tromagnetic cascades of the hadronic secondaries produced in the interaction of
the co-accelerated protons with the jet environment. Neutrinos are thus a by-
product of this interaction. It is known that blazars are highly variable objects,
so it is natural to search for correlations between neutrino detections and the
fluctuating states observed across a broad spectrum of wavelengths (especially
radio, X-rays, and y-rays).

« Tidal disruption events: a tidal disruption event (TDE) occurs when a star
following a Keplerian orbit gets too close to a supermassive black hole (SMBH),
leading to its complete disintegration due to the tidal forces exerted by the SMBH.
Subsequently, the fragmented stellar material is accreted towards the SMBH at
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a super-Eddington rate, resulting in a distinct flare lasting for several months to
years [414]. TDEs are among the brightest transients occurring in the Universe.
By emitting radiation across a wide range of wavelengths from optical to X-rays,
they serve as exceptional tools for investigating quiescent SMBHs located at the
cores of distant inactive galaxies. Several regions around the SMBH -like relativ-
istic jets, disks, disk coronae, or the wind/outflows launched as a consequence of
strong accretion [234] - have been proposed as sites of acceleration of CRs and
thus the production of high-energy neutrinos.

« Neutron star mergers: During the merger of two neutron stars, a portion of
their mass undergoes tidal disruption, creating a disk around the newly formed,
central compact object. The central object eventually collapses into a black hole.
The accretion of the surrounding material into the black hole can drive relativistic
jets and outflows. These jets are responsible for the observed short GRBs (sGRBs),
as confirmed by the detection of GRB 170817A in coincidence with the GW event
GW170817 [31]. Neutrinos are expected to be produced inside the relativistic jet
via photo-hadronic interactions [467].

+ Interaction-powered supernovae: stars with a mass greater than 8 M, at the
end of their lives explode as a supernova (SN). In the explosion, a fraction of
the SN ejecta’s gravitational binding energy is converted into kinetic energy. A
strong shock between the ejecta and the circumstellar medium is expected to
develop and accelerate protons to relativistic energies if a very dense ambient
material surrounds the SN. Such protons then collide with the ambient particles
and can lead to the production of GeV-TeV neutrinos via pp interaction, as we
will better see in Sec. 6.1.

+ Choked jets: If the progenitor star has enough angular momentum, the cent-
ral compact object that forms after the final collapse can produce a relativistic
jet. If such a jet is not energetic enough to make its way through the dense stel-
lar envelope, it gets choked inside the star. Here, if the conditions for efficient
acceleration of particles are fulfilled, 10-100 TeV neutrinos can be produced.

« Long y-ray bursts: if the jet produced by the collapsing star is powerful enough,
it can get out of the stellar envelope and manifest itself through the production
of an extremely energetic long y-ray burst (LGRB) event. Again, the accelerated
particles inside the jet can produce quite energetic neutrinos mainly via py inter-
actions, as we will see in Sec. 6.2.

In Chapter 6, we will, in particular, focus on interaction-powered supernovae and
LGRBs.
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Figure 2.5: Illustrative picture of the most interesting high-energy multimessenger transient
sources. Figure from [46].



Particle acceleration

In the previous chapters, we have seen that charged particles of very high energies
are necessary to explain the origin of neutrinos routinely detected by the IceCube Ob-
servatory. It is clear that the extraordinary energies in CRs that we observe on Earth
(Fig. 3.1), covering approximately 11 orders of magnitude from a few GeV up to a few
times 1029 eV, and the almost perfect power-law behavior of their spectrum, cannot be
explained by thermal phenomena. Hence, these CRs must have undergone some form
of acceleration, and in this Chapter, we delve into the mechanisms that allow such accel-
eration. We first introduce the reader to the original idea of particle acceleration presen-
ted by Fermi, which relies on stochastic collisions of particles with some scatterer cen-
ters. Then, we describe its modern application in the context of non-relativistic and re-
lativistic shocks produced by supersonic hydrodynamic outflows. Finally, we conclude
by briefly presenting the phenomenon of magnetic reconnection, which, analogously
to shocks, can produce non-thermal relativistic particles. The acquired knowledge will
be exploited in the Chapter of our results.

3.1 Acceleration principle

The mechanism of acceleration of charged particles is believed to be connected to elec-
tromagnetic fields present in astrophysical sources or within the interstellar medium
(ISM). In general, the average electric field equals zero since the motion of free particles
makes it difficult to maintain large electrostatic fields in the mostly ionized media com-
mon in astrophysical systems. Nevertheless, transient electric fields can be produced
due to localized time-varying magnetic fields, and notably, strong and enduring electric
fields are predominantly observed in the proximity of fast-rotating magnetized objects
like pulsars.
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Figure 3.1: Cosmic-ray spectrum measured by different experiments from 10'4 eV up to beyond
10%° eV. From PDG.

On the contrary, magnetic fields are ubiquitous in all astrophysical sources with
high-energy phenomena, including the ISM. These fields are commonly invoked in
almost all theoretical models of cosmic-ray acceleration. At first glance, this state-
ment may appear perplexing since the Lorentz force F = qu X B does not perform
work and thus should not be directly invoked to accelerate particles. However, a time-
varying magnetic field generates an electric field, as expressed by Maxwell’s equation,
V x E = —3B/dt. Furthermore, a magnetic field B ina given reference becomes a
combination of a magnetic field B and an electric field E in another reference frame
moving relative to it, due to Lorentz transformation of the electromagnetic tensor Fy,,.

Therefore, it is important to highlight that what we will present primarily relies on
describing the electromagnetic field in a specific astrophysical medium using a pure
magnetic field. This choice is solely for practical convenience since it makes calcula-
tions easier. In principle, it is always possible to describe the same process using electric
fields, which are physically responsible for the acceleration of charged particles. Given
the magnetic nature of the acceleration, it is useful to define here the Larmor radius (or
gyroradius) of the particle, 5, = p/(ZeB), where Ze is the charge of the particle, p the
momentum, and we assumed that particle velocity and magnetic field are perpendicular.
For relativistic particles with energy E = pc, it becomes

__E
L™ ZecB"

(3.1)
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This gives the first constraint on acceleration mechanisms: the acceleration site must
have a size R larger than .

3.2 Fermi acceleration mechanism

The Fermi mechanism is historically the first discovered acceleration process. It was
first proposed by Fermi in 1949 and was based on the fact that the ISM is filled with
“clouds” of ionized gas in random movement with respect to the “Galactic frame”. These
clouds carry a magnetic field and can in principle, reflect the incoming charged particles,
acting as “magnetic mirrors” !, accelerating them to high energies [175] (see Sec. 3.4.2
for more details on the role of the magnetic field as a scatterer center of charged particles).

Let us assume that a charged particle, with a velocity v, “hits” a steady cloud, as
shown in Fig. 3.2. The particle is reflected with the same velocity and no net energy
gain as it would be on a wall. Let us now assume that the cloud is moving with a
velocity V toward the particle (which still has a velocity v with respect to the Galactic
frame). In the cloud frame, the particle has a velocity v + V, and, assuming a perfectly
elastic collision, the particle is reflected with the same (but opposite) velocity. Back
to the Galactic frame (adding V to the particle velocity in the cloud frame), due to the
head-on collision between the particle and the cloud, the particle has been accelerated
to a velocity v+ 2V. Let us now consider the cloud going away from the particle with a
velocity V with respect to the Galactic frame. With the same calculation, we conclude
that in the Galactic frame, the particle has been decelerated to a velocity v — 2V after
the collision.

The essential idea behind Fermi’s acceleration mechanism is thus clear: particles
will be accelerated by each encounter with a magnetic cloud coming toward them and
decelerated by the encounters with magnetic clouds going away from them. The energy
gain (or loss) for each encounter can be calculated by a double change of reference
frame, Galactic frame — cloud frame — Galactic frame. Note that in this representation,
the only role of the magnetic field is to function as a reflection agent. In its absence,
the particles would go through the moving cloud without any energy change (ignoring
the interaction with the cloud particles). This means also that the energy gain should
be independent of the magnetic field, as we will see later.

'"When a magnetic field remains relatively constant over one Larmor gyration, a particle conserves its
magnetic moment, denoted as it = p3 /B, where p, represents the momentum component perpendicu-
lar to the magnetic field. Since magnetic fields do not perform work, the total momentum, p? = p? + pﬁ,
remains constant as well. Consequently, when a particle encounters a region with a stronger magnetic
field, its p, must increase, leading to a decrease in py;. If the magnetic gradient is sufficiently pronounced,
the particle may eventually halt before reversing its motion. This phenomenon, known as magnetic mir-
roring, can be considered an effective mechanism for scattering particles within non-uniform magnetic
fields.
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Figure 3.2: Left: The particle and the cloud velocities are opposite in direction. The particle
gains energy in head-on elastic scattering. Right: The particle and the cloud velocities are in
the same direction. The particle loses energy in the elastic scattering.

3.2.1 Energy gain in the particle-cloud encounter

We assume that inside the cloud, the scattering of particles is due to magnetic irregu-
larities, which can only change the direction of the particle and perform no work on
it (see Sec. 3.4.2), meaning that in the cloud frame, the scattering is purely elastic. Fur-
thermore, we consider that particles are ultra-relativistic (i.e., E ~ pc). Our system is
described in 2D and is shown in Fig. 3.3: the particle enters the cloud with angle 6; with
respect to the cloud velocity V and is isotropized by the magnetic turbulence so that
the angle of the particle escaping from the cloud 6, is random. By using the primed
quantities for the cloud frame and the unprimed ones for the Galactic frame, we have
that energy of the particle in the double change of reference frame transforms as:

E!

14

E,

TE;(1 — B cos6;) (3.2)
TE,(1 + B cos6)). (3.3)

where 8 = V/c, T = (1 — V?/c?)71/2 is the Lorentz boost factor of the cloud in the
Galactic frame, i and o refer to the properties of the incoming and outgoing particle,
respectively. Since the particle does not gain or lose energy, we have that E, = E;, and
we get:

E, = T%E(1—pfcos8)(1+ Bcosb,) (3.4)
N AE _ E,—E _ 8% — B cos6; + B cos B, — B? cos ; cos O, (3.5)
E E; 1- 32

We need to average the above equation over the incoming and outgoing directions to get
the mean energy change. For gas clouds, the outgoing angle is uniformly distributed in
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Figure 3.3: Schematic view of the “interaction” of a charged particle with a magnetic cloud.
The particle enters the cloud and is isotropized by the magnetic turbulence.

the cloud frame since there is no preferred direction at all, which means that (cos 6,) =
0. Hence, it remains to calculate (cos 6;). If the clouds are uniformly distributed, the
probability of having an encounter with incidence angle 6; should be proportional to
the relative velocity between the particles and the cloud: P(6;) & ¢ — V cos 6;. We then
have:

1
(cos 6) = J_1 cos 6;(1 — B cos 6;)d(cos &;) _ _2/35 _ _E (3:6)

f_ll(l — B cos 6;)d(cos 6;) 2 3
By substituting this result in 3.5, we finally get:

AE\ _ B*+p*/3  4p
<F> T 1-pr 37
This result shows that the average gain in energy is indeed positive and demonstrates
that the famous Fermi’s mechanism is truly an acceleration mechanism for charged
particles. All the point (which might seem counter-intuitive at first sight) is that head-
on collisions are on average more frequent, leading to an average gain rather than loss
of energy . Nevertheless, the increase in energy is only second order in f3, and this

(3.7)

2What is the reason behind the higher occurrence of head-on collisions? To grasp this concept, let
us draw a simple and familiar analogy. Imagine a bustling marketplace with people moving in various
directions. Now, consider a person walking through the crowd. It becomes apparent that they are more
likely to come across individuals approaching from the opposite direction than those moving in the same
direction. It is all about the relative velocities involved, and a similar reasoning applies to magnetic
clouds. Moreover, in the marketplace scenario, if the surrounding individuals are walking slower, the
number of people encountered and those overtaken will be smaller. This parallel holds for magnetic
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is why this mechanism is also often called second order Fermi mechanism, or stochastic
acceleration. It is not very efficient, as typically V' <« c. Although Fermi’s original
discussion considers clouds, subsequent elaborations have instead considered scatter-
ing off magnetohydrodynamic waves, in which case the relevant velocity becomes the
Alfvén speed, V = V; = B/4y/4mp, where B is the magnetic field and p the particle dens-
ity. For interstellar magnetic fluctuations V' ~ 1 — 10km/s, so that ~ 1010 collisions
would be needed just to double the particle’s energy. This is where Fermi’s original idea
of accelerating CRs in interstellar turbulence quantitatively fails: it is just too slow.

However, one could show that if all the collisions were head-on, the average over
P(6;) would be only on values cos6; < 0, and the energy gain would be dominated
by the second term in Eq. (3.5), which is proportional to § (first-order Fermi mechan-
ism), rather than 2. A mechanism providing only head-on collisions is likely a good
candidate for cosmic-ray acceleration.

During the late 1970s, multiple authors independently recognized that the “astro-
physical shocks” provide in principle such a mechanism, known as Diffusive Shock Ac-
celeration (DSA). This process relies on the repeated scattering of particles across the
shock, which, through multiple head-on collisions, can gain energy with exceptional
efficiency. Before delving into the details of particle acceleration, we provide a concise
overview of the main properties of shocks in the next section.

3.3 Shock hydrodynamics

We know that shocks are ubiquitous in the Universe, from our Solar system to more
extreme environments like supernova remnants, AGN, or GRBs. These shocks exhibit
particle acceleration, as evidenced by radiation detection across a wide spectrum, from
radio frequencies to gamma rays. Such radiation is commonly attributed to the energy
losses of accelerated electrons.

Astrophysical shock waves adhere to the same macroscopic principles as their ter-
restrial counterparts. They originate from outflows that propagate with velocities ex-
ceeding the local speed of sound *. However, unlike “terrestrial shocks,” the key dis-
tinction lies in the predominantly collisionless nature of astrophysical shock waves.

clouds as well.

3In general, any perturbation in a fluid (like an aircraft) causes a wave to propagate at the speed of
sound in the medium. This ensures that the disturbance information spreads throughout the fluid so that
it can react to it promptly and appropriately. This means that alterations in macroscopic quantities, such
as pressure and temperature, occur in an adiabatic manner. However, if the source of the disturbance
moves faster than the sound speed, it can outpace the sound wave. In this scenario, the fluid can no
longer react adiabatically and undergoes a sudden change, a shock. This shockwave forms a transitional
zone between the already shocked fluid and the fluid that has yet received no information about the
disturbance.
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Indeed, the shock formation and energy dissipation processes do not occur through
particle collisions or Coulomb interactions but rather through the interaction between
particles and the ambient magnetic field. In the absence of these fields, supersonic
outflows would effortlessly pass through the ambient medium without any noticeable
shock formation.

3.3.1 Jump conditions

When a shock wave propagates through a medium, such as the ISM, it is important to
distinguish between the downstream region (the region that has already been shocked)
and the upstream region (the region of space ahead of the shock that has not been
shocked yet). The hydrodynamics of a stationary, non-viscous, and non-relativistic
fluid is described by classical equations for the conservation of mass, momentum, and
energy. In the case of a one-dimensional shock, these equations yield a solution where
physical quantities exhibit a discontinuity across a surface, accompanied by an increase
in entropy.

Let us consider the frame of reference within the shock front to analyze the shock
dynamics. We assign the subscript “1” to denote upstream physical quantities and sub-
script “2” to denote downstream physical quantities in the shock frame (see Fig. 3.4).
The density, pressure, temperature, and flow velocity in both media (o;, P, T;, V) are
determined by the conservation relation at the shock. Shocks that satisfy the con-
servation of mass, momentum, and energy are said to be adiabatic. For stationary
shocks, the three thermodynamic conservation equations, which establish the relation-
ship between downstream and upstream quantities, read as [374]:

« mass conservation: p,V, = o1y

« momentum conservation: B, + p,V5% = B + p; {2

. 1 P 1 P
« energy conservation: —sz +e+ 2= —V12 +e + =
2 P2 2 1

and can be expressed by the so-called Rankine-Hugoniot jump conditions:

14 (y + HM? y+1

P2
E-:—: 3.8
X I % (7—1)M2+2_)y—1 (38)

B _2yM*—y+1 . 2yM?
B y+1 y+1

(3.9)

L _ RyM —y+ [y - DM +2] 2y —1)
T, (y + 1)2M2 (y + 1)2M2

(3.10)
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where for an ideal gas, the pressure is B = (y — 1)p;e;, T; is the temperature *, and e;

: . 1 P : .
is the energy density given by ¢; = — —. We have introduced the compression factor
r-1p;i

between the downstream and upstream (iensity X = p,/p; and the sonic Mach number
M = V/cg 1, where the sound speed is defined as ¢; = 4/yP/p. The asymptotic values
for M2 > 1 are also reported after the — symbol. y = cp/cy is the adiabatic index of
the gas, and the typical values are y = 5/2 for an ideal, monoatomic gas, and y = 7/5
for an ideal diatomic gas. Generally, y = 4 for any strong shock, and both the pressure
and temperature jumps are proportional to M2, meaning that a strong shock can heat
the downstream plasma very efficiently. Astrophysical shocks are often very strong, so
we expect shock dynamics to often be in such a regime.

3.4 Diffusive Shock Acceleration

As previously mentioned, despite its shortcomings, the Fermi mechanism is the found-
ation for many modern acceleration mechanisms that have been proposed following
Fermi’s groundbreaking work. Around the same time, several authors introduced DSA
as a way to achieve a first-order Fermi acceleration, which offered the additional advant-
age of enabling the “cloud” velocity to reach substantial values (e.g., V' ~ thousands of
km/s for supernova remnant shocks). This elegant process effectively overcomes most
of the challenges the original Fermi mechanism faces.

3.4.1 Principle of Diffusive Shock Acceleration

Let us assume for the moment that the shock is non-relativistic. Concentrating only
on the velocity discontinuity, we can easily understand the interest of shock waves for
particle acceleration. In the shock frame, the upstream medium is coming toward the
shock with a velocity V| (note, of course, that { = V};, where V}, is the shock velocity).
Passing through the shock, the gas slows down, and the downstream medium moves
away from the shock with a velocity V5 = V,/x (see Fig. 3.4).

Let us now consider an observer at rest in the upstream frame. He sees the shock
and the downstream medium approaching with velocities | = V,and AV = -1, =
(XT_I)VS}I, respectively. For an observer at rest with respect to the downstream fluid, the
shock is going away with the velocity 15, but the upstream medium is coming toward

the observer, again with velocity AV = — |} = (X—_I)I{h.
X

“Since particles are accelerated at the shock front, both upstream and downstream are not in strict
thermal equilibrium. So Tj introduced can be understood as effective temperatures that define the mean
internal specific energy density in the two streams.
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Figure 3.4: Upper left: A strong shock wave propagating at a supersonic velocity V};, through
stationary interstellar gas with density p;, pressure B, and temperature Tj. The density, pres-
sure, and temperature behind the shock are p,, B, and T, respectively. Upper right: The same
situation is seen in the reference frame where the shock front is at rest. In this frame of ref-
erence, the upstream-to-downstream velocity ratio is {/V5 = yx. For a fully ionized plasma,
X = 4. Lower left: The gas flow is observed in the frame of reference in which the upstream gas
is stationary, and the velocity distribution of the high-energy particles is isotropic. Lower right:
The gas flow as observed in the frame of reference in which the downstream gas is stationary
and the velocity distribution of high energy particles is isotropic.
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In a situation where both the upstream and downstream media are magnetized, a
particle arriving from the upstream medium and passing through the shock would per-
ceive the downstream medium as a “magnetic cloud” moving towards it (a cloud with
a velocity AV relative to the upstream fluid’s rest frame). Similarly, a particle from the
downstream medium passing through the shock would view the upstream medium as a
“magnetic cloud” approaching it (with a velocity AV relative to the downstream fluid’s
rest frame). Consequently, a particle that crosses the shock multiple times, such as
moving from upstream to downstream and back upstream, can gain energy by interact-
ing with these moving “magnetic clouds.” The crucial distinction from Fermi’s original
mechanism is that all the collisions occur head-on in this configuration. In addition,
the Alfvén wave velocity V4 ~ 10km/s is now replaced with AV ~ 10*km/s. This sug-
gests that the process involving charged particles cycling across a shock front could be
significantly more efficient than Fermi’s original proposal. To validate this assertion,
we must calculate the energy variation experienced by a charged particle during a cycle
upstream — downstream — upstream.

3.4.2 Magnetic field amplification

Before proceeding, let us briefly summarize the role of the magnetic field in the accel-
eration process at shocks (see reviews [306, 313, 111] for details and references):

1. Shock formation: The shock formation itself generates magnetic turbulence and
instabilities in the surrounding plasma.

2. Plasma instabilities: The diffusive flux of energetic particles upstream of the
shock is expected to drive plasma instabilities. Such streaming instabilities may
lead to rapid growth of different modes, either resonant (or Alfven instability), so-
called because it grows at wavenumbers resonant with the Larmor radius of the
streaming CRs (saturating at SB/B ~ 1, where JB is the turbulent magnetic field),
or non-resonant (Bell instability), which grows faster than the resonant instabil-
ity at wavenumbers non-resonant with the Larmor radius. The basic physics of
the Bell instability is that a return current —fcr produced in reaction to streaming

CRs stretches and distorts the magnetic field via a —fcr X B force.

3. Magnetic field amplification: the turbulence and instabilities generated by the
above processes stretch and twist the magnetic field lines, causing a change in the
topology and an amplification of any pre-existing magnetic field. For example,
numerical simulations have shown that the non-resonant instability can grow
exponentially and amplify the magnetic field up to §B/B ~ 10 — 100.

4. Particle scattering: The amplified turbulent magnetic fields act as magnetic scat-
terers. The scattering process randomizes particle trajectories and enables them
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to cross the shock front multiple times, gaining energy with each crossing through
diffusive shock acceleration.

It is important to note that the generation of magnetic turbulence and instabilities in
shocks is a highly complex and nonlinear process. The details can vary depending
on the specific astrophysical environment, the shock properties, and the plasma condi-
tions. Understanding these processes requires sophisticated theoretical models, numer-
ical simulations, and observations in various astrophysical contexts.

3.4.3 Energy gain after a cycle upstream-downstream-upstream

To calculate the mean energy gain experienced by a charged particle during a cycle
upstream — downstream — upstream, we need to make the following assumptions to
define the framework of our calculation:

« The shock is an infinite plane.
+ The upstream and downstream media have an infinite spatial extension.
« The relevant physical quantities are in a steady state.

+ The energetic charged particles are isotropized upstream and downstream of the
shock reference frames.

« The shock is non-relativistic (V}, < c), whilst the charged particles are relativistic
(v=ec).

For this calculation, we use unprimed quantities for the upstream frame and primed
quantities for the downstream frame. Let 6; be the angle between the particle velocity
v and the shock normal at the initial shock crossing in the upstream frame, and 6 the
angle of the particle with the shock normal in the downstream frame, when crossing
the shock back to the upstream medium, as depicted in Fig. 3.5 On a cycle upstream —
downstream — upstream, the fractional gain corresponds to (see Sec. 3.2.1)

AE _ Ey—E _ f?—fcos6 +fcos6; — B cosé cos b (3.11)
E B 1- 2 .

with B = AV/c this time. To get the mean fractional gain, we need to average again
on cos 6; and cos 65, so we need to know the probability of crossing the shock with an
angle between 6 and 6 + d6. Assuming a particle density n,, the number of particles
crossing the shock with velocity ccos 6, an angle between 6 and 6 + df, through a
surface dS during a time dt is d*N = nyccos 6dQdSdt = (ny/2) c cos 6 sin 6d0dSdt.



DIFFUSIVE SHOCK ACCELERATION 43

Figure 3.5: Schematic view of a cycle as seen in the shock rest frame: the particle initially in
the ISM (upstream medium) enters the shocked medium (downstream medium) with an angle
0, with respect to the shock normal 7, it is then isotropized by the magnetic turbulence in the
downstream medium and reflected back to the upstream medium with an angle 6. Here, the
particle will eventually be isotropized and scattered back across the shock to start a new cycle.

The probability of crossing the shock with an angle between 6 and 6 + d© is thus
proportional to cos 8 sin 6d6. We then have:

6 max

2 [l cos3 6]

Jo o cos? O'sin 8dO 3 6.

(cos 0) = N = T (3.12)
femin cos 0 sin 6d6 [% cos? 6]

[¢)

For the particle to cross from upstream to downstream, one needs 6,;, = 7/2 and
Omax = 7 (the shock and particle velocities are antiparallel), leading to (cos 6;) = —2/3,
while for the crossing from downstream to upstream, it is necessary that 6,;, = 0 and
Omax = 7/2, which gives (cos 65) = 2/3. Since AV < ¢ (V, < ¢), we neglect terms in
B?% in Eq. (3.11), and finally get the fractional energy gain for one cycle:

AEN _4W-V _4 (X—1)=
<E>_3 =3l )=a (3.13)

As anticipated, DSA proves to be an acceleration mechanism ((AE/E) > 0) that results
in an energy gain proportional to 8, marking a significant step forward compared to
the original Fermi mechanism. Consequently, DSA is commonly referred to as the first-
order Fermi mechanism for obvious reasons.

3.4.4 Power-law particle distribution

Once the mean energy gain from a single cycle upstream — downstream — upstream
is computed, the next step involves estimating the number of cycles that particles can
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undergo before “leaving the system.” It is crucial to identify the mechanism that limits
the number of cycles a particle can achieve and thus estimate the probability of escape
from the “acceleration region”

In the context of our assumptions (infinite media upstream and downstream, and
steady state), particles lack any means of escaping upstream of the shock. Due to the
isotropization of the accelerated particles by ambient magnetic fields, the fluid of accel-
erated particles exhibits no net velocity with respect to the rest frame of the medium
(either downstream or upstream). Consequently, in the upstream medium frame, the
shock ‘chases” the particles, leading to a return probability of 1 and an escape probab-
ility of 0, while in the downstream medium, the shock moves away with a velocity of
V5 = V4 /x. This means that the accelerated particles are slowly advected away from
the shock on average. To estimate the escape probability, one can compare the flux of
particles being advected far away from the shock with the flux of particles entering the
downstream medium by crossing the shock from the upstream medium.

The key characteristic of DSA lies in its ability to accelerate particles with a spec-
trum that remains entirely independent of the specific details of particle scattering. This
property has been elegantly demonstrated through Bell’s insightful approach [79]. Let
us consider N test particles with an initial energy E, injected into a generic accelera-
tion mechanism, denote E = GE; = (1 + a)E; and 1 — P as the average energy of the
particle and the probability that the particle leaves the accelerator after one round trip,
respectively. After one cycle, there will be NyP particles with a mean energy of GE,,.
Similarly, after k steps, there will be N = NyP¥ particles with energy > E = E,G*. By
eliminating k = In(N/N,)/In P = In(E/E,)/ In G, we obtain

Q
N E E _ InP

We need to calculate P. Let us focus on the escape probability P, = 1 — P and consider
the accelerated particle density ny. Due to the global advection of the downstream fluid
away from the shock front with a velocity 15, the flux of accelerated particles passing
through a unit surface very far away from the shock is ¢.,. = nyV5. On the other hand,
for an isotropic flux, the number of particles per unit surface and unit time crossing
the shock from upstream to downstream is ¢, down = %c. The escape probability is

then simply the ratio By = $ese/Pup—down = %Bsh. We now have everything we need
to predict the slope of the accelerated particle spectrum:

In (1 — Pesc)

Q= ———~. (3.15)

n(i+)

Since the shock is non-relativistic, By, < 1 = R, < 1 and a < 1, which leads to
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Q = —R,./a = 3/(x — 1). Note that Q corresponds to the spectral index of the integral
energy spectrum (i.e., the total number of particles with energy larger than E). Hence
we have that

-k

_ _dN(ZE) _ No( E _xX+2
N(>E) = /; n(E)dE = n(E) = —p = (k — 1)E—Z<E—O) k= P (3.16)

(e8]

The spectral index k we obtained depends only on the compression ratio y = {/15.
This means that for a monoatomic gas and any strong shock (i.e., a shock for which
V/c, > 1), one always gets y = 4, and the slope of the power-law is k = 2. Namely, it
is “universal”. We stress that our derivation holds for relativistic particles and non-
relativistic shocks. When the shocks are relativistic [96, 335], or when shocks are
strongly magnetized and the magnetic field is quasi-perpendicular to the shock nor-
mal [267, 81], instead, the assumptions that the CR distribution is isotropic in the fluid
frame should be relaxed, in general leading to spectra that deviate from the universal
one and depend on the details of the scattering process.

3.4.5 Relativistic shocks

So far, we have outlined the acceleration of particles at non-relativistic shocks. Since in
this thesis, we will talk about relativistic jets in the context of GRBs, in this section, we
introduce the formalism necessary to describe shocks with velocities in the relativistic

regime. The general expression for sound speed can still be expressed as ¢, = , / E,
)
except that the “effective” density now includes all the internal energy and pressure, i.e.
h e+ P 1 vy
_h_ - -7 p 3.17
P c2 Po + c2 pO+C2}/—1 ( )

Hence, we get:

yP VYP/po P < pyc? (non relativistic)
C,=¢C m T ey -1 % P> poc? (relativistic), (3.18)
y—1

where y = 4/3 has been used in the relativistic regime. If the fluid speed exceeds this
relativistic sound speed, i.e., I' > 1/3/2 ~ 1.225, a relativistic shock will develop. If we

now define the specific enthalpy density (enthalpy density per particle):

h*zﬁznmcz+e+P=m02+ y P

- ” —t (3.19)

with m being the mass of the particles constituting the fluid, we can write the revised
Rankine-Hugoniot conditions for a hydrodynamic relativistic shock in the rest frame
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of the shock as follows [520]:

mWs = nly (3.20)
Lshy = Dihy, (3.21)
B B
hqV —— = h,V _— 3.22
«1Ns T i w2 Vs T o (3.22)

Here, we again adopt three reference frames: the upstream frame “1”, the downstream
frame “2”, and the shock front frame “s”. So, for example, I}, stands for the relative
Lorentz factor between the upstream and downstream, and I3 stands for the relative
Lorentz factor between the upstream and the shock front.

In many problems (e.g., the afterglow problem in GRBs), the unshocked upstream is
cold so that e; = B = 0, h, = mc?. The jump conditions then become:

= = (I; — Dmc? (3.23)
ny

n, 7F21 +1

—_ = — 3.24
n1 =1 (3.24)

Ly + Dy — 1) +1)?
r2 (T + D[y(Ty ) +1] (3.25)
yQ—y)ITh —1) +2
For strong relativistic shocks, where I;; > 1, one has:

62 = (F21 — 1)1’12}’}’12 o~ F211’12m02 (326)
n, = 4F21n1 (327)
3
F].S ~ \/§F21 and FZS >~ Z\/E’ (328)

where we have used that y = (4I3; +1)/(3I};) °. We thus see that a relativistic shock is
much stronger than a non-relativistic one, with downstream relativistic “temperature”
of the order of Ty;mc?, and a compression ratio of y = 4I5;. We can interpret what
we have just found in the following way: a downstream (region 2) observer sees a cold
upstream (region 1) moving towards the observer with a bulk Lorentz factor I5;. After
passing the shock, this bulk motion is converted to a random motion of the particles in
the downstream rest frame with the Lorentz factor of the same order. From the above
equations, we also have that e, ~ 4L4n,mc?, which is about 4I’4 times the upstream
rest mass energy density.

. . . T+1 =
’It can be shown that in general one may write P = ke, with k¥ ~ 3%, where I' is the average
Lorentz factor of the gas particles.

5 —
. =, I' ~ 1 (nonrelativistic)
' +P 4r+1 )
From this we have y = 2 = &= =y 41 22 ~ 13
3

cy e 3r , I' > 1 (relativistic)
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3.4.6 Particle acceleration in relativistic shocks

As pointed out in Sec. 3.4.2, there is an interdependence between the shock structure,
the generation of energetic particles, and the generation of turbulence. The penetration
of energetic particles in the shock precursor generates magnetic turbulence, providing
the scattering process needed for particle acceleration through the Fermi process. This
successful development first elaborated on non-relativistic shocks and inspired similar
investigations for the relativistic ones. Since the particles gain much more energy for
each crossing, efficient acceleration was expected. However, in ultra-relativistic shocks,
there are some difficulties. Indeed, as we have seen, the particle drift downstream of the
shock implies that more particles are moving downstream than upstream (P, « Sg),
and this anisotropy is of the order of S, when measured in the downstream frame [263].
Thus, while particle anisotropy is negligible for non-relativistic shocks, the distribution
becomes highly anisotropic in the relativistic case, implying that one must simultan-
eously determine the spectrum and the angular distribution of the particles, which is
the main difficulty underlying the analysis of test particle acceleration when the shock
is relativistic. Semi-analytical studies of relativistic shock kinetic theory suggest that
particles can be accelerated to a power law and that the derived power slope is quite
“universal”. Assuming isotropy in the downstream, [263] found a generalization of the
non-relativistic k = (y + 2)/(x — 1) (see Eq. (3.16)):

;Bls - zﬁlsﬁgs + 2;82s + ﬁ23s
;815 - ;82s ’

which reduces to the non-relativistic expression, once S5, f2s << 1 are assumed. For
ultra-relativistic shocks, 815 >~ 1 and 5,5 =~ 1/3, implying k ~ 20/9 ~ 2.22. We see that
the primary distinction in the relativistic scenario is that the energy spectrum becomes
steeper compared to the non-relativistic case. Various studies have found different
values for the spectral index. For example, [36] derived k ~ 2.2 — 2.3 for various
input parameters. k ~ 2.3 was found for parallel (where the upstream magnetic field
direction is parallel to the shock normal direction) relativistic shocks through Monte
Carlo simulations [165]. Even steeper spectral indices k ~ 2.4 resulted from particle-
in-cell simulations [445].

k =

(3.29)

The steeper spectral index is attributed to a combination of factors, including aniso-
tropy in the particle distribution function and the available time for scattering. Particles
in the upstream region do not diffuse significantly upstream; instead, they are rapidly
overtaken by the shock before the particle’s direction has been significantly altered.
Similarly, particles in the downstream region are rapidly advected downstream. As a
consequence, both in the upstream and downstream regions, CRs have limited time to
generate turbulent magnetic fields. The ability of CRs to generate turbulence is critical,
and at very high bulk Lorentz factors, this effect can entirely prevent DSA from occur-
ring. At an ultra-relativistic shock, the combination of quasi-perpendicular magnetic
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fields, steep cosmic ray spectra, and reduced time available before the shock overtakes
or advects away the CRs severely limits both the scale-size and magnetic field ampli-
fication associated with the turbulence generated by streaming or drifting CRs. Con-
sequently, diffusion occurs well above the Bohm regime, and the maximum particle
energy is accordingly lowered (see [111] and references therein).

3.4.7 Shock parametrization

To fully characterize non-relativistic and relativistic shocks from first principles, ex-
pensive numerical simulations of considerable computational cost are necessary. How-
ever, due to the complexity of the plasma physics at the microscopic level, a common
approach is to parametrize the shocks using empirical parameters. These parameters
account for our limited knowledge of the detailed microscopic processes while estab-
lishing a direct link with the observed properties. This simplification significantly re-
duces the complexity of the problems and serves as a bridge between the macroscopic
and microscopic worlds. Some widely employed microphysical parameters include the
following:

« k,: the power-law index of the non-thermal electrons. Similarly, one can define
an index for the non-thermal proton, kp.

« ¢p: the fraction of the shock internal energy that goes into magnetic fields
+ & the fraction of the shock internal energy that goes into accelerated electrons
« &p: the fraction of the shock internal energy that goes into accelerated protons

By definition, one has
egt+e.+e, =1 (3.30)

It is observed from several astrophysical environments that €, and €g can vary across
orders of magnitudes, and also k. is not universal, but dependent on the strength of the
self-generated fields.

3.5 Magnetic reconnection

Magnetic reconnection is widely recognized in high-energy astrophysics as a mechan-
ism that rapidly generates high-energy particles and radiation during flare-like events.
This phenomenon is observed in various astrophysical objects, including pulsar wind
nebulae, extragalactic jets, microquasars, GRBs, and coronae’s heating above dense ob-
jects like accretion disks in X-ray binaries and AGN. It is also associated with the launch
of transient large-scale outflows, potentially occurring in microquasars and GRBs.
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Figure 3.6: Left: In a 2D model of magnetic reconnection, the field topology can undergo a
re-arrangement. Before the event (Image 1), points A and B (A’ and B’) lie on the same field line.
However, after the event (Image 3), field lines connect points A and A’ (B and B’ respectively).
This reconfiguration drives a strongly accelerated outflow in the directions where the highly
bent magnetic field lines are relaxing. Figure from [316] Right: Yellow arrows: plasma motion,
and also the motion of the field lines, which are drawn in red and blue. Reconnection occurs at
the center. Figure taken from the Wikipedia article on magnetic reconnection.
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The mechanism that triggers magnetic reconnection involves magnetic flux vari-
ations that induce, via Faraday’s equation, electric fields. These induced electric fields
imply a response from the plasma that tries to screen it. Anideal plasma (where the elec-
trons are massless and never collide) does so perfectly, and the currents arising from
charges set in motion by these electric fields produce magnetic fields that cancel the
former magnetic flux variations: reconnection cannot occur, magnetic field lines can-
not break apart. It is thus clear that non-ideal effects are needed for reconnection to
initiate. Once initiated, these same non-ideal processes sustain the finite reconnection
electric field and allow reconnection to go on. The system relaxes its energy during ex-
plosive reconnection events where two magnetic field lines are pushed together, cut at
their intersection point, and subsequently reconnected with one another (see Refs. [313,
307, 316]). This is what happens in the left panel of Fig. 3.6, which presents a simple
schematic of a reconnection site, depicting converging field lines of opposite polarity
that undergo resistive dissipation. The central region of reconnection, characterized by
the field lines’ distinctive shape, is often referred to as an “X-point” or “X-line”. In the
right panel of Fig. 3.6, we can see how a convergent flow from above and below forces
the field lines to reconnect, and the flow is then ejected to the right and left sides by
magnetic tension (because the newly created red-and-blue field lines are highly bent
and, due to the MHD force fx B « [% X 1_?:] X B acting on the plasma, they tend
to straighten). Even though magnetic reconnection is a local process, it dramatically
affects the large-scale dynamics. We can quote some important effects [316]:

« It alters the magnetic structure significantly. Macroscopic regions initially not
connected by any field line can become connected. As a result, the paths of ac-
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Figure 3.7: Configurations of magnetic reconnections: Left: A schematic sketch of the current
sheet and plasma from outside the sheet flowing toward it, for Sweet-Parker magnetic recon-
nection. Right: A schematic sketch of plasma inflow and current-sheet, for Petschek magnetic
reconnection. Much of the plasma flowing toward the current sheet does not pass through it but
is redirected by standing shock waves; stationary slow mode shocks separate the inflow and
outflow regions. Figures from [281].

celerated particles and heat are influenced, with both tending to flow more easily
along the field lines than perpendicularly to them. Another noteworthy instance
of large-scale topological change is the growth of magnetic islands up to the
system’s size. Such islands concentrate electric currents and induce profound
changes in the overall system dynamics. This transformation in topology also
permits the magnetic field to relax to a lower energy state, a change that was pre-
viously forbidden due to the conservation of field line identity in an ideal plasma,
where it cannot break. Newly reconnected field lines can experience substantial
tension forces and drive motion within the plasma.

« It converts magnetic energy into kinetic energy. This kinetic energy can be:

- an increase of the bulk flow velocity: the flow is accelerated.
— thermal: the plasma is heated.

- non-thermal: high-energy particles are produced. The kinetic energy of the
particles can be partly converted into radiation.

The distribution of energy among these components, the rate of energy trans-
fer, the characteristics of the non-thermal component’s spectrum, the velocity of
the ejected bulk flows, the conditions that permit reconnection, especially in 3D
geometries, and the back-coupling of reconnection events to large scales, are all
active areas of ongoing research and investigation.
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o It creates areas where the plasma is not ideal, either in the central dissipation
region where the field lines reconnect or further away. These are places where
strong electric fields, currents, waves, and instabilities are present. They can
produce non-thermal high-energy particle populations.

« It can create turbulence

Magnetic reconnection is often described using two main non-relativistic frameworks:
Sweet-Parker reconnection, where a long current sheet forms between the converging
field lines, in a planar geometry, or Petschek reconnection, where rapid reconnection
proceeds at the X-point in an X-shaped geometry, as shown in Fig. 3.7. Another way of
having a rapid reconnection is in the presence of turbulence, which allows multiple re-
connection events to occur simultaneously. Also, the relativistic reconnection, defined
as the regime where the magnetic energy density exceeds the rest mass energy dens-
ity of the plasma, which is relevant to jets, is now under simulation and shows much
greater promise as an agent for extreme particle acceleration.

3.5.1 Particle acceleration through magnetic reconnection

Various acceleration mechanisms and multiple acceleration sites have been identified
within a reconnection event, but which one dominates depends on the magnetic field
geometry and plasma parameters, and it is still an open question. The efficiency of
each process and the resulting particle spectrum are other key issues. Understanding
these aspects is challenging due to the highly nonlinear nature of acceleration physics,
necessitating simulations that span very long times and large domains to accurately
capture the relaxed particle distributions, particularly in three dimensions when applic-
able. The principal known acceleration mechanisms are the following (see Ref. [316]
for a more detailed description):

+ Acceleration by the reconnection electric field: The reconnection electric
field, resulting from magnetic flux variations and sustained by non-ideal pro-
cesses in a steady state, can accelerate particles around the central dissipation
region. However, this acceleration does not necessarily lead to a population of
non-thermal high-energy particles capable of emitting high-energy photons. In
2D setups, reconnection outflows leave the central region with speeds close to
the Alfvén speed, forming Alfvénic jets. These jets primarily undergo bulk flow
acceleration. However, the reconnection electric field can produce high-energy
tails in the particle distribution under certain conditions. PIC simulation studies
have shown the creation of power-law tails of high-energy electrons using this
mechanism, with power-law indexes potentially harder than those generated by
collisionless shocks and shorter acceleration times. This mechanism can also
produce power laws for ions.
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+ Acceleration by contracting magnetic islands: Magnetic islands, represen-
ted by closed field lines, undergo a contraction phase when they merge. During
this phase, energetic particles within the islands become trapped by the magnetic
structure. As the island contracts, these particles rebound between the conver-
ging sides of the island. This sets the stage for the first-order Fermi mechanism
to come into play and accelerate these particles. The energy gain of the particles
is primarily attributed to the electric field generated by the motion of the island
sides within the magnetic field.

+ Acceleration between the two converging inflows: Another acceleration
mechanism, also relying on the first-order Fermi process and stochasticity, is
the bouncing motion of particles between the two inflows converging from both
sides of the current sheet. Energy is gained when the particle turns around and is
transferred by the motional electric field present in the inflow. [159] derives the
power-law spectral index that tends towards k = 1 for maximally compressive
cases, namely when the compression ratio y = p,,/0i, is maximized. Note that
X is not restricted to low values as in the case of shocks. Reconnection achieves
its highest compression when effectively transforming magnetic energy into kin-
etic energy, potentially facilitating the transition from a Poynting flux-dominated
jet to a kinetically dominant one. This means that a Fermi process within a re-
connection zone establishes an inherent connection between magnetic energy
release and particle acceleration.

+ Acceleration in contracting current sheets: The contraction of current sheets,
whether triggered by instability or large-scale dynamics, can make the first-order
Fermi mechanism operate.

The ones we described above are just some of the main processes invoked to explain
particle acceleration in magnetic reconnection events. Other acceleration mechanisms
exist, such as stochastic acceleration in the turbulence associated with reconnection.



Energy-loss processes

In this Chapter, we briefly review the main particle energy-loss processes at play in
many astrophysical environments and relevant to the topics covered in this thesis.
These comprise the energy losses due to radiative processes and particle interactions.
Here, we provide the most important formulas useful to understand the physics un-
derlying the various emission mechanisms, and we point the interest readers to the
references [153, 301, 199] for more detailed discussions and derivations.

4.1 Leptonic processes

4.1.1 Synchrotron radiation

Synchrotron emission is a fundamental process in astrophysics that is crucial in un-
derstanding a wide range of astrophysical phenomena. In this brief overview, we will
introduce the key aspects of synchrotron emission, exploring the underlying physics
of the emission mechanism and the spectral properties.

4.1.1.1 Physics of synchrotron radiation

We have seen in Chapter 3 that shocks are ubiquitous in the high-energy Universe and
that these can accelerate charged particles - electrons, protons, and heavier nuclei - to
ultra-relativistic energies. The magnetic field responsible for the acceleration is also a
source of energy loss processes for the charged particles. In particular, magnetic fields
induce the particles that are accelerated along a curved path or orbit to emit synchrotron
radiation. For an electron with Lorentz boost factor y = 1/4/1 — 82, with velocity U
making a pitch angle 6 with the direction of the magnetic field B, the relativistic Larmor
formula gives the total radiated power, B,(6) = 207B%y%cUyg sin” 6, where 8 = v/c,
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or = 6.65X10725cm? is the Thomson scattering cross section, and Ug = B%/(87) is the
magnetic energy density. If now we average on an isotropic pitch-angle distribution
and consider a generic relativistic particle of mass m, charge Z, Lorentz factor y, the
Larmor formula becomes:

2

By, = gaT(%) Z4y%cUg. (4.1)
where 8 ~ 1 has been adopted. It is clear already from this expression that light
particles are the ones that most efficiently cool by synchrotron radiation. By taking,
for example, electrons and protons, we have that m,/m, ~ 5.4 X 10~4, a proton with
the same Lorentz factor of an electron, radiates ~ 10~7 less power, making the contri-
bution of particles heavier than electrons completely negligible in most astrophysical
environments. For particles with an isotropic pitch angle distribution and that radiate
via synchrotron, the lifetime (or cooling time) is:

2 3
ymc 67Tm>c
L = = . 4.2
sync (y) I;yn O'T 3247/32 ( )

One can see that more energetic particles have shorter cooling times. Unless otherwise
specified, since the emitting particles are essentially electrons and positrons, we assume
m = m, and Z = 1. The formulae will be re-scaled when needed by the particle mass
of interest.

At a time ¢ after the acceleration of a population of electrons with a power-law dis-
tribution, the cooling Lorentz factor ¥, above which they have lost most of their energy
(so that ¢ = ty,,.(3)) is given by:

67Tm,C
O'TBZt '

Ye(t) = (4.3)
For an impulsively accelerated particle ensemble, as time progresses, the cooling energy
at the moment ¢ defines the maximum energy of the population so that ¥, =~ 7.

4.1.1.2 Synchrotron spectrum

There is a characteristic frequency associated with the synchrotron process that corres-
ponds to the inverse of a specific time interval. In cases of relativistic electrons, this
time interval is not the orbital revolution period. Rather, it represents the portion of
time within each orbit during which the observer detects radiation (the emission is ob-
served only during the fraction of the orbit within the beaming angle 1/y). It can be
shown that such frequency is given by

y*eB
2Tm,c

v() =y = (4.4)
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where vy, is the Larmor frequency, defined as the gyration frequency for sub-relativistic
. . : 3 A
particles. Most of the power is emitted at v, ~ 0.29v,, where v, = Evs(y) sin @ is

the critical frequency. The spectrum emitted from a single electron has the following
frequency dependence:

v13 V<LV,

4.5
Y12e=V/ve V>, (45)

P(v,y,0) x {

where P(v,y,0) = dE/(dtdv) is the emitted power per unit frequency.

We now consider a population of particles described by a power law distribution
and emitting in a magnetic field. We have already seen in Chapter 3 how shocks and
magnetic reconnection can accelerate particles to power-law distributions with a cer-
tain spectral index k. So, we introduce the following:

N()/) = Ayy_k for Ymin <V < Ymax OF N(E) = AEE_k for Emin <E< Emax’ (4'6)

where A, = A £(M,c®)1=0 and y,.. and ¥,,, are the maximum and minimum Lorentz
factors of the electron energy distributions, respectively.

To get the total photon spectrum emitted by such an electron distribution, one would
need to integrate over y the power produced by a single electron with a given y times
P(v,7,0) (namely ﬁ,’:ﬂ"::‘ N(y)P(v,7,0)dy). By doing so, we obtain the following syn-
chrotron spectrum:

1/3

4 VY < Vuin
E, « {y=(k=1)/2 Viin < ¥ < Vipax (4.7)
vl/ze_(v/vmax) V> Voo

where Vopinimax] = %vs(ymin[max]) sin 6. It can be shown that if instead of being uniform,

the magnetic field in the emission region is randomized (as is the case of magnetic
fields generated in shocks and in regions of magnetic reconnection events), one re-
obtains 4.7 for the emitted synchrotron radiation, but dropping the sin 6 term in V,;,
and v,,,, expressions. !

One important aspect that must be considered at this point is that, analogously
to all other emission processes, an absorption counterpart exists also for synchrotron
radiation. Indeed, the emitted synchrotron photons can interact with a charge in a
magnetic field and transfer their energy to the charge. The separation between the

This is true in the regime where yAg/r; > 1, where Ap is the correlation scale of the random
magnetic field, and r;, the Larmor radius of a particle with Lorentz factor ¥, as defined in Eq. (3.1).
Particle-in-cell simulations suggest that the random magnetic field configuration in collisionless shocks
is consistent with being in this regime.
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thick and thin regime happens at the self-absorption frequency v,, below which the
synchrotron flux is self-absorbed (the synchrotron spectrum peaks very close to 1,).
Moreover, the spectrum in Eq. (4.7) has been derived for the radiation emitted from
an ensemble of electrons that have undergone an impulsive acceleration to a power-
law distribution. However, we know that in many astrophysical environments, new
particles can be continuously injected in the acceleration process (think of a shock
sweeping fresh particles from the medium is propagating through).

In summary, when considering an ensemble of electrons characterized by a con-
tinuously injected power-law distribution and subject to synchrotron cooling and self-
absorption, the resulting synchrotron radiation spectrum can be represented as a multi-
segment broken power law. The specific form of these spectra depends upon the relat-
ive sequencing of v, Vyin, and V., and results in six different orderings. When v,,, < v,
(Vm > V), the particles are said to be in a slow cooling (fast cooling) regime. When
Vo < Ve (Vg > V), we are in the presence of weak absorption (strong absorption). Here,
we show as an example only one of the six different orderings that will be relevant
when treating gamma-ray bursts, namely the case ¥, < V. < Vin < Vnay (fast cooling,
weak absorption):

% 2
Ve Vq
1
3
<l> Vg <V,
V,
El = E/,max 1 ¢ _1 (4.8)
v 2
- Ve <V < Vyin
o _k
me 2 V 2
L( Ve ) (71 ] ) 7)min <V S Vmax'

4.1.2 Inverse-Compton scattering

4.1.2.1 Physics of Inverse-Compton emission

Inverse Compton (IC) scattering is the process in which ultra-relativistic electrons scat-
ter low-energy photons so that the photons gain energy at the expense of the kinetic
energy of the electrons. It must be distinguished from the direct Compton scattering,
in which the electron is at rest, and it is the photon that gives part of its energy to the
electron. This interaction can occur in two different regimes, the Thomson and the
Klein—Nishina regimes. In the Thomson regime, the photon’s energy in the electron
rest frame is much smaller than m,c?. In this case, the recoil of the electron, even if
it always exists, is small and can be neglected. In the opposite case (photon energies
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larger than m,c?), we are in the Klein-Nishina regime, and we cannot neglect the re-
coil. It can be shown that the maximum (minimum) energy of the scattered photon
can be achieved in a head-on (tail-on) collision (the photon would be scattered in the
direction of the electron velocity vector or the opposite direction, respectively). If g,
is the energy of the photon before collision, and the electron has Lorentz factor y, the
final photon energy becomes &; = 4y2¢, for head-on collisions, and &; = 1/(4y?)e,
for tail-on collisions. Averaging over all relative photon-electron directions, the aver-
age energy of the scattered photons is {¢;) = (4/3)y%¢,. The IC scattering process is
thus an effective means of creating very high-energy photons and is highly efficient
in reducing the energy of high-energy electrons whenever large fluxes of photons and
relativistic electrons occupy the same volume.

Let us now consider an isotropically distributed incoming photon distribution. It can
be shown that the total energy loss rate of a generic particle of mass m, charge Z, and
Lorentz factor y in the Thomson regime is:

2

R = Sor(22) 247Uy, (49)
where Uy, is the energy density of the target photons, and 8 ~ 1 has been adopted.
Notice the similarity with the synchrotron energy loss. The energy loss rates for both
processes are the same once the radiation energy density is replaced by the magnetic
energy density Ug. Consequently, when relativistic particles exist within a region with
some radiation and magnetic energy densities, they emit radiation through the synchro-
tron and IC scattering mechanisms. The ratio of the two luminosities will be:

Be _ Un (4.10)
Psyn UB

The relative importance of the two energy densities determines which mechanism is
the dominant cooling mechanism for the particles. Finally, the cooling time due to the
IC process is:

mc? 3m3c?

te(y _ ! — ) 4.11
IC( ) RC 401 ”ng47 CUph ( )

As already pointed out for the synchrotron radiation, the IC loss rate is strongly sup-
pressed for all particles heavier than electrons. So, in the following, we discuss only
electrons.

4.1.2.2 Inverse-Compton spectrum

The resultant spectrum of IC scattering should, in principle, depend on the character-
istics of both the incident photon spectrum and the energy distribution of the electrons.
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However, in practice, it is only necessary to determine the spectrum produced by one
single electron of a given energy ymc?, scattering photons of a given energy ¢,. The
final photon spectrum is then obtained by averaging over the actual distributions of
photons and electrons. It can be shown that for an electron power-law distribution
N(y) « y~k, the resulting IC spectrum is E, « v~ =12 regardless of the detailed
spectrum of incident photons. Note that this energy dependence is identical to the
case of synchrotron emission (Sec. 4.1.1.2), which is not a coincidence. Indeed, it is
because both the IC and the synchrotron single electron spectra are peaked at a typical
frequency that is a factor y? greater than the starting energy seed.

4.1.3 Bremsstrahlung

Bremsstrahlung, or also free-free radiation, is the emission produced from unbound elec-
trons interacting with the Coulomb electric field of atomic ionized nuclei. The electro-
static interaction decelerates the electron, which emits photons, bringing away part of
its kinetic energy. It is an important electron emission mechanism in dense plasma, as
might be the case of the heated ionized material in the downstream region of a shock.
It becomes the primary cooling process for temperatures T > 107 K. For a plasma of
electrons with number density n,, ions of charge Z; with number density n;, the total
emitted energy per unit time and volume can be demonstrated to be:

Joy = dctl% =gn.,mZ:}TV? [EL3 T (4.12)
with g being a numerical factor that depends on the specifics of the interaction. Hence,
for an overall neutral plasma (n, = n;), the cooling time for bremsstrahlung energy
loss can be estimated by dividing the total thermal energy density of the plasma by J:

3n,kgT N T1/2
2 Jbr Zine'

We do not provide details of the photon spectrum that results from this kind of emission
since we do not directly use it in the context of this thesis.

tbr(T) =

(4.13)

4.2 Hadronic processes

As charged particles, protons (and more generally ions) can emit radiation similarly to
electrons via synchrotron and IC mechanisms. We have already derived the formulae
of the total emitted power (see Eq. (4.1)- 4.9), and we have seen that because of the
significant difference in mass, the radiation power of particles heavier than electrons
is much lower. This means that unless the total energy carried by protons is much
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larger than that carried by electrons, proton synchrotron and IC emissions are much
weaker than those of electrons in a typical astrophysical environment and thus can be
neglected.

4.2.1 Photo-pair production (Bethe-Heitler)

The photo-pair production, commonly referred to as the Bethe-Heitler mechanism, is a
fundamental process in high-energy astrophysics where a high-energy photon interacts
with the electromagnetic field of a nucleus, resulting in the creation of an electron-
positron pair:

p+y—p+ete . (4.14)

For a proton of energy E,, the threshold for this process can be determined by the
condition: mm

s=(pp + py)? = (Myc? +2mec?)? - B, > —2—, (4.15)

&

where ¢, is the energy of the target photon, and we assumed head-on collisions. By con-
sidering only relativistic protons, the photon energy in the proton rest frame becomes
& = Y& (1 — cosB), with y, = Ep/mpcz. The cross-section 0g,(¢,) for photo-pair
production in the regime &, > m,c? is [153]:

7 €
U¢e(5r) —OCfUT In (ec—zrl%be), (4.16)

where kg, is a constant in the range 2 S kg, < 6.7, and oy ~ 1/137 is the fine structure
constant. Finally, one can show that the timescale for photo-pair energy loss is given

by:

-1
| Tmeaorc f de ph(){2 3/2[ Y€ _2] kS/ZH 17
(i) [—9 T 47 (0o (-3 (@17

where n,,;,(€) is the target photon density field (in units of E —11-3), and we have defined
€ = g,/(mec?).

4.2.2 Photo-hadronic interaction

We have discussed in detail the py mechanism in Sec. 2.2.2. The energy-loss timescale
for this process is [153]:

-1

non(e) [71P°
py<yp>—[ f S [ deeay@e|
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where € = Ey/mecz. The inelasticity is found to be K, ~ 0.2 for 0.39 S ¢, $0.98GeV,
and ~ 0.6 for ¢, 2 0.98 GeV. Depending on the type of source environment, the photon
spectrum can extend from sub-eV up to TeV energies, and its shape can contain peaked
(thermal) or power-law (non-thermal) components.

4.2.3 Hadronic interaction

The pp mechanism was discussed in Sec. 2.2.1. We have also seen that the cross-section
varies very slowly with energy. For many practical purposes, it is enough to consider
the mean total cross section for pp in the TeV-PeV energy range,

(Gpp) = 6 X 107*°cm?, (4.19)

which is about two orders of magnitude higher than that of the py process. The cooling
time of a relativistic accelerated proton due to inelastic pp collisions is roughly given

by:
1

ty= —— (4.20)
PP coppInpKpp

where Kp, ~ 0.5 is the pp interaction inelasticity. This high value tells us that only
a few interactions are required for energetic protons to lose a large fraction of their
initial energy.



Stellar evolution and supernova explo-
sion

In Chapter 6, we introduce the two astrophysical transient sources that are the focal
points of investigation in this thesis: interaction-powered supernovae and long gamma-
ray bursts. To provide a comprehensive context and facilitate the understanding of the
progenitors responsible for these phenomena, both of which are linked to massive stars
reaching the end of their lifecycle through a supernova explosion, in this chapter, we
offer a concise overview of the evolution of massive stars. Interaction-powered super-
novae necessitate a dense medium surrounding the progenitor star. Thus, we outline
the mechanisms governing stellar mass losses, which culminate in a substantial ejec-
tion of the stellar envelope during the pre-supernova phase. We also present the clas-
sification and describe the standard emission mechanisms of core-collapse supernovae
(CCSNe). This knowledge will be necessary for interpreting and distinguishing the
emission mechanisms inherent to interaction-powered supernovae compared to stand-
ard supernovae.

5.1 Stellar evolution in a nutshell

Stellar evolution follows a series of distinct stages that can eventually lead to supernova
(SN) explosions. A star can be initially approximated as a uniform sphere with mass
M, and radius R, that is held together by its self-gravity and is balanced against col-
lapse by pressure gradients, with pressure dropping sharply at its surface. Integrating
hydrostatic balance equations for the entire star

dP _ GM,p and dM,

il = Ampr?, (5.1)
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Figure 5.1: Diagram showing the lifecycles of Sun-like and massive stars. Credit: NASA and
the Night Sky Network.

where M, is the enclosed mass below a given radius r within the star and p the dens-
ity, the central pressure becomes P « M, /R, (where the bar indicates the averaged
quantities over the entire star), which captures the balance between internal energy
and gravitational energy. If we consider an ideal gas (P o gT), we can derive the re-
lation between central temperature and density, T « §/3M?2/3. The latter implies that
when a star contracts and releases energy at the expense of its gravitational binding
energy, not only the density but also the temperature increases. This relation holds for
the ideal gas Equation-of-State (EOS) and is a consequence of the Virial theorem for an
object bound by self-gravity.

If, instead, the pressure is provided by non-relativistic degenerate electrons, we
have that P, « 0°'3 (the pressure does not depend on the temperature), and the thermal
energy does no longer play a role in supporting the star against gravity. The boundary
between these two regimes is defined by equating degenerate pressure at zero temperat-
ure with thermal pressure. Given these premises, we can summarize the typical phases
of the evolution of all stars as follows [305] (see also Fig. 5.1):

» Protostar formation: a region of a molecular cloud contracts to higher density
and temperature under its gravity, forming a dense core known as a protostar.

« Main Sequence Phase: When the central temperature of the protostar reaches
T ~ 107K, hydrogen fusion begins in the core, producing helium through nuc-
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lear reactions. The star enters a stable phase known as the Main Sequence (MS),
where the outward pressure from fusion balances the gravitational collapse. This
is where the stars spend most of their lives.

+ Red Giant/Supergiant phase: When hydrogen in the core is completely con-
sumed, the star is described as a He core plus an H-rich envelope. The lack of
radiation pressure from nuclear burning makes the core contract and the inner
temperature rise. As a result, H in the regions outside the core starts to burn in a
shell surrounding the core. Stellar models consistently predict that, at this stage,
there is a huge expansion of the outer layers of the star, which becomes a Red
Giant or Supergiant, depending on the zero-age main sequence mass (Myaps)-
As the red giant phase progresses, the He core continues to contract and heat up,
while the hydrogen-burning shell deposits additional helium “ash” on it. Even-
tually, when temperatures T ~ 108K are reached, the fusion of He nuclei into
heavier elements is ignited.

+ Post-He burning phases: in the subsequent evolution, the star initiates a series
of successive stages, each consisting of the contraction and heating of its inner
regions, leading to the ignition of new nuclear reactions that can be summarized
as follows: H - He,He — C,C — 0,0 — Ne,Ne — Si,Si — Fe. The last
burning stage stops with the formation of an iron core.

The electron degenerate pressure and when it dominates mainly determines a star’s
fate. Less massive stars, with My, \s S 10 M (M being the mass of the Sun), become
degenerate before forming an iron core. In these cases, the electron degenerate pressure
can halt the contraction and the ignition of subsequent nuclear reactions. The resulting
object is a dense and hot star called a white dwarf (WD) (see the left branch in Fig. 5.1).

More massive stars, with Mz\s 2 10 M, undergo all the stages of nuclear burn-
ing up to the production of elements in the “iron group” with an atomic mass number
around A = 56. At this stage, the star’s outer envelope has expanded to about 1000 R,
(where R, is the radius of the Sun), and it has a dense core of radius ~ 10* km with an
onion-like layered structure. The iron group elements are a “dead end” in nuclear en-
ergy production since their fusion into heavier elements consumes, rather than release,
thermal energy. This fact is at the root of the “iron catastrophe” that follows.

5.2 Core-collapse supernovae

When in the contraction, the mass of the iron core reaches the Chandrasekar limit for
the electron degenerate gas, M ~ M., ~ 1.4M,, the degenerate electrons become
relativistic. Their EOS softens, transitioning from B « p>'3 to B, « p*3 [305]. For in-
creasing masses, the electron pressure becomes incapable of supporting the core against
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Figure 5.2: Evolution of a massive star from the onset of iron-core collapse to a neutron star.
The progenitor star at the moment of collapse (upper left corner) exhibits a typical onion-like
structure, with concentric layers of progressively heavier elements towards the nucleus. The
iron core in the center (lower left corner) is primarily supported by the fermion pressure of
the nearly degenerate electrons. However, this stability is disrupted when rising temperatures
permit the partial photo-disintegration of iron nuclei. As a result, the core starts to contract, and
the contraction becomes a collapse over a free-fall timescale when electron pressure is further
removed by their captures on both bound and free protons. This process releases electron
neutrinos, which initially escape freely. A fraction of a second later, the catastrophic inward
collapse halts as nuclear-matter density is reached, and a proto-neutron star begins to form.
At this point, a powerful shock wave is launched and propagates outward, leading to the star’s
disruption in a SN explosion (lower right corner). The nascent neutron star (upper right corner)
gradually contracts into a more compact form while accreting additional matter within its first
second of existence. This phase, along with the subsequent cooling and neutronization of the
compact remnant, is governed by the emission of neutrinos and antineutrinos of all flavors,
which diffuse outward from the dense core over a period of tens of seconds. Figure from [249].
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gravity, and the core collapses. As the density and temperature continue to increase,
two processes begin:

1. Nuclear Photodisintegration: the energetic photons get absorbed in the endo-
thermic (i.e., energy-consuming) nuclear reactions:

y +°Fe — 13*He +4n (5.2)
y+*He — 12p+2n. (5.3)

Given the need of 124 MeV and 28.3 MeV for unbinding the nuclei in the two
reactions, approximately 10°% erg of the core thermal energy is extracted already
in this process.

2. Neutronization: as the core density gets higher, for p > 10! gem™3, electron
capture starts playing an important role, due to the increasing electron Fermi
energy that forbids the neutron decay:

e"+p-on+,. (5.4)

This process reduces the number of free electrons in the core and their supporting
degeneracy pressure. Furthermore, the neutrinos produced in the reaction can
leave the star. These neutrinos carry kinetic energy (usually of a few MeV), which
is lost for the core.

As a consequence of these processes, which lead to an almost total loss of thermal
pressure support, the core evolves toward an increasingly dense and neutron-rich struc-
ture as the collapse proceeds on a free-fall timescale. Neutrino losses cool the star until
the core matter reaches densities of about ~ 4 X 10! gecm™. At such high densities,
neutrinos cannot diffuse out of the core and are “trapped”. The collapse continues until
the core reaches nuclear matter densities (0 ~ 10'* gcm™3). At such extreme densities,
characterized by tightly packed nucleons, the repulsive nature of the strong nuclear
force kicks in, effectively stiffening the EOS dramatically. As a result, the collapse of
the inner core experiences an abrupt halt, setting off a strong shock wave that propag-
ates into the still collapsing outer core. This sequence of events is commonly called the
“core bounce” [136].

Initially, the shock moves rapidly outward through the outer core. However, strong
neutrino cooling behind the shock and the photodissociation of iron-group nuclei cause
the shock to come to a standstill at a radius of approximately ~ 100 kilometers. In
the meantime, the inner core, consisting of the original core and additional mass that
has fallen through the shock, has regained quasi-hydrostatic equilibrium and is made
mainly of neutrons: a newborn hot proto-neutron star (PNS), which cools very fast via
emission of neutrinos. How the stalled shock is “revived”, i.e., made to propagate out
dynamically to expel the outer layers of the star, remains the subject of active research
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(see reviews [326, 250, 106]). There are several proposed mechanisms, and some ex-
amples of these include magnetorotational supernova mechanism [287], the acoustic
mechanism [107], sterile neutrino decays [186] and conversions [402], and the quark-
hadron phase transition mechanism [426]. However, the most promising scenario for
most CCSNe is the delayed neutrino-heating mechanism [91]. In this model, the shock’s
revival occurs through the reabsorption of a portion of the neutrinos emitted from the
surface of the PNS surface in the region behind the shock. If the neutrino heating is suf-
ficiently strong, the resulting increase in thermal pressure pushes the shock outwards.
This reinvigorated shock then blows off the star’s outer shells in what is observed as a
SN explosion.

The explosion expels the matter outside a certain distance from the PNS into the
stellar surrounding medium. The remnant central object consists mainly of neutrons.
Because of the high density, the neutrons are partially degenerate; the degeneracy be-
comes complete as the core cools, primarily through the emission of neutrinos, and it
settles down as a neutron star (see right branch in Fig. 5.1). A schematic representation
of the evolution of a massive star from the onset of iron-core collapse to a neutron star
is shown in Fig. 5.2. We note that only for stars in a specific mass range (~ 8 — 30 M
on the MS), the explosion from a CCSN results in the formation of a neutron star. More
massive stars can still end their lives as CCSNe, but instead likely generating a black
hole in the center due to the fallback of material onto the neutron star, or directly form-
ing a black hole, without SN explosion [236].

The whole process of the collapse, beginning with a Chandrasekhar mass iron core
with radius R, ~ 1000 km and ending with a PNS with radius Rpyg ~ 10 km, takes
a fraction of a second. The gravitational collapse liberates an enormous amount of
gravitational binding energy:

_ 53 Mcore ? RPNS -
=31xX10 (1.4M®) <10km> erg.
(5.5)
The bulk of this energy (about 99%) is carried away by neutrinos of all flavors, as con-
firmed by the detection of neutrinos from SN 1987A [239]. About ~ 10°! erg is carried
away by the ejected mass (M,;) as kinetic energy, and at most ~ 10* erg is emitted in
radiation. The energy per unit mass sets the scale of the associated explosion velocity:
it is Ugj = Y 2GMgre/Reore ~ 10*kms~!, essentially the escape velocity from the core.

3
AEgr = gGMczore

(e >N§GM30re

RPNS Rcore B 5 RPNS

5.3 Mass loss in massive stars

Before describing the characteristic emission from SNe, we need to discuss the phe-
nomenon of stellar mass loss. We know from observations that during their pre-SN
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Figure 5.3: Plot of mass-loss rate as a function of wind velocity. The solid colored regions
correspond to values for various types of evolved massive stars, corresponding to asymptotic
giant branch (AGB) and super-AGB stars, red supergiants (RSGs) and extreme RSGS (eRSG),
yellow supergiants (YSG), yellow hypergiants (YHG), luminous blue variables (LBV) winds and
LBV giant eruptions, binary Roche-lobe overflow (RLOF), luminous WN stars with hydrogen
(WNH) and WC Wolf-Rayet (WR) stars. A few individual stars with well-determined, very high
mass-loss rates are shown with circles (e.g., 7 Car’s eruptions and P Cyg’s eruption). Also shown
with ‘X’s are some representative examples of SNe IIn (and one SN Ibn). Figure from [53].
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evolution, many stars must have undergone significant mass loss episodes and lost part
of their envelope. The strength of the mass loss strongly affects the stellar evolution
and the final fate of the star, with a significant impact on the type of SN that ultimately
occurs.

There are two ways in which stars can lose part of their envelope:

« via steady winds, that occur due to the intense radiation pressure generated in
high-luminous stars with high metallicities. We have seen that massive stars emit
enormous energy through nuclear fusion in their cores. This energy is radiated
outward as intense UV and optical radiation. Photons carry momentum, and as
they interact with atoms and ions in the star’s outer layers, they exert a force
on these particles: the radiation pressure. Stars with higher metallicity have
line-absorption processes, which enhance the radiation pressure and can trigger
mass loss more easily. As massive stars evolve, they go through stages where
their luminosity can increase, causing an increase in mass-loss rates.

A rough estimate of the mass-loss rate in a radiatively driven wind can be com-
puted by assuming that each photon emitted by the star transfers its momentum
of hv/c to a gas particle in the wind. The star loses momentum at a rate of L/c,
where L is the radiative luminosity. The rate at which the wind carries away
such momentum is My,0,,, where vy, is the asymptotic wind velocity that is con-
stant in time and space and is on the order of the escape velocity from the star’s
photosphere. By setting the two rates equal to each other, we estimate the mass
loss rate of the star:

My, = —. (5.6)

The mass-loss rate and the velocity of these winds strongly depend on the pro-
genitor stars’ type, luminosity, and temperature. In Fig. 5.3, the expected mass
loss and wind velocities from observed classes of stars are shown.

« via episodic winds: these are sporadic, short-lived episodes of mass loss, often
associated with eruptive events in massive stars. While the exact mechanism
behind these eruptions remains unknown, there are clear historical examples of
them occurring, with 7 Carinae being the most famous. In the mid-nineteenth
century, 7 Car experienced a remarkable outburst that lasted a decade, during
which it expelled roughly 10 M, of material [450]. Typically, super-Eddington
winds, instabilities in the later stages of nuclear burning, explosive shell ignition,
or mass transfer in binaries are invoked to provide the necessary energy observed
in the outbursts. Luminous Blue Variables (LBVs, see Fig. 5.3) provide an example
of stars in this category. When these stars eventually explode, the interaction
with the surrounding material can result in a Type IIn SN.



CLASSIFICATION OF SUPERNOVAE 69

The Supernova Zoo
Hydrogen?
< f o
eh..
Typel Type ll
10 { Type llb |
zll:lSIN ((22811 15:”;) Silicon? Narrow Hydrogen?
- = SNla (2011t YA i\

10* =+ SN Ibc (2007gr) &/ \ )/ \
= *="'SNIIP (2004et) | Typela  Helum? Type lin/ Type IP/L
9101 o o &  TypellSLSN
Bt i N
Z 'll" . Type b Typele
E 10 [ od \\ / \-,
E AL ETON NS Broad lines?  Really bright?
3 a4/l T~

10" S | {

) .....\.;,::\ Typele-BL  TypelSLSN
10 D N
ey GRB?
0 100 200 300 400 500 {
Days since explosion GRB-SN

Figure 5.4: Left panel: Examples of optical lightcurves of SNe of different types. Credit: M.
Nicholl. Right panel: Classification of all types of observed SNe. Figure from Web.

5.4 Classification of supernovae

The main physical parameters that determine the observed properties of a typical CCSN
whose progenitor did not undergo strong mass loss during its evolution are M,;, the kin-
etic energy of the explosion E, (as well as the mass of synthesized radioactive material),
and the composition and structure of the star’s envelope at the time of the explosion.
This leads to the vast diversity in observed types of normal ejecta-dominated CCSNe,
whose classification and typical lightcurves can be seen in Fig. 5.4. CCSNe are broadly
categorized into two main groups based on the presence or absence of hydrogen (H)
lines in their spectra. These sub-types can be classified as follows:

1. Type I SNe: are SNe that either have weak or no H lines in their spectra. There
are further sub-divisions within Type I SNe:

+ SNe Ia: exhibit strong silicon (Si) lines in their spectra and are not CCSNe.
Instead, they result from thermonuclear explosions of white dwarf stars.

« SNe Ib: if Si lines are not present but strong He lines are observed, the SN
is classified as Type Ib.

+ SNe Ic: when neither Si nor He lines are detected in the spectra of a Type
I SN, it is categorized as Type Ic.
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2. Type II SNe: these SNe have prominent hydrogen-rich spectra. Type II SNe are
further characterized as:

+ SNe IIb: in cases where the H lines gradually disappear at later times, the
SN is similar to Type Ib.

« SNe IIn: these SNe display H narrow spectral lines. They are a subset of
interaction-powered SNe, which will be discussed in detail in Sec. 6.1.

Additionally, Type II SNe can be classified based on their lightcurve behavior:

« SNe IIL: if the luminosity decreases linearly after reaching its peak.

« SN IIP: if the luminosity remains relatively constant or plateaus for several
months after reaching its peak.

5.5 Emission from “standard” supernovae

Having explored the various subtypes of SNe lightcurves along with their distinctive
spectral features, in this section, we provide a brief overview of the basic physics gov-
erning the emission mechanism from the majority of SNe. However, before delving
into this, it is necessary to mention one important phenomenon inherent to exploding
stars — the synthesis of heavy nuclei.

After the core bounce, in accordance with the neutrino-driven explosion paradigm, the
revived shock wave propagates outward through the stratified layers of the star. The
shock is incredibly hot and energetic, with temperatures reaching billions of degrees
Kelvin. Nuclear reactions can occur at very high rates within such a hot and dense envir-
onment. Besides photodisintegration, where high-energy photons disintegrate atomic
nuclei into their constituent protons and neutrons, the extreme temperatures within
the shock wave also allow the fusion of nuclei, resulting in the synthesis of heavier
elements. This process, known as “explosive nucleosynthesis,” depends on the max-
imum temperature attainable behind the shock wave, as well as neutrino interactions
and electron capture that can affect the neutron-to-proton ratio in the shock environ-
ment. The outcome of nucleosynthesis is a substantial change in the composition of
materials in the innermost ejecta, with the formation of a wide range of elements [59].
For materials with roughly equal numbers of protons and neutrons (which is 2°Si), the
most abundant produced isotope turns out to be *°Ni (due to the combination of its be-
ing at the peak in the binding energy and the equal numbers of protons and neutrons
in it), followed by He and other Fe-peak elements. So, upon the complete disruption
of the progenitor star, we can visualize the resulting SN as an outburst of metal-rich
ejecta with a layered composition structure that expands into the surrounding inter-
stellar medium (ISM) or circumstellar matter (CSM). The dynamic evolution of this
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ejected material is quite complex. The shock’s propagation determines the distribution
of explosion energy within the progenitor star’s envelope. Although the star under-
goes mixing, it does not achieve homogenization. The post-shock material’s velocity,
density, and heavy element distributions influence the SN lightcurve. The outermost
part of the star, typically encompassing only a small fraction of the envelope’s mass
(around 1%), develops a steep power-law density structure, significantly impacting the
lightcurve during shock breakout and the initial 10 to 20 days thereafter. However,
to get a basic physical understanding of the broad-scale evolution of SN ejecta in the
aftermath of several tens of days post-shock passage, in what follows, we neglect this
complex phase and adopt idealized initial conditions that provide an approximate rep-
resentation of the ejected material.

5.5.1 Power sources of supernovae lightcurves

Multiple sources can contribute to the luminosity observed in SNe. One primary source
is the thermal energy deposited by the shock wave’s propagation through the progenitor
star. The total energy of the ejecta can be written as the sum of the kinetic and thermal
energies, E,.; = E + E,;,. We anticipate that the thermal energy immediately after the
shock breakout (i.e., at the initial radius R, for the expanding ejecta, where R, is the
progenitor’s radius) is Ey,(Ry) ~ Ey, so the equipartition is realized [256].

Initially, the ejecta are optically thick, and we can reasonably neglect energy loss
through radiation. Therefore, the internal thermal energy decreases because of the
adiabatic expansion, which translates to Ey,(R) = Ey, ((R/Ro)™!, where Ey o = Eo/2.
In realistic explosion calculations, most of the ejected envelope has an approximately
homologous velocity profile and uniform density a few days after shock passage. The
velocity distribution results from the innermost layers pushing the overlying layers
and transferring most of their kinetic energy and momentum to them. Within these
approximations, it is possible to model the ejecta in spherical symmetry as a hot, freely
expanding ionized material with initial radius R, and density p, = (3/47)M,; /R3. The
velocity v of each ejecta shell is approximately constant in time and proportional to its
position within the ejecta (homologous expansion). At ¢ it is v = vy(r(ty)/Ry), where
Up = U is the (constant) velocity of the outermost shell of the ejecta initially at Ry.
The radius of each gas shell increases linearly with time as:

r(t) = r(to) + U(t — to) ol U(t — to) for t — tO > te’o, (57)

where ., ) = R(/vy is the initial expansion timescale of the ejecta. For the outermost
shell: R(t) = Rg + vy(t — ty) =~ vy(t — ty). Mass conservation then gives:

3 3
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R
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For homologous expansion, we can write the evolution of the internal energy as E,(t) =

Eth,O(t/te,O)_l-
In general, we can express the luminosity of the SN lightcurve as:

_ Esn(tsn)

=~ (5.9)

Lsn
where tgy is the appropriate timescale for the duration of the lightcurve, and Egy is the
appropriate energy. Therefore, Lgy and tgy depend on the specific power source. If
the only source is the thermal energy stored in the ejecta, then fgy would be set by the
effective diffusion time through the ejecta, given by [60]:

KM
Laier = R

(5.10)

where ¢ is a scaling constant that depends on the opacity distribution, x, and density.
With ¢ ~ 13.8, applicable to a range of the density/opacity distribution, the diffusion
time is described as follows:

x \(M\Y B TP 0T
tye(t) =~ 130d - day >
aie(t) aYS<0_2 szg—1><M®> (1051 erg) (day) o1

where we have used R = vyt. As the ejecta expand and the density drops, the diffusion
timescale decreases. Therefore, at some point, it becomes shorter than the character-
istic expansion timescale t = R/v,. The moment at which this happens defines the
time of the luminosity peak, f4(fyeax) = peak, Which thus reads as:

1/4

1/2 M 3/4 -
K ej Eiot

t ~11d . 5.12

peak ays (0.2 cng—l) (MG) (10Sl erg) (5-12)

One can easily check, by rewriting the diffusion time in terms of the optical depth of
the ejecta as ty; = TR/3c, that this occurs when 7 ~ 3¢/vy, meaning that the maximum
light is not when the ejecta turn transparent, as one might naively expect [99]. This
is, roughly speaking, the basic mechanism that determines the characteristic timescale
in the rise and decay of standard SNe, as shown in the lightcurves of Fig. 5.4. The
characteristic luminosity due only to internal thermal energy becomes then:

Eth(tpeak)

tpeak

SN,th = (5.13)

By using Eq. (5.12), it reduces to

-1 -1
M. E R
SN, th ergs 0.2 cm?g—! M, 105! erg /\ 106 km ( )
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Given that the typical observed luminosity of SNe is > 10%? ergs™!, it is evident that

this energy source is important for a RSG progenitor (SNe II), for example, but not
for more compact stars like SNe Ia or SNe Ib/c, for which the initial thermal energy
is essentially depleted by the epoch of maximum light and an alternative source of
luminosity is needed. This alternative is well known, and it is provided by radioactive
decay, especially the chain: *Ni —3¢ Co —3° Fe.

6N is unstable, *°Ni + e~ =% Co + ¥ + v,, with a half-life of 6.1 days (e-folding
lifetime 7; = 6.1/1n2 days= 8.8 days). In turn, >°Co decays to stable *°Fe, 81% of
the time by electron capture: *°Co + e~ —>% Fe + y + v,, and 19% by positron decay,
%Co —3% Fe + e* + y + v,, with half-life 77 days (7, = 111.3 days) [99]. The im-
portant aspect to consider here is that the energy emitted via radioactivity cannot be
converted into the adiabatic expansion of the ejecta until the decay starts occurring.
So the fact that the radioactive energy is deposited at later times, in the form of y-rays
and positrons (with neutrinos escaping without energy deposition), makes it possible
to avoid most of the adiabatic conversion into kinetic energy to heat the ejected mater-
ial, and emit the thermal emission in ultraviolet, optical, and infrared (UVOIR) bands .
The fact that the decay times of *Ni and *Co are roughly the same as the timescale
on which a solar mass of material exploded with 10°! erg of energy becomes nearly
optically thin, is a coincidence of physics, one that allows SN Ia to shine so brightly.

All the decay energy of >°Ni and about 97% of the decay energy of *°Co are released
in the form of y-rays. The total available energy from the nuclear decay is [99]:

M
Lyaq = (6.45 x 10*3¢~1/8:8days 4 1 45 % 10%3¢~1/111-3days) M—N ergs™L. (5.15)
O]

Not all this energy is necessarily absorbed by the SN ejecta to heat them. This is the
case only during the early phases when the ejecta are dense, but at later times, when the
ejecta are optically thin, proper treatment of the y-ray transport is needed to estimate
the expected luminosity. However, it can be shown that around the peak time, Eq.(5.12),
the optical depth for y-ray absorption is still high, so that the peak luminosity is roughly
determined by the decay power (usually dominated by the *Co decay for most of SNe);
this is 104 — 10% erg s™! for My; = 0.01 — 1 M.

'The y-ray heating happens as follows: y-rays are initially trapped in the SN’s optically thick and
dense ejecta through Compton scattering and pair production interactions. These interactions result
in the gradual redistribution of y-ray energy among the particles in the ejecta, increasing the kinetic
energy of the ejecta’s constituents (atoms, ions, and electrons). This, in turn, raises the temperature of
the ejecta. The increased temperature leads to a rise in thermal pressure. This pressure gradient can
drive the overall expansion of the SN remnant. As the ejecta expand, they cool, and the temperature of
the emitted radiation drops. The degraded y-rays through the Compton scattering create a continuum
down to ~ 100 keV below which the photons are absorbed through the photoelectric absorptions.



Selected transient sources

In this Chapter, we present a comprehensive overview of the two transient sources
addressed in this thesis: interaction-powered supernovae and long gamma-ray bursts.
We delve into the observational aspects and provide the essential theoretical framework
that will help the reader understand the observational properties characterizing both
phenomena.

6.1 Interaction-powered supernovae

An energy source alternative to the thermal and radioactive ones discussed in the pre-
vious Chapter, and of significant interest for the work in this thesis, is provided by the
interaction of the SN ejecta with the circumstellar medium (CSM), which we will call
ejecta-CSM interaction. In this case, the main power would come from converting the
ejecta kinetic energy into radiation.

All SNe must interact with interstellar material at some stage. If the density of this
material is not high enough, then the interaction becomes observable only some dec-
ades after the explosion as X-rays from a young SN remnant. Here, we concentrate on
cases when the density in the vicinity of the exploding star is much higher than average
due to much more powerful winds in the pre-SN stage or other hydrodynamic events
such as pulsations, eruptions, and violent mass transfer in a binary star, as discussed
in. Sec. 5.3

There are strong arguments to believe that Type IIn SNe and their extreme ver-
sion, represented by Type IIn Superluminous SNe (SLSN IIn), are mainly powered by
ejecta-CSM interaction. This is particularly due to their distinctive characteristics, like
the slow-evolving, long-lived, and relatively bright lightcurves, as well as the pres-
ence of narrow H lines in their spectra. It is difficult to explain the very high peaks
(~ 10* — 10** ergs™!) and luminosities observed in SLSN IIn (see Fig. 5.4) without
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invoking interaction with a very dense CSM . By looking at Eq. (5.15), we see that a
power input provided by the radioactive decay of *®Ni would require the production of
up to 10 M, of *®Ni in the ejecta. Masses like this are extremely hard to synthesize un-
less invoking very special and highly massive progenitors, which die as pair-instability
SNe 2 [331].

There is one crucial thing we need to remember: in general, one should not identify
SNe IIn and related categories as a supernova type (or, more accurately, not an intrinsic
explosion type) but as an external phenomenon associated with CSM interaction. It is
crucial to understand that any CCSNe, thermonuclear SNe, or even non-SN explosive
outflows can manifest as a SN IIn. All that is required is fast ejecta with sufficient
energy crashing into slower ejecta with sufficient density.

In this section, we describe the basic physical picture of the dynamics of the ejecta-
CSM interaction. Then, we provide a brief observational perspective, discussing the
expected emission due to the interaction. We consider the idealized case of spherical
supernova ejecta interacting with a spherical CSM, as sketched in Fig. 6.2. We note that
our description applies in particular to CCSNe.

6.1.1 Interaction of supernova ejecta with circumstellar me-
dium

Let us consider a spherical CSM density profile with total CSM mass Mgy contained
within an outer radius Ry and described by a power-law function of the radius:

—S

) = BR™. (6.1)

Pesm(R) = 3 - S)MCSM< R

47TR(3:5M Resm

We note that B = M,,/4mv,,R? for the case of a wind-density profile, with s = 2. When
the star explodes, the SN ejecta expand inside the CSM and interact with it. Since
the velocity of the outer layers of the supernova ejecta (~ 10* kms™?!) is much higher
than the velocity of the CSM medium, v,,, we can consider the CSM to be stationary.
Given the supersonic velocities of the ejecta, the interaction results in the formation of
a forward shock (FS) propagating outwards, heating the CSM, and a reverse shock (RS)

'We note that luminous blue variables (LBV) have been suggested [453] as possible progenitors of
SNe and SLSNe IIn, given the large periodic mass loss rates observed in some cases (see Fig. 5.3), but
several complications exist [160].

The most massive stars, typically those with mass M 2 140 M, can undergo a unique type of SN
known as a pair-instability SN (PISN) [236]. This phenomenon is driven by a critical temperature in the
star’s core, where high-energy photons convert into e”e* pairs, reducing the core’s radiation pressure
and initiating the core collapse. However, before the core can entirely collapse, the explosive burning of
oxygen reverses the process, resulting in a powerful explosion that completely disrupts the entire star.
These PISNe are exceptionally energetic, with an estimated energy release of about 10°2 ergs.



76 INTERACTION-POWERED SUPERNOVAE

100 ——————F————————————

10 =

- z

P

u/u(Rgg), P/ P(Rgg), p/p(Rps)

A

Figure 6.1: The velocity (black), pressure (red), and density (blue) profiles of the self-similar
solution for SN ejecta (from the left) with n = 10 propagating through a CSM (at the right) with
s = 2. The radial coordinate is normalized to the radius of the FS, and the physical quantities
are normalized to their post-shock values at the FS front. The contact discontinuity corresponds
to the radius at which the density peaks, while the RS is located where there is a jump in the
ejecta density. Adapted from [72].

propagating inwards (in mass), reheating the outer layers of the ejecta (see Fig. 6.2).
The forward-shocked CSM and the reverse-shocked ejecta are separated by a contact
discontinuity (CD), Rcp, where the density peaks, as shown in Fig. 6.1.

Before interaction with the wind, the radial density profile of the outer layers of
the ejecta can usually be described by a steep power law. Relying on numerical sim-
ulations [314], it is found that during the homologous expansion, the density profile
is [130, 332]:

Pe(R 1) = gnt"R7", (6.2)
with
1 [25-8)(n-5E]""?
8= 2= 8) 3= 8)(n— HM |2’

where Ey is the total SN kinetic energy, M,; is the total mass of the SN ejecta, n is
the density slope of the outer part of the ejecta and 6 the slope of the inner one. The
parameter n depends on the nature and properties of the progenitor’s envelope (it can
be convective or radiative); n ~ 12 is typical of RSGs [314], while lower values are
expected for more compact progenitors (e.g., a value of n ~ 10 is predicted for SN Ib/Ic
and SN Ia progenitors).

When the interaction region between the two shocks can be treated in a thin-shell
approximation, namely when the radial distance between the two shocks is small com-
pared to Rcp, the evolution of the shell can be described by a self-similar solution with

(6.3)
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adiabatic index y = 4/3, appropriate for a radiation dominated gas [126]. Let us assume
that the shocked gas is concentrated in a shell with mass M, velocity vy,, and radius
Ry, = Rcp. Balancing the ram pressure from the CSM and the impacting ejecta, the
momentum equation for the shocked material becomes [131]:

du
M dth = 47TR§h[pej(Uej —vg,)? — IOCSMUszh]' (6.4)

The mass of the shocked shell M; is given by the sum of the swept up ejecta mass
behind the RS, Mys = 47 fRooh pej(r)rzdr, and that of the CSM behind the FS, My =

47 jE)RSh Pesm(P)ridr. With Uy = Rgy/t the maximum ejecta velocity close to the RS,
one finds that the shell radius evolves as a power law in time [126]:
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with B defined as in Eq. (6.1), and A a constant. The solution applies after a few expan-
sion times. The velocity of the FS is:

_ dRsh — (n_3)Rsh _ (n_3)
TG T i—s) t (n—s) o (6.6)

while the RS velocity is

_(3-%)

==y Vej- (6.7)

Urs = Uej — Ush
The radii of the FS and the RS are given by

Rps(rs) = Prs(rs)Rshs (6.8)

where s and g are constants representing the ratio of the shock radii to the contact-
discontinuity radius Ry, (see also Fig. 6.2). The width of the shocked shell is con-
sequently AR = Rpg — Rps. The values of Brg and fgg are determined by the values of
n and the slope of the CSM density profile, and are given in Table 1 of Ref. [126]. The
self-similar solution describes the normalized profiles of the density, velocity, and pres-
sure profiles and depends on the values of n, s, and the adiabatic index of the shocked
materials, y. An example of such a profile for n = 10, s = 2, and y = 4/3 is shown in
Fig. 6.1.

We note that no self-similar solution exists for the general case and that the solution
above holds only for the cases where M,; > Mcgy. In the opposite regime, M <
Mgy, also called blastwave-regime, the situation is similar to a point explosion in a
power-law medium. In this case, the whole ejecta are immediately swept by the RS,
and the energy of the ejecta is promptly dissipated in a small region at the center of
the CSM. The FS propagation in a power-law atmosphere has been well studied in the
literature (e.g., [517] ).
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6.1.2 Emission from interaction-powered supernovae

Based on the scalings we provided in the previous section, we can derive the properties
of the emission we expect to see from interaction-powered SNe. As sketched in Fig. 6.2,
the structure created by the FS and RS shocks consists of four different zones where
heated material can radiate and contribute to the observed spectrum:

+ Zone 1 represents the unshocked CSM outside the FS.
 Zone 2 represents the CSM already swept up and heated by the FS.
« Zone 3 represents the decelerated SN ejecta already shocked by the RS.

 Zone 4 represents the freely expanding SN ejecta.

The kinetic luminosity of the FS is [481]:

d(1 dvyg, 1dM
Ly = a(EMFSvszh) = MFSUshW 5 thS V3, = 27PesmR2 Vs, (6.9)
where we have ignored the small deceleration of the shell (dvg,/dt ~ 0). Analogously,
one can find the luminosity of the RS as:

Lys ~ 27pR%, Vs (6.10)

We expect that a fraction epg of Lyg and a egg of Lyg will be converted into radiation. The
efficiencies epg and exg will depend on SN and CSM parameters. From the above two
expressions, one can also show that Lgs/Lgs = (n — 5)/(3 — s) [462], so for steep ejecta
profile the RS would only insignificantly contribute to the total energy dissipation rate.
For this reason, in what follows and in the Chapter on our results, we will only focus
on the FS.

Now, we can infer the typical wavebands in which this radiation should be observed.
Let us derive the temperature T; of a species with mass m; right behind a shock of
velocity vy, by requiring that 3/2kgT; = 1/2m;v?%,, where kg is the Boltzmann constant,
and v,y the upstream speed in the downstream frame. Using Eq. (3.8), we have that
Vg = (1 = 1/)vg, = [2/(y + 1)]vg,, and thus

4
kpT; = ————m;v3,. 6.11
Bti 30/ + 1)2 i%sh ( )
If the plasma is in full thermal equilibrium, we can use a single temperature to describe
it. Assuming solar abundances and equipartition between ions and electrons, the above
expression tells us that the temperature of the shocked CSM is

n—3 2 L. 2
Tps ~ 1.2><1091<( ) < d ) . (6.12)

n—s 104 kms—!
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Here we have adopted a mean atomic weight i ~ 0.6 for a fully ionized plasma of solar
abundance and replaced m, — um,. The temperature at the RS would be instead
Tys = Tis/(n — 3)? [131]. We see that for typical parameters, the temperatures of the
two shocks are very different, ~ (1 — 3) X 10°K for the FS and ~ 107 — 5 x 108K for
the RS, depending on n.

If L could be directly released and observed at Earth, the spectrum would be expected
to be hard, peaking in the X-ray band and with emission lines. Nevertheless, spectra
with these characteristics are rarely observed in SNe IIn and have not been seen in
SLSNe II. So, it is natural to conclude that the CSM must be optically thick to radiation,
and the effects of radiative diffusion of the shock-generated luminosity must be sig-
nificant in explaining the currently observed optical LCs and spectra of these events.
Let us indeed describe more carefully the different conditions in which the FS can emit
radiation.

First of all, we note that the expression for T written in Eq. (6.11) holds only for col-
lisionless shocks, and thus for radii R such that 7.q(R) < ¢/vg,(R), where Teg\(R) =
fRoo KesPosm(7)dr is the optical depth of the CSM between R and the observer, ¢ the
speed of light, and x, the electron scattering opacity of the CSM medium *. As dis-
cussed in Chapter 3, a collisionless shock is mediated by plasma instabilities, which
can accelerate particles to relativistic energies.

When 7\ > ¢/vg,, the shock is instead said to be a radiation-mediated shock (RMS),
which means that the shocked plasma’s thermal energy density is dominated by radi-
ation. In such shocks, the photons generated in the downstream shock region diffuse
upstream and decelerate the incoming plasma by Compton scattering off the electrons,
which in turn stop the nuclei through collective plasma interactions (e.g., an electro-
static field).

The condition 7y > c¢/vg, can be intuitively understood as follows: a shock with
velocity vy, produces radiation; the diffusion of energy carried by radiation causes the
shock to develop a finite width with optical depth 67 ~ c¢/vg, [502]. This optical depth
can be inferred by equating the hydrodynamical timescale and the diffusion timescale
over the shock front. At large optical depths 7y > ¢/vg, (67 < Tcgy), the shock wave
can still be treated as an ideal discontinuity, and diffusion can be neglected. Once the
shock approaches a radius where 7-g\; ~ 97, radiation starts leaking by diffusion since
the escape velocity becomes larger than the shock velocity. When this happens, the
shock dissolves and is said to “breakout” or “breakdown”. The radius at which gy =
c/vg, is called the breakout radius, R;,. At R, all the thermal energy accumulated

>The opacity K is, of course, composition dependent, and its value typically ranges from ~
0.2cm?g™! for hydrogen-free matter to ~ 0.4 cm?g™! for a pure hydrogen composition. For a solar
composition, one has k., = 0.2(1 + X)) =~ 0.34 cm? g~! [425], where X}; = 0.73 is the hydrogen mass
fraction [300].
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Figure 6.2: Sketch of the basic picture of a SN interacting with a CSM. Four different zones are
noted with numbers: (1) the pre-shock CSM, (2) the shocked CSM, (3) the shocked SN ejecta,
and (4) the freely expanding SN ejecta. These zones are divided by boundaries corresponding to
the FS, the RS, and the CD between the shocked CSM and shocked ejecta, where material cools
and piles up. This is often called the cold, dense shell (CDS) in SNe IIn. Each zone’s typical
temperatures are displayed, indicating what kind of emission is expected to be produced in
these events. Adapted from [99].
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Figure 6.3: Sketch of the SN luminosity evolution (in arbitrary units) resulting from the inter-
action of the SN shock with the dense CSM. The origin (¢t = 0) coincides with the SN explosion
time. The LC starts rising to the peak at the breakout time #,,. The rise time is given by the
photon diffusion time in the optically thick CSM.

until that point can be released. In general, the amount of energy in the interaction
shell above some velocity v, can be estimated as [132]:

r 4 E
Pei(L, V)t—zdr ==

o0
1
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diss \/v;t zpe]( ) ot 3Mejv>%

So, if we want to know how much kinetic energy of the ejecta component has been
swept up by the shell before R, we should substitute v, = Ry,/t,, (Where t,, is the
breakout time, so that Ry, (f,) = R},), and consider that the energy in radiation is
E..q = €24E4iss- This energy will be released to the observer over a diffusion time scale
t4ier» namely the time it takes for photons to propagate through the CSM mass comprised
between R}, and the photosphere Rpyy (defined as the radius where 7-gy = 1). The
characteristic post-shock temperature for a radiation-mediated shock is (e.g., [465]):

(6.13)

1/4
180csmU3, )

T, =
RMS ( 7app

(6.14)

where agp is the Stefan-Boltzmann energy density coefficient *. We see that Tyys in-
creases proportionally to the square root of the shock velocity, and it is significantly

“We obtained this temperature by comparing the radiation pressure in the post-shock region (assum-



82 INTERACTION-POWERED SUPERNOVAE

lower than that of a collisionless shock. Consequently, the resulting thermal transient
should fall into the UV/optical range.

With the above information, we can finally summarize the properties of expected
radiation from interaction-powered transients. We identify three different phases: a
pre-shock breakout, a shock breakout, and a post-shock breakout phase:

« While the shock in the optically thick part of the CSM, where 7oy > ¢/vg,, no
radiation can escape to the observer because the shock propagates faster than
the photons can diffuse.

« When the shock reaches Ry, the accumulated radiation during the interaction
with the wind before the breakout is released over a diffusion time scale, ¢,
As the breakout occurs, these photons start leaking toward the observer, and
their observed temperature is set by their interaction with the unshocked CSM
through which they diffuse. The temperature of this radiation is indeed expected
to peak in the optical, and in general to be lower than the temperature of the
radiation at the breakout, ~ Tpys(Ry,) °. This is the breakout radiation, and in
the optical lightcurve, it should represent the bulk of the luminosity before the
peak and at the peak. The rise time to the peak, t,;,., would then be given by the
photon diffusion time (see Fig. 6.3).

« Following the breakout, the shock may transition into a collisional or collision-
less shock if the wind density does not fall abruptly. Since for these kinds of sys-
tems, it can be shown that the plasma ion frequency, w, = (47pcspe/ mp)l/ 2 s
many orders of magnitude larger than the ion Coulomb collision rate per particle,
Vo = PcsmIcUsh/My, the FS will become collisionless, mediated by plasma in-
stabilities [258]. The internal energy in the post-breakout phase will thus be
dominated by the CSM material heated by the FS.

The bulk of the FS kinetic luminosity (see Eq. (6.9)) should, in principle, be ob-
served in the UV/X-ray region of the spectrum and not optical (Eq. (6.12)). Nev-
ertheless, the statistics present a contradiction. Only a mere ~ 3% of SNe IIn
have been observed emitting in the X-ray bands [119], and most of them have

ing blackbody radiation) with the ram pressure from the CSM. Another way would be estimating T from
the radiation energy density at breakout, namely from E,,4(Ry,) and the volume of the shocked shell
47(R3 — R35)/3 at time ¢y,

>The observed temperature depends strongly on whether or not there is thermal equilibrium between
the diffusing radiation and the radiation produced in the unshocked CSM. In the case of thermal equi-
librium preserved up to large radii, the observed temperature is expected to be lower than the breakout
temperature since it would be set by the external parts of the wind where the radiation energy dens-
ity is lower. Vice versa, if the photons at the shock are out of thermal equilibrium, then the observed
temperature can be much higher (see [465]).
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X-ray emission after around a year. Moreover, SLSNe are generally known to be
weak X-ray emitters. This can be explained once considering the severe inhibi-
tion of X-rays produced at the shock by photoelectric absorption and Compton
down-scattering in the unshocked upstream CSM (see, e.g., [465, 308]).

Generally speaking, there should always be two different components contribut-
ing to the lightcurve in this post-breakout phase: one soft component in the op-
tical/UV band, generated by the unshocked gas ahead of the shock, and one hard
component in the X-ray band, generated by the hot shocked electrons via free—
free emission and IC of the soft photons. If thermal equilibrium is maintained
ahead of the shock, it has been shown that the X-ray emission is strongly sup-
pressed and should represent a small fraction (~ 10~%) of the UV-optical energy
at earlier times. It would then become visible only at later times (at 10 — 50 .,
which can be up to ~ 500 days after the breakout) [465].

+ The unshocked CSM, (1) in Fig. 6.2, is heated by the breakout radiation, as well
as the shock hard radiation. It can be ionized, and the subsequent recombination
would produce narrow emission lines in the optical, especially Ha, and in the UV,
e.g., Lyman-a. The width of these narrow lines could provide a measure of the
wind velocity.

» Together with the thermal soft and hard radiation, non-thermal radiation is ex-
pected to be produced by the accelerated electrons at the shock. The most import-
ant emission mechanism is usually synchrotron emission. Nevertheless, the radio
emission of electrons is expected to be significantly affected by either the external
free-free absorption process of the surrounding ionized medium or the internal
synchrotron self-absorption by the same electrons responsible for the emission.
The dominant absorption mechanism depends upon the mass loss rate, magnetic
field in the shocked shells, shock velocity, and ejecta density. Only ~ 10% of SNe
IIn have been observed in radio bands, and they typically exhibit delayed and not
very bright emissions. This is indeed often attributed to absorption effects [119].

« Also, infrared (IR) emission can be observed from SNe IIn or their superluminous
version. There are two ways in which IR radiation can be produced:

1. The first one requires the presence of dust in the CSM. After a SN occurs, the
temperature of a CSM dust grain will be determined by a balance between
heating by absorption of SN radiation and cooling by IR emission. Because
typical dust grains evaporate at about 1500 K, a CCSN will evaporate dust
out to a certain radius Ry, dictated by the maximum SN luminosity; this
maximum probably occurs at shock breakout. For R > Ry, the dust sur-
vives and subsequently cools. Dust that manages to survive the SN event
and maintains a temperature T emits IR radiation, with a peak wavelength
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at around A,,, ~ 6(T/500K)um, according to the blackbody Wien law.
When the optical depth for dust absorption in the UV region is significant,
this can lead to the phenomenon of an infrared echo [99];

2. The second way of producing IR is by direct dust formation by the SN itself.
SNe involving strong interaction with CSM offer a unique and potentially
more efficient mechanism for dust creation than standard SNe. In classical
SNe, dust forms within the expanding ejecta, where there is competition
between cooling and the rapidly diminishing density. Indeed, the two ne-
cessary ingredients for efficient dust formation are a high density and a low
temperature so solid condensation can occur and grain nucleation can begin.
Even if dust could form efficiently in normal SNe, it might get destroyed
when the RS crosses the ejecta. Conversely, in interacting SNe, evidence
indicates rapid dust formation within the highly dense post-shock cooling
shell (Zones 2 and 3 in Fig. 6.2). Furthermore, this dust is situated behind
the two shock fronts, increasing its likelihood of survival and potential con-
tribution to the interstellar medium’s dust budget.

« In addition to electrons, protons (or heavier nuclei, if present) are expected to
be accelerated at both FS and RS. If the CSM is dense enough, the interaction of
these relativistic particles with the cold medium leads to the production of high-
energy y-rays and neutrinos, as we have shown in Chapter 2. We discuss the
production of neutrinos in Sec. 10.1.

« Finally, once the wind density drops abruptly, at Rqgy;, the FS becomes inefficient
and the luminosity fades quickly. If it is still bright enough to be detected at this
stage, one could finally observe the standard emission from the SN ejecta, whose
primary power source would be radioactive decay.
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6.2 Long Gamma-Ray Bursts
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Figure 6.4: Schematic representation of a relativistic collimated jet responsible for the prompt
y-ray emission, having an internal origin to the jet, and the afterglow emission, resulting from
the interaction of the jet with the surrounding medium. Credit: NASA/Goddard Space Flight
Center/ICRAR.

Long Gamma-Ray Bursts (LGRBs) are the most powerful phenomena in the Cosmos.
They represent extraordinarily intense flashes of y-ray radiation, which can outshine
entire galaxies for a brief moment and are believed to originate from relativistic collim-
ated jets born in the cataclysmic deaths of massive stars. They exhibit a bursty emis-
sion pattern, lasting from milliseconds to thousands of seconds. Their energy normally
peaks in the sub-MeV to MeV range. After the initial y-ray pulse, the late emission from
LGRBs, also known as afterglow, can extend from minutes to months or even years and
is observable across various wavelengths, including radio, millimeter, infrared, optical,
ultraviolet, X-rays, and y-rays. LGRBs emit isotropic y-ray luminosities ranging from
~ 10°° to 10°* erg s~! . This energy output is staggering, surpassing the Sun’s lifetime
energy emission in less than one second.

This section presents the observational properties of both prompt and afterglow
emissions. To follow, we introduce the theoretical framework of LGRBs and present the
models proposed in the literature to explain the bright prompt emission. The prompt
and the afterglow phases are schematically shown in Fig. 6.4 and will be our main focus
of investigation in Sec.7.1.
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Figure 6.5: Sample lightcurves of BATSE LGRBs. Figure from [520].
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Figure 6.6: The three possible spectral components that shape the observed time-resolved spec-
tra of LGRBs. The most common observed component is I. Some components can be suppressed
in some LGRBs. Figure from [520].

6.2.1 Observational facts on Long Gamma-Ray Bursts

In what follows, we summarize the main observed properties of LGRB lightcurves and
spectra. The interested reader can find a more complete and detailed overview in the
thorough reviews [320, 281, 520]. We divide our discussion into prompt emission and
afterglow emission.

6.2.1.1 Prompt emission

« Temporal properties

1. Duration Tg(: is the time interval within which 90% of the burst fluence
is detected. For LGRBs, it spans three orders of magnitude, from a few to
thousands of seconds, and peaks at 20 — 30 s.

2. Lightcurves: are extremely irregular, as can be seen in Figure (6.5). Some
bursts consist of very erratic, spiky components, while others are smooth
with one or a few pulses. Some bursts contain distinct, well-separated by
quiescent gaps emission episodes, while others present pulses that follow
one another with brief temporal separations.

3. Pulses: have widths J¢ varying in a wide range. The shortest spikes can
have millisecond widths, and 8t/Ty, can reach values as low as 1073,

« Spectral properties
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The continuum LGRB spectrum is non-thermal. Thermal (Planck-like) spectra
are ruled out for the vast majority of bursts. Instead, for most cases, the spectrum
can be effectively described by a smoothly-joining broken power law, commonly
referred to as Band-function (see Fig. 6.6). The main components that have been
identified in the spectral analyses of LGRBs are the following:

1. Band function (I in Fig. 6.6) This spectral model involves three independ-
ent parameters: a low-energy photon spectral index (at,), a high-energy
photon spectral index (8,), and the break energy in the spectrum (g, o). It is
important to note that this spectral shape holds for the integrated emission
over the entire burst duration and for emission observed during specific
time intervals within the burst. The photon number spectrum (in units of
photons - L2 - T~! . E71) in this model reads as [73]:

24

g \Y eT _
nBand(e ) = C (100 keV) ¢ & < (@ = By)eyo
v (ay=Bepo \ TP 5 & \Pr
(—V V V’) ePr “Y(—V ) g, > (o, — By)e
100 keV 100 KeV v=ry Fymr0
(6.15)
where ¢, is the photon energy and C the normalization constant of the
2 ,,Band

spectrum. The peak energy in the eyn,*¢ spectrum, ¢, p, is related to ¢, o
through ¢, , = (2 + @y )¢, o. The typical spectral parameters inferred from
observations are: a, ~ —1.1 and 8, ~ —2.2. The distribution of the peak
seems to form a continuum from several keV to multi-MeV and is centered
around g, , =~ 300 keV [218].

2. Thermal component (Il in Fig. 6.6) or quasi-thermal, is found to contribute
to the observed spectra of a fraction of bursts.

3. High-energy component (III in Fig. 6.6) Most of the detections at high
energies are consistent with an extended Band spectrum without further
breaks. However, there are several examples in which this is not the case,
and a power-law component is found extending to the Fermi LAT band to
high energies (above 100 MeV) but sometimes also to low energies (in the
X-ray band).

Generally, one may consider a prompt emission spectrum, which includes all
three spectral components. Their significance may vary among the population
of LGRBs. Usually, I is the dominant component. The superposition between the
different components has been seen in a handful of LGRBs. Component III seems
to evolve independently and typically emerges later than the other two. The exact
physical origins of the three components remain partially elusive. One plausible
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hypothesis associates the thermal component with the emission from the photo-
sphere of relativistic ejecta while attributing the Band component to non-thermal
synchrotron radiation within the optically thin region. Alternatively, there is on-
going debate regarding whether both components represent quasi-thermal emis-
sions from the photosphere. Component III is mysterious. Its rapid variability,
not unambiguously linked to the afterglow phase, suggests that it might not arise
from there. The precise physical mechanisms responsible for Component III re-
main debatable, although some form of inverse Compton scattering process is
likely involved.

+ Energetics The total isotropic energy emitted during the prompt phase is found
to be Ey 5, ~ 10°° — 10°* erg. To infer the total intrinsic energy, one needs to
consider the collimation of LGRB jets. The beaming factor of a GRB is defined
as fp, = AQ/4m, where AQ is the solid angle of the jet. Considering a bipolar,

conical jet with a half-opening angle Gj, one has AQ = 47(1 — cos @), so that

i
szl—cosejzi (6.16)

where the second approximation applies when 6, < 1. For high-luminosity
LGRBs, data suggest f;~' ~ 500, which corresponds to a mean jet opening angle
6 ~ 3°. With this information, the estimate of the true emission energy E, be-
comes straightforward: E, = f,E, ;.. The latter is found to have a narrower
distribution, clustered around 5x 10°° —10°! erg, suggesting a “standard” energy
reservoir for LGRBs [520].

« Supernova connection It turns out that at least some LGRBs are associated with
some (not all) broad-line Type Ic SNe (see Sec. 5.4 and Fig. 5.4). The progenitors
of these SNe are Wolf-Rayet stars that, due to powerful winds, have also been
stripped of their external He layer. During a supernova event, the greater the ve-
locity of the ejected material, the more significant the dispersion in radial velocity,
consequently causing the spectral lines to appear broader. The presence of broad
spectral lines in these events thus suggests that they are associated with highly
energetic explosions. Remarkably, only a fraction of these broad-line SNe are
observed to be linked with LGRBs. The precise reason why certain massive stars
become LGRB progenitors remains uncertain. However, the angular momentum
present in the star’s core could be a critical factor in determining whether a col-
limated and relativistic jet can be launched during the stellar collapse, leading to
the formation of a GRB.
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6.2.1.2 Afterglow emission

Observationally, the afterglow phase of a LGRB represents the temporal phase after
the end of the prompt sub-MeV emission, and it was predicted before its discovery.
Regardless of the nature of the central engine, we know that the GRB phenomenon
is connected to an extremely energetic outflow. Irrespective of their location in the
Universe, there exists a surrounding medium (even if its density is low) that will decel-
erate this outflow. Typically, this deceleration occurs through a strong forward shock
(FS) propagation into the surrounding medium. However, in the early stages, there
is also a reverse shock (RS) that penetrates the ejected material itself (analogously to
what we have seen for interaction-powered SNe). The shocked decelerating material
constitutes what is typically called a “blastwave shell”. These shocks facilitate the ac-
celeration of electrons (and protons), ultimately leading to the generation of intense,
broad-spectrum, non-thermal radiation via the synchrotron process (and also synchro-
tron self-Compton (SSC) emission in the high-energy band). Hence, from a theoretical
perspective, an afterglow can be defined as the broad-spectrum radiation released dur-
ing the interaction between the fireball ejecta and the surrounding medium. This emis-
sion is supposed to originate either from the external FS or from the external RS when
it crosses the ejecta. However, observations conducted by Swift have indicated that not
all forms of observationally defined afterglow emission can be attributed to emissions
from external shocks. For instance, X-ray flares and “internal” plateaus likely stem from
an “internal” region within the jet, driven by late-stage central engine activities. In this
thesis, we will use the observational definition for the afterglow, and in what follows,
we mainly focus on the observational properties of the afterglow phase that we need
to know for our study in Sec. 7.1.

+ General properties

1. Afterglows are (quite) broad-band, having been detected in the X-ray, the
optical/infrared, and the radio bands. In each band, the lightcurve generally
displays a power-law decay behavior. Indeed, the afterglow flux density can
typically be characterized by

E/(t,v) x t~%~b, (6.17)

with v being the frequency of the observed radiation, and a and b are usually
positive indices.

2. The X-ray afterglow can be described by a canonical lightcurve composed of
different components, even if not every LGRB has all these components. On
top of the normal decay phase predicted in the standard external FS model,
the other observed temporal behaviors in the X-ray band can be explained
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Figure 6.7: Re-brightening feature in multiple optical bands observed during the afterglow
phase of GRB 081029. Figure from [359].

either by invoking a “tail” of the prompt emission or a prolonged continu-
ous energy injection into the blastwave or some late activity of the LGRB
central engine which produces X-ray flares, suggesting that the duration of
a LGRBs is usually (much) longer than what Ty, records.

3. Our attention in Sec. 7.2 will be directed toward the optical afterglow emis-
sion. It is observed that the late-time optical afterglow lightcurves (later
than a couple of hours after the GRB trigger) are relatively “regular”, typic-
ally having a single power-law decay with a decay index of a ~ 1. Richer
features other than power-law decays have been discovered for bursts with
high-quality data. Figure 6.7 shows an example of an optical re-brightening
feature, which is not expected from the simplest afterglow models. The pro-
posed models for interpreting these features include density bumps or voids
in the circumburst medium, multiple episodes of energy injection into the
blastwave, angular fluctuations in energy per unit solid angle, or the exist-
ence of multiple jet components. We will discuss better the optical bumps
in Sec. 7.2.
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6.2.2 Theoretical framework of Long Gamma-Ray Bursts

In this section, following Ref. [520], we lay out the basic theoretical concepts necessary
to grasp the physics behind LGRBs. We briefly describe the central engines capable
of producing relativistic jets associated with GRBs. Then, we show the importance of
the various reference frames for relativistically moving ejecta to correctly interpret the
observations on Earth.

6.2.2.1 Central engine

Following the progenitor system’s catastrophic destruction, a central engine forma-
tion becomes necessary to fuel the high-energy jet in a GRB. A good central engine
candidate must be able to account for the different observational properties observed
in GRBs. Therefore, it should be able to 1) release isotropic energies in the range of
Ey o ~ 10* — 10 erg, 2) produce an outflow with very large Lorentz factors (> 100),
3) operate intermittently, so to explain the wide range of temporal LGRB features, 4)
reactivate itself at late times, to explain the X-ray or optical flares observed after the
prompt emission, 5) launch jets with a variety of compositions, ranging from matter-
dominated fireballs to Poynting-flux-dominated outflows, as indicated by prompt emis-
sion observations by Fermi.

While the primary candidate has long been a hyper-accreting black hole (BH), re-
cent observations have introduced the possibility of an alternative engine, at least in
the case of certain GRBs. This alternative engine is believed to be a rapidly rotating,
intensely magnetized neutron star, often referred to as a millisecond magnetar. See
Ref [355] for a comprehensive review of the central engines of LGRBs.

Hyper-Accreting Black Holes

If LGRBs owe their power to an accretion process onto a stellar-mass BH, a relatively
high accretion rate becomes necessary. The primary source of the jet’s power can be
either the gravitational potential energy stored within the accreted matter or the ro-
tational energy of the BH itself. The accretion rate is important even in the second
scenario since it impacts the rate at which the BH spin energy is extracted. In general,
we can write the luminosity due to accretion as

: M
Legg = {Mc* = 1.8 X 10%! —1< S )( ) 6.18
where M is the mass accretion rate into the BH. Given a reasonable efficiency (¢ ~
1073) in converting matter into energy, the required accretion rate for a typical LGRB
is 0.1 — 1My s~!. With such a high accretion rate, the accretion flow becomes hot
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enough to make efficient the e /e~ capture processes:
e +p-o>n+v, e +n-p+7,. (6.19)

Abundant neutrinos are generated within the disk, which escape and cool the disk. The
accretion flow in this regime is called a neutrino-dominated accretion flow (NDAF).

On the other hand, from the collapse of the progenitor star, a rapidly spinning BH
can be formed, and the efficient accretion would further increase its angular momentum.
If the disk has strong poloidal magnetic fields, the energy and angular momentum of
the rotating BH can be extracted through the Blandford-Znajek mechanism. In such a
case, the spin energy of the BH would be the ultimate power source of the jet.

Let us now briefly describe the two well-established mechanisms for the launch of
ajet:

+ Neutrino-driven mechanism: neutrinos and antineutrinos produced in a NDAF
would annihilate just above the accretion disk, resulting in the production of
photons and e~e* pairs. Neutrinos can also strip baryonic matter from the disk.
Consequently, this process would form a hot fireball with minimal baryon con-
tamination above the disk. Neutrino annihilations exhibit substantial optical
depths, especially near the BH’s spin axis, facilitating the creation of a wide, re-
lativistic outflow in the polar region. For LGRB jets originating from a BH at the
core of a massive star, the surrounding stellar envelope would further collimate
the outflow, resulting in relatively narrow jets, as observed for LGRBs. In general,
the v¥ annihilation luminosity depends on the mass accretion rate M, BH mass,
and the spin of the BH, and there is no simple analytical derivation of these de-
pendencies. Baryon loading in the fireball is achieved through neutrino-nucleon
weak interaction via CC interactions to strip protons or NC interactions to strip
neutrons. Neutrinos can transfer momentum to protons/neutrons, giving rise to
a neutrino-driven baryon wind.

« Blandford-Znajek mechanism: when a highly magnetized accretion disk co-
exists with a rapidly spinning BH, with magnetic field lines that thread the BH’s
event horizon and are connected to a distant astrophysical load, the field lines
become twisted due to the BH spin and exert a torque on the BH to slow it down.
In this way, the BH’s spin energy gets extracted via the BZ mechanism, giving
rise to a jet dominated by Poynting flux. For a BH with magnetic field strength
B near the horizon, the total Poynting flux power from the BZ process may be
estimated as:

2 2

M, B
L, = (1.7 X 105 -1 2(ﬂ> ( )F . 6.20
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where a, = Jc/GM2y is the dimensionless BH spin parameter, J being the BH
angular momentum, and

1+ q¢?
q2

F(a,) = [ [ + (1) arctang — 1], = L. 6.21
(a.) 1+ 3 q =10 Nepmp (6.21)
A small amount of baryons is expected to be entrained in the Poynting flux dom-
inated jet. A neutrino-driven baryon wind should still originate from the NDAF
accretion disk. Protons, however, cannot penetrate the magnetically dominated
outflow due to their small gyration radius. Baryon loading is achieved through
neutrons that can penetrate the jet freely. Neutrons may decay into protons to
load baryons in the jet, but neutron decay is a relatively slow process. So, the
BZ jets have much lower baryon loading than v¥-annihilation jets, which means

that the maximum achievable Lorentz factors of the jet should be larger.

Based on what we have written so far, here we list the main differences between the
two mechanisms that we need to remember for later discussions:

« for high B and high a,, the BZ power exceeds the v¥-annihilation power signi-
ficantly;

« for high B and low a,, the v¥-annihilation power exceeds the BZ power if the
mass accretion rate M is sufficiently large, and becomes negligible for low M;

« for low B and low a,, the v¥-annihilation power dominates;

+ the BZ mechanism launches a Poynting-flux-dominated jet, whereas the v¥-annihilation

mechanism launches a hot fireball;
« the baryonic loading in the BZ jet is much lower than in a v¥-annihilation jet.

Millisecond magnetars

If in the collapse of the massive progenitor star, a neutron star (NS) with a very short
rotational period P and very high magnetic field is formed, then it can have the right
parameters to be the engine powering a LGRB jet. The total spin energy of a millisecond
magnetar with an initial spin period ) ~ 1 ms is

-2

2
1 M, Rys R
E. o~ EIQZ ~ (2.2 X 10°2 erg)( T2 ﬁ@)(m im) ( - ms) (6.22)

where I ~ 2/5MysR%s is the moment of inertia of a NS with mass Myg and radius Rygs.
E. . represents an upper limit on the total energy budget of a LGRB within the magnetar

T



LoNG GAMMA-RAY BURSTS 95

model if the spin energy of the magnetar powers the emission. There are a few energy
extraction mechanisms proposed in the literature. The most famous one invokes the
extraction of the millisecond magnetar rotational energy via magnetic dipole and re-
lativistic wind spindown, or gravitational wave radiation. We point the reader to [520]
and references therein to learn more about the other possible mechanisms. What is im-
portant to know is that magnetar models are typically invoked for very special GRBs,
like the ones that display plateaus in their X-ray afterglow lightcurves. On the other
hand, from the prompt emission data, there is no smoking gun evidence for a magnetar
central engine, and several aspects are still under ongoing research.

6.2.2.2 Relativistic motion

One significant observational evidence about GRB ejecta is that they must move to-
wards Earth with a relativistic speed. This is a consensus of all cosmological GRB mod-
els. The first robust argument that required a relativistic motion for GRB is related
to the compactness problem. This problem can be briefly described as follows: we ob-
serve photons from GRBs with energies surpassing the rest mass energy of electrons,
so in principle, they have the potential to interact with each other inside the source
to produce e~et pairs. This means that to be able to escape from the GRB environ-
ment, the optical depth 7, for the process yy — e*e™ must be 7,, < 1. However, this
is never the case for GRBs. Indeed, let us consider the typical total isotropic gamma-
ray energy, Ey;, ~ 10°! erg and naively take the size of the emission region to be
R ~ 8t ~ 3 X 108 cm (8¢/10 ms), where St is the observed variability timescale in the
GRB lightcurves. Assuming that a fraction f of the emitted energy is above the two-
photon pair production threshold (let us take for the moment both photons close to the
threshold, so with ¢, 2 m,c?), the number density of pair producing photons and the
yy optical depth can be written as

E ,isof E ,isoUTf
pp ~ 41/3J;I—R3’e:),’ T,y =~ OpNER ~ 4/)/371'—13287/ ~ 105 f > 1. (6.23)
Therefore, the y-rays should have been attenuated before escaping the source and reach-
ing the Earth. The only way to eliminate this apparent paradox is by invoking relativ-
istic bulk motion, i.e., the GRB emitting region moves towards us observer with a high
Lorentz factor. The relativistic motion eases the compactness problem in two ways.
First, there is the de-boost of the photon energy in the comoving frame, so that the pair
production threshold condition for two photons of energy €] and ¢} in the comoving
frame €je, > (m,c?)?, becomes g6, > I'?(m,c?)? in the observer frame. This means
all the previous y-rays above the pair production threshold are now X-rays in the co-
moving frame and below the threshold. The second effect of the relativistic motion is
the increase of the emitting region size by a factor I'?, as we will illustrate in the next
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section. By using a photon spectrum above the peak n, (g, ) o sgy, with 8, ~ —2.2 (typ-
ical of Band-function spectrum, see Sec. 6.2.1.1), it can be shown that the pair optical
depth drops by a factor of I'. The T required to satisfy the observations is of order
~ 100. Hence, GRBs involve the fastest bulk motions known so far in the Universe.
Measuring the Lorentz factor of GRBs is extremely difficult, so one needs to infer it
through theoretical modeling using several techniques. Although with large uncertain-
ties, I' of a good sample of LGRBs has been estimated, and it is confirmed to have values
100 < T < 1000.

6.2.2.3 Frames of reference and Doppler boost

When considering a relativistic GRB jet, there are three frames of reference of special
importance:

« the rest frame of the central engine (the lab frame), where the jet is moving with
speed 8 and Lorentz factor T

« the rest frame of the jet, or the comoving frame;
« the rest frame of the observer at Earth, or simply the observer frame.

The lab frame is, except for the cosmological expansion factor (1 + z), the same as
the observer’s frame of reference, and we will refer to them also as fixed frame. All
the physical processes occurring in the outflow (i.e., radiative processes) are most eas-
ily described in the comoving frame. Comoving properties and lab frame properties
are related through special relativistic Lorentz transformations. We denote quantities
characteristic of the jet as X, X, and X’ in the observer, lab, and comoving frames,
respectively.

With the three reference frames defined, there are four times relevant for the GRB
problem. Indeed, there is a complication that comes from the propagation effect, as we
will shortly see. The four times are:

- the central engine time £, measured in the lab frame;

« the jet emission time £, measured in the lab frame;

« the comoving jet emission time t, measured in the comoving frame;
« the observation time t.,, measured in the observer frame.

In general, we can consider a shell emitter moving with a dimensionless speed 3, at
an angle 6 with respect to the observer’s line of sight (Fig. 6.8). Let us suppose that
the central engine sends two light signals at Z.,,; and fepz 2 > feng,s towards~the re-
lativistically moving (spherical) ejecta. The ejecta emits two light signals at Z,; and
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Figure 6.8: The geometric configuration of the GRB central engine, the relativistic emitting
shell, and the observer.

fe, > .1 towards an observer immediately after it receives the signal from the central
engine. The observer receives the two light signals emitted by the ejecta at ¢, ; and
tobs,z > tobs,l'

We want to find out the relationship among the engine time interval Afep, = fepgr —
Eeng,1> the ejecta emission time interval Af, = f,, — f, 1, and the observer time interval
Atgps = Lops,2 — bobs,1- We will neglect the cosmological expansion factor (1 + z) in our
discussion.

For the relationship between Alf,,, and Af, we consider the fact that after receiving the
first signal and before receiving the second signal, the shell has traveled a distance VA{,.
So, the distance that signal 2 travels is equal to the distance signal 1 travels plus the
distance the ejecta travels during the interval between receiving the two signals, i.e.,
C(fe,p = feng,2) = C(fe;1 — Eeng,1) + VAL, which re-arranged gives cAf,, = (¢ — V)Af, =
(1 — B)Af,. For B < 1, we can approximate:

_A+pa-p 1-p _ 1
1+8 2 2r2°

1-8 (6.24)

which means that

Af, ~ 2T? Al . (6.25)
The interpretation of this is intuitive: since the ejecta is moving away from the engine at
arelativistic speed, it takes a very long time for the signal to catch up with it. Analogous
geometric relation can be used to link At and Af,. Referring to Fig. 6.8, let us assume
that the distance between the observer and location A is L. The first photon arrives to
the observer at t,,;; = f,; + L/c, while the second photon arrives to the observer at
tops,z = tep + (L/c — B cos OAL,). Re-arranging, one gets At.,, = (1 — B cos ©)Af,. For
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B Z 1 and a small opening angle, 8 < 1, one obtains:

AF,

Atobs = ﬁ

(6.26)
We see that the observed time is significantly reduced. This is the propagation effect we
were talking about earlier, and it is due to the fact that the ejecta is moving towards the
observer at relativistic speed, which makes the temporal separation between the two
emitted signals very brief. This is one of the fundamental arguments used to solve the
“compactness problem” discussed in the previous chapter. Indeed, to infer the emitting
region size from the observed variability &t in the GRB lightcurve, one should multiply
8t by a factor ~ 2I'2, resulting in R ~ 2I'*cSt instead of R ~ ¢St used above.

Finally, comparing Eqs. (6.25) and (6.26), we obtain the relation:

1-— 6 .
At = L=BcosO;

g Alene (6.27)

When 6 = 0, one has Aty = Al,,,, which makes sense since the central engine and
the observer are at rest with respect to one another. For 8 # 0, typically At is much

longer than Af,,,. Finally, we conclude by relating the time interval between the two
emitted signals in the engine, comoving, and observer frames:

Af, At
At, = =%, At, = ——obs 6.28
¢ r ¢ T(1—pcosb) (6.28)

where D = 1/T(1—f cos 0) is the Doppler factor. Some of the most important quantities
that we will need later (time, energy, length, volume, and solid angle) have the following
Doppler transformations between the observer-frame and the comoving-frame:

dt = D7ldt’, E=DE dr=Ddr dV=DdV' dQ=2D72dQ'. (6.29)

6.2.2.4 Initial conditions at the central engine

We introduce here some parameters characterizing the dynamical evolution of relativ-
istic outflows that we will study in the next sections. For a pure fireball, when the
magnetic field can be completely neglected, the key parameter defining the jet dynam-
ics is the energy per baryon, defined as

Lo  Emo _ MbCZ+Eth,0

7 (6.30)

where E,, o(Ly, o) is the total jet energy (luminosity), M,(Mp) is the total baryon load-
ing (baryon loading rate), and Ey, , is the initial fireball thermal energy at the central



LoNG GAMMA-RAY BURSTS 99

engine.
If the central engine also carries a strong magnetic field, then we introduce the gener-
alized magnetization parameter defined as:

__Leo _ _Erg
0= Lm,O anCZ’

(6.31)

where Lp , is the average Poynting luminosity, and Ep , is the total initial Poynting flux.
For a “cold” central engine (no fireball component), one has 7 ~ 1 and g, > 1.
Including both the hot (fireball) and cold (Poynting flux) components, the central engine
can be defined by the parameter

By My +Ey +Ey
- MbC2 N MbC2

Ho = 1(1 + o), (6.32)

where E|) is the initial total energy of the ejecta. During the evolution of the jet, some
energy could be radiated away while the rest is conserved and can be converted from
one form to another. At a generic radius, for a slice of outflow ejected, one can define:

= E®) _ rpye®)(1 + o(R), (6:33)

#(R) Mb02 -

where I'(R) is the bulk Lorentz factor, ®(R) is the total comoving energy per baryon
(©—1is the internal energy), and o(R) = Lp(R)/L,,(R) is the generalized magnetization
parameter, all at the radius R. Neglecting radiative losses, the conservation of energy
requires that u = ug, or

Uo =n(1+0y) =TO(1 + 0) (6.34)

As we will see, the magnetization parameter ¢ drops with time, and I' increases with
time. So we can see that the maximum Lorentz factor achievable is:

oy X1
Doax = Ho {77 0 (6.35)

1+O'0 77"-’1

6.2.3 Matter-dominated jets

In this section, we assume that the LGRB jet is produced by a neutrino-driven-like mech-
anism, with magnetic fields playing no role in the dynamics of the jet. First, we describe
the evolution of the resulting fireball in the jet’s ambient medium (see Refs. [395, 318,
272]). To follow, we present the most invoked dissipative mechanisms in this theoret-
ical framework for interpreting LGRB observations.
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6.2.3.1 Fireball dynamics

Let us consider a fireball with the baryon mass load M}, and the total energy E. The
fireball is composed of photons, electron/positron pairs, and a small amount of baryons.
In the simplest toy model, we have the following picture: the engine injects an average
constant luminosity L of duration T so that E = LT and the initial width of the whole
fireball shell is Ay = ¢T; due to the intermittent nature of the central engine, the lu-
minosity will be characterized by a variability time scale ¢, < T, which is reflected by
the spiky and irregular LGRB lightcurves (therefore, the fireball shell consists of many
mini-shells); the particle (usually hydrogen) number density of the ambient medium,
also called circumburst medium (CBM), is ncgy. The dynamical evolution of a fireball
includes three phases: acceleration, coasting, and deceleration. We can summarize these
three phases as follows (see Refs. [522, 320, 281, 520]):

+ Acceleration phase: solving the three (mass, energy, momentum) conservation
equations for the free expansion of an isotropic fireball leads to the following
scalings in the radiation-dominated phase (early acceleration phase, where e
T* > n):

xR, nxR3 exR* T~TT ~ const. (6.36)

Here, n and e are the particle density and the thermal energy density of the fire-
ball, respectively. T and T’ represent the observed and the comoving temperat-
ure of the fireball. The expansion occurs at the expense of the comoving frame’s
internal energy, given the initial high optical depth.

+ Coasting phase: in the matter-dominated regime (e < n) there is the following
set of scalings:

Fexconst, nxR™2 exR33, TR 2?3, (6.37)

Since the bulk Lorentz factor per particle cannot increase beyond the initial value
of random internal energy per particle, #, it only grows until it reaches I} ,, ~ 7
(see Eq. 6.35), which is achieved at what is called saturation radius, Rg,. For an
impulsive injection, such that Ag < R, R, being the initial radius of the fireball,
the saturation radius is Ry, = 3R, °. For a long duration shell (A, > R,), the
entire shell reaches the maximum Lorentz factor at R, ~ 1nA,. In the case of

®We have assumed that at t = 0, when the fireball is created, particles have an isotropical distribution
of velocities, and no net bulk motion, hence I'y ~ 1. This is not always the case. Indeed, if the fireball is
not “naked” but needs to propagate through a stellar envelope before being released in space, one would
need to consider the initial condition right at the emergence from the progenitor star surface with radius
R, (see Fig. 8.1). As we will see in Sec. 7.1, in that case numerical simulations show that I'y ~ 1 — 10,
and the saturation radius would be rescaled to R, ~ nRg/T'(, where Ry is the new appropriate initial
size of the fireball.
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a BH of mass Mpy, this initial radius would be of the order of the Schwarzchild
radius of the BH, Ry ~ 2GMpy;/c?. This is the coasting phase. It is important to
mention that during the acceleration phase and a good portion of the coasting
phase since all the materials essentially move with the speed of light, the shell
width in the fixed frame remains constant, A ~ A (the spread of the fixed frame
radial width is very small, SR/R ~ I'2). The comoving shell width A" = TAy, on
the other hand, increases with radius linearly. The radius at which the shell starts
to spread significantly is ~ nR,,. The above conclusions hold, assuming the
fireball shell evolves as a whole. However, if there is an intermittent injection of
many mini-shells, these are likely to evolve independently, and coast at a smaller
radius ~ 7140,, where 7 is the Lorentz factor of that particular mini-shell, and &
is the width of the mini-shells.

Let us consider two mini-shells with different Lorentz factors and injected with
a spatial separation &,. In particular, we assume that a slower shell with I leads
a faster one with I'y. As shown in Eq. (6.41), the two shells catch up at the radius
Rys =~ 2I}28,. This is called the internal shock radius and is the site of the prompt
y-ray emission within the framework of the internal shock model, as we will see
in Sec. 6.2.3.2.

Another important radius we need to mention here is the photospheric radius,
Rpy- As the fireball shell expands, it cools, and the photon number density drops.
When it reaches Rpy;, namely when the photons become optically thin to both
pair production and to Compton scattering off the free electrons/positrons, the
thermal energy that has not been converted to kinetic energy is radiated away
with an approximate blackbody spectrum. This is the first electromagnetic signal
that should be detected from the fireball, and that is sometimes observed in the
LGRB spectra, as we have seen in Sec. 6.2.1.1. Rpy is usually above the coasting
radius R, with a temperature T ~ To(Rpy/R.)~%3, but could be below R,
if the initial fireball is clean enough (i.e. with a large enough 7), in which case
T = T,, where T is the initial temperature of the fireball.

+ Decelerating phase: the fireball shell is eventually decelerated by the CBM.
During the initial fireball-medium interaction, a RS propagates into the fireball
to stop it. Usually, the deceleration radius (R,.) is defined as the radius where the
RS has crossed the whole fireball shell. For an impulsive isotropic fireball (of short
duration), it can be shown that Ry, is the radius where the CBM mass collected
by the fireball is equal to 1/T},,, of the fireball rest mass, i.e., Mgy ~ Mp/Lax-
This is usually termed the “thin shell” case. On the other hand, if the shell is thick
enough, the deceleration radius moves further out. As the fireball decelerates, a
strong FS forms and propagates into the medium. So, the deceleration radius is
essentially the initial forward shock radius and should mark the beginning of the
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afterglow emission.

All the relevant radii in the fireball problem are shown in Fig. 8.1.

6.2.3.2 Prompt emission models in the fireball scenario

In the previous section, we have presented the basics for the evolution of an energetic
fireball produced by a central compact engine. We have mentioned that the first light
expected to be detected from a LGRB jet is the photospheric radiation, released when
the fireball becomes optically thin. This is guaranteed radiation, which should always
be present and can be more or less bright depending on the initial conditions at the cent-
ral engine. However, as we have seen in Sec. 6.2.1.1, the observational data tell us that
the spectra from most GRBs are non-thermal, suggesting the presence of dissipative
processes inside the jets. This section presents two of the most invoked mechanisms
to explain the observed LGRB lightcurve and spectral properties: the internal shock
model and the dissipative photosphere model.

Internal Shock Model

Let us consider a relativistic baryonic jet in which the Lorentz factor varies with time,
as naturally expected for an erratic central engine that launches an unsteady outflow.
In such a scenario, the faster part of the outflow catches up with a slower-moving part
ahead of it. This collision results in a dissipation of the kinetic energy of the jet and
in the formation of a pair of shock waves that propagate into both the fast and slow
shells. The shocks can amplify turbulent magnetic fields through plasma or fluid in-
stabilities. Scattering of electrons (and protons) by magnetic irregularities upstream
and downstream can lead to a Fermi acceleration process resulting in relativistic power
law distributions, as we have thoroughly discussed in Chapter 3. Electrons can cool ef-
ficiently and radiate their energy away through processes like synchrotron and inverse-
Compton emission (as shown in Chapter 4), producing the y-ray emission observed in
LGRBs. The model is commonly called the “internal shock model” because shocks oc-
cur within the jet due to a non-zero velocity gradient. One of the primary strengths of
this model is its simplicity, allowing it to account for the rapid variability observed in
the prompt LGRB lightcurves, which can occur on timescales as short as milliseconds.
For the sake of simplicity, let us consider two shells of Lorentz factors I and Iy, with
the subscripts denoting the slow and the fast shell, respectively. The fast shell is ejec-
ted from the central engine after the slow one with a delay dt,. In what follows, we
calculate the distance where the two shells collide. If we call f;5 and Ry the time and
the radius at which the collision happens, we have that:

6s5t0
Bf - ;Bs .

(Bf — Botis = Bsbty = tg = (6.38)
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The collision radius is then:

R = Uyt = = (6.39)
IS 2°1S 6f _ Bs ﬁs_l _ ‘Bf_l
For I, Iy > 1, we have that:
ot
Rig & —— — (6.40)
(2r2)1 - (2r?)1
If we take [y = kT, with k > 1, then we get:
2k* 5

RIS ~ —l—:g C5t0 Z 21} Cato. (641)

k2 -1

The last approximate expression is what is commonly used as an estimate of the internal
shock radius. We conclude by pointing out that while the internal shock model offers
many compelling aspects for understanding GRB prompt emission, it also presents sev-
eral challenges that are not easy to overcome. Among these are the efficiency, peak
energy, and fast cooling problems (see [520] for a more detailed discussion). It is found
that 1) the collisions are not very efficient in producing the observed energy in y-rays,
2) the simplest synchrotron model cannot reproduce the typical spectral peak observed
in LGRBs in the sub-MeV range (g, , introduced in Sec. 6.2.1.1) unless requiring that
an extremely small fraction of electrons are accelerated, and 3) the deep fast cooling
regime in which the electron should radiate to match the observed peak, would lead
to a spectral index a, ~ —1.5, inconsistent with the typically observed a;, ~ —1. Sev-
eral solutions have been proposed to alleviate these problems, but it remains difficult
to solve them all. This motivated the development of the photosphere models and the
optically thin magnetic dissipation models, which we discuss next.

Dissipative photosphere model

In the dissipative photosphere model, the observed main emission component (the Band
component) of LGRBs comes from the photosphere, instead of being produced at larger
radii in an optically thin region, as is the case for the internal shock model. The pho-
tosphere emission of a pure fireball discussed earlier can be precisely predicted from
the theory [319]. Nevertheless, the need to explain the observed non-thermal spectra
has led to considering several possible mechanisms to dissipate energy below the pho-
tosphere to allow sub-photosphere electrons to have a different temperature from the
seed photons and thus distort the seed thermal photon spectrum via Comptonization.
These photons should be generated at not too-high optical depths for Thompson scat-
tering to prevent them from undergoing rapid thermalization with electrons. The pro-
posed sub-photosphere dissipative processes include small-radii internal shocks, nuc-
lear and Coulomb collisions in a neutron-rich outflow, and magnetic dissipation. All of
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them have advantages and drawbacks. We will not delve into the specificity of these
mechanisms since it is out of the scope of this thesis and not necessary for our later
discussion. The interested reader can find the relevant references in Sec. 8. Here, we
want to stress that the dissipative photosphere model presents an appealing framework
for understanding the prompt emission of certain LGRBs, particularly those character-
ized by a hard a,, and a “narrow” Band-function spectrum. However, a significant and
ongoing debate within the scientific community revolves around whether this model
can be applied universally to account for the main Band-function component observed
in the spectra of all GRBs. The arguments in favor of the dissipative photosphere mod-
els include the following: 1) the observed energy peak values in LGRBs typically fall
in proximity to the temperature of the GRB central engine, and in general, it relies
on fewer independent parameters when compared to the synchrotron model; 2) it has
been argued that the shape of the Band function is too narrow for synchrotron radi-
ation, while the thermal peak is narrow enough to fit the Band spectrum; 3) dissipative
photosphere emission has a much higher radiative efficiency compared, for example, to
the internal shock model, and naturally interprets the observations. Among the argu-
ments against the model there is the fact that the observed typical low-energy photon
index a,, of the Band function is much softer for the photosphere models (which typ-
ically predict a, ~ 0.4), and the proposals to soften &, have to make some ad hoc
assumptions. So, while the synchrotron models predict a spectrum that is too soft, the
photosphere models predict a spectrum that is too hard. Indeed, a debate between the
two models persisted for many years, which may be coined as a “battle of a” [519].

6.2.4 Poynting flux-dominated jets

In this section, we consider Poynting-flux-dominated outflows, those expected to be
launched via the BZ mechanism that taps the BH spin energy or due to magnetic dipole
radiation that causes the spindown of a millisecond magnetar (see Sec. 6.2.2.1). The
dynamics of such outflows is significantly different from the fireball case. The key
parameter defining the evolution of the jet is determined by the initial magnetization
at the central engine, introduced in Eq. 6.31, and that can be written as

B? B’

= - , 6.42
% 4nTpc:  4mp'c? (6.42)

where B and p are the jet’s magnetic field strength and matter density in the fixed frame,
and B" and p’ are the corresponding quantities in the comoving frame.

In contrast to the fireball scenario, where isotropy is a suitable approximation, a Poynting-
flux-dominated outflow features a globally ordered magnetic field, rendering the prob-
lem intrinsically anisotropic. The evolution of a Poynting-flux-dominated jet depends
on the configuration of the magnetic field. Since both hyper-accreting BHs or milli-
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second magnetars should be rapidly spinning, a strong toroidal magnetic field compon-
ent can be generated. The specific field arrangement depends on whether the magnetic
axis aligns with the spin axis. Among the possible magnetic field configurations are hel-
ical and striped wind [454] configurations. The helical configuration may be achieved
when an axisymmetric poloidal field is wrapped around the jet axis into an azimuthal
field configuration and is relevant for a hyper-accreting BH with a prograde accretion
disk. Given the typically short duration of the GRB central engine, when the emis-
sion occurs, the “jet” can be already at a considerable distance from the central engine
and can look like a “flying pancake” with wrapped wires (see right panel of Fig. 6.9).
The second configuration corresponds to a striped-wind arrangement (see left panel of
Fig. 6.9). This configuration emerges when the magnetic field axis is not aligned with
the spin axis, akin to the configuration found in pulsars, so it could be pertinent in
the context of a central engine featuring a millisecond magnetar. Detailed numerical
simulations have demonstrated that the outflow from the magnetar tends to exhibit
collimation along the rotational axis of the collapsing star [103]. This results in the
launch of a collimated jet that shares similarities with the helical configuration but has
a striped-wind geometry characterized by alternating directions of magnetic field lines.
Magnetic jets with such a configuration are more prone to dissipation compared to the
ones with a helical geometry since reconnection events are facilitated in a geometry
where field lines have an alternating polarity (see Sec. 3.5).

6.2.4.1 Magnetic jet dynamics

Analogously to the case of a fireball, also in the case of a magnetic jet, we can identify
three stages in the dynamical evolution: acceleration, coasting, and deceleration. It is
known that magnetic jets can be self-accelerated even within the ideal MHD frame-
work, thanks to the presence of a non-zero magnetic pressure gradient within the out-
flow. However, it can be shown that the strong tension stored in the twisted magnetic
fields can accelerate the ejecta only to at most a Lorentz factor I, = (1 + ¢)"/3. This
limit comes from the requirement that in order for the front part of the jet to receive
a push from the back, the fast magneto-sonic waves should have the time to propag-
ate across the ejecta and reach the front. This condition, known as the sonic condition,
has been derived rigorously within various contexts [281]. Other mechanisms are thus
needed to accelerate the outflow at even higher velocities. One possible and widely
used mechanism has been introduced in Refs. [158, 157], and is the continuous magnetic
dissipation scenario. Within this scenario, magnetic dissipation continuously occurs at
all radii, likely through magnetic reconnection. Indeed, when magnetic fields within
the outflow undergo dissipation via processes like magnetic reconnection, part of the
magnetic energy is converted into thermal energy, which in turn can be converted into
kinetic energy, providing the needed acceleration of the outflow (see Sec. 3.5). It has
been shown that in this scenario the Lorentz factor evolves as ' & RY3. This way, at
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Figure 6.9: Left panel: The helical magnetic configuration in GRB jets is relevant for hyper-
accreting BH. Right: The striped-wind magnetic configuration, relevant for millisecond mag-
netars. The outflow has a quasi-spherical shape. When observed from an equatorial viewpoint
(first sketch), one can see a striped wind with layers of alternating magnetic polarity of a charac-
teristic width ~ cP, where P is the period of the millisecond rotator. This pattern arises because
the field lines stemming from opposite poles either enter or exit the paper plane due to the rapid
rotation. When observed from the pole of rotation (middle sketch), one can see two wrapped
spiral field lines with opposite orientations, forming “stripes.” At greater distances where emis-
sion should occur (third sketch), the field lines tend to concentrate within a thin spherical shell.
Figures from [454].

least in principle, it should become possible to achieve the maximum Lorentz factor
Loax ~ 1+ 0 (Eq. 6.31). As for the fireball case, the radius at which I" becomes T,
is called the saturation radius. For the interaction phase with the CBM, which determ-
ines the dynamics of a magnetic jet in the deceleration regime, we refer the interested
reader to Ref. [211].

6.2.4.2 Prompt emission models for magnetic jets

Within a Poynting-flux-dominated jet, the bulk of energy is contained in the Poynting
flux. To make the GRB prompt emission efficient, it is necessary to convert part of the
Poynting flux energy into other forms of energy. Some scenarios have been discussed
in the literature.

One possibility is that significant magnetic dissipation occurs already below the jet pho-
tosphere. Most of the magnetic energy would be converted to particle and radiation
energy at small radii, so a relatively bright photosphere emission would be observable.
The magnetization parameter o should be relatively low at the photosphere radius. This
is the case that could be used in the dissipative photosphere model.

Another possibility is to have continuous magnetic dissipation until larger radii, to pro-
duce other than photospheric emission also synchrotron emission by the accelerated
electrons in the optically thin region above the photosphere. This is what we will call
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the magnetized jet model with gradual dissipation in Sec. 8, and a sketch of this
scenario is displayed in Fig. 8.3.

A third possibility is to keep the magnetic energy from dissipating until the jet reaches
a large enough radius. Within this scenario, o(Rpy) > 1, so that the photosphere emis-
sion is greatly suppressed (by a factor of [1+ 0(Rpy))~!]). One scenario for dissipating
magnetic energy at a large distance from the central engine has been proposed in [523].
The model is called ICMART (Internal-Collision-induced Magnetic Reconnection and
Turbulence). The key ingredients of this model are the following [520]:

« The GRB central engine needs to have a large g, (2 100), but a moderate fireball
parameter 7) is possible.

+ The jet remains Poynting flux dominated and undissipated until reaching a large
enough distance, e.g., ~ 10%°. At such distance, the magnetization parameter
o remains above unity. This is in contrast to the internal shock model, which
necessitates 0 < 1. The kinetic energy available for internal shocks is reduced
by (1 + o) compared to the already small internal energy available in traditional
internal shock models, so internal shock contribution is completely negligible.

+ The central engine is not steady and intermittently ejects Poynting-flux-dominated
“shells”. Internal collisions among these highly magnetized shells would trigger
the dissipation of magnetic energy in the outflow through rapid turbulent recon-
nections. Such collisions may happen at R ~ 10 cm.

« For a helical magnetic configuration, repeated collisions may be needed to des-
troy the ordered magnetic fields and eventually trigger an ICMART event.

« In this model, the magnetic energy is not dissipated until an ICMART event is
triggered. At the photosphere, the outflow is Poynting flux dominated so that the
photosphere emission is suppressed. The model predicts a bright, non-thermal
emission component and a weak or non-detectable thermal emission component.

« An ICMART event would proceed in a runaway manner. Seed rapid reconnec-
tions would trigger turbulence, which would facilitate more reconnections until
most of the magnetic energy is dissipated. See Fig. 8.2 for a cartoon picture of
the ICMART model showing various distance scales.

Among the appealing properties of the ICMART model there is a very high energy
dissipation efficiency. It has been shown by numerical simulations that it can be as high
as 35% [149]. It may account for the existence of the fast and slow components observed
in LGRB lightcurves: the fast variability component could be explained by the presence
of mini-jets due to multiple reconnection sites in the emission region created by the
turbulent reconnections, whereas the slow variability component would be related to
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central engine activity. It can reproduce the right observed photon peak, and alleviate
the fast cooling problem (see [520] for a more detailed discussion). However, it remains
a model that relies on many qualitative speculations and clearly requires proof from
numerical simulations.



Paper I and II: description and sum-
mary of the main results

In this Chapter, we summarize the projects carried out in Paper I and Paper II, whose
reprints are reproduced in Chapters 8 and 9, respectively. Both articles are related to
LGRB jets we introduced in Sec. 6.2. Here, we summarize the motivation underlying
the projects and discuss the main results.

7.1 PaperI

7.1.1 Context and motivation

In Chapter 2, we have presented the landscape of high-energy phenomena in the Uni-
verse observable through CRs, y-rays, and neutrinos. In particular, in Sec. 6.2, we have
focused on and extensively described LGRBs. We have seen how rich the LGRB phe-
nomenology is and how intricate the theory of prompt emission is. Five decades after
their discovery, the fundamental questions related to GRB jets have not yet found a de-
cisive answer. We still do not know 1) if they are predominantly composed of baryonic
matter or a Poynting flux, 2) at which distance from the central engine the emission is
generated, 3) what is the mechanism responsible for the dissipation of energy, 4) how
the particles are accelerated, and 5) what is the mechanism through which the photons
are radiated. Assuming a specific jet composition and a particular model relevant to
that composition, the GRB emission can occur anywhere between the photospheric ra-
dius Rpyy ~ 10 — 10'2 cm and the deceleration radius Ry ~ 10'® — 107 cm. Energy
dissipation can occur via shocks or magnetic reconnection; the particles can be acceler-
ated in shocks (via first or second-order Fermi acceleration) or magnetic reconnection
sites. The photons can be radiated in optically thin regions, more likely by leptons
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via synchrotron or SSC (but a hadronic origin is also possible), or be produced in the
optically thick region below the photosphere.

Given the richness of observational data and the inherent uncertainties within the dif-
ferent models, no single model can explain all the observations related to prompt emis-
sion. Furthermore, each of the existing models, also the ones we did not cover in Sec. 6.2,
relies on a single mechanism at a particular emission site. However, various mechan-
isms are probably at play across different emission sites, varying between GRBs or
even within a single GRB event. Precious as it may be, the information carried only by
electromagnetic emission has not been enough so far to answer all the open questions
regarding these objects.

In Chapter 2, we stressed the importance of multimessenger detection from astrophys-
ical sources to get a complete picture of their underlying workings. We know GWs can
be associated with short GRBs originating from compact binary mergers. There could
be GW emissions also linked to LGRBs. Indeed, GWs are expected to be generated in
the collapse of very massive and rapidly spinning stars in the case of an asymmetrical
collapse to a BH and instabilities in the disk surrounding the central compact object.
Nevertheless, these predictions are very uncertain (e.g., [270]). In our work, we focus
on high-energy neutrinos, the only other possible messenger that can be produced and
promptly observed in association with y-rays.

In 1995, three papers, with different arguments, proposed that typical LGRBs can be the
dominant sources of UHECRs [495, 480, 327] !. Obviously, neutrinos represent a natural
byproduct of the interaction between CRs trapped in the acceleration region and the
guaranteed target photon field of the prompt emission 2. The threshold condition for A-
resonance (Eq. 2.7), assuming E,, ~ 0.05 Ej,, and considering the Lorentz transformation
between the comoving and observer frame, can be rewritten as:

1

E, > 8GeV (— NEEAY
v~ ohe <1+z) (MeV) ' (7.1)

For different models, one has different emission sites and thus different I" and ¢,, values.
During the prompt emission, if we take a typical I['? ~ 10°, gy ~ 300keV, and z ~ 1,
from Eq. 7.1 one gets E,, ~ PeV, as long as protons can be accelerated to an energy

! Among the strong motivations, there was the similarity between the UHECR energy density and
GRB photon energy density on Earth. One can show that, for example, the internal shocks that we
introduced in the internal shock model for prompt LGRBs fulfill the requirements necessary to accelerate
protons to UHE, while the condition for the external shocks (FS and RS in the afterglow phase) is more
stringent [520].

?We do not consider pp interactions, since compared to py interactions, they are typically less effi-
cient due to the requirement of low density in the jet for relativistic motion. However, these interactions
can be significant at smaller radii when the jet is highly compact or when the jet is still within the star,
allowing jet protons to interact with nucleons within the stellar envelope.
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Figure 7.1: Distribution of minimum variability timescales obtained by analyzing 1213 GRB
light curves. The solid red line indicates the Gaussian fit of the distribution. The dashed red
line is the mean of the distribution, from which a mean value of t;,, = 0.5s is obtained. The
dashed green lines indicate the 1o level. The default value, f, = 10 ms, is indicated in dashed
blue, typically adopted in stacked searches. Figure from [50].

greater than a few 10'6 eV. This requirement is not stringent since various models pre-
dict a proton energy up to 10?° eV and higher. Ref. [500] first discussed and predicted
the neutrino flux from LGRBs in the context of the internal shock model, and over the
years, many other authors have calculated the PeV neutrino flux from LGRBs using
both analytical and numerical methods [500, 408, 409, 152, 347, 230, 235].

From the observational side, all the searches of high-energy neutrinos coincident with
LGRBs, both in spatial direction and in time by the IceCube collaboration, have con-
sistently obtained null results. Stacked searches have constrained their contribution to
the high-energy neutrino diffuse isotropic flux to less than 1% (e.g., [7]). These non-
detections were used to put limits on the internal shock, photospheric, and ICMART
models by constraining model parameters like baryonic load (i.e., the ratio between the
luminosity in relativistic protons to the luminosity in radiated photons, f, = L,/L,)and
Lorentz factor of the jet. As a result, most of the parameter space for the internal and
photospheric model was excluded, leaving only small baryonic loads and large bulk
Lorentz factors unconstrained. Nevertheless, several assumptions are made in these
kinds of studies. Let us mention just some of them. All models assume that proton
acceleration occurs at a single location, where y-rays are also produced and emitted.
This must not be necessarily the case. For example, already in the framework of in-
ternal shocks, we know that multi-zone internal shock models predict lower neutrino
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fluxes (see, e.g. [109]) that remain beyond the current detector sensitivity and thus are
unconstrained. The variability timescale is always assumed to be t,, ~ 10ms for all
GRBs, one of the lowest observed in the LGRB lightcurves. However, if we look at the
distribution of known values of ¢, in Fig. 7.1, obtained from Fourier analyses on LGRB
light curves, we see that the default value adopted is located in the tail of the meas-
ured distribution, and is not representative of the overall GRB population. Finally, all
LGRBs in the analyzed samples are typically assumed to have identical values for f,
and I'. Given all these assumptions, the conclusions that firmly exclude some models
should be relaxed.

In this context, the aim of Paper I was to 1) use the most up-to-date parameters from
observations and simulations that would be more suitable to describe a representative
LGRB, 2) investigate the production of neutrinos for different jet composition and dis-
sipation mechanisms, and make a fair comparison of the different models proposed
in the literature, also considering models not previously explored for neutrinos, 3) de-
termine whether the produced high-energy neutrinos could be within reach of IceCube-
Gen2 [10], and thus if they have the potential of unraveling the nature of LGRB jets.

7.1.2 Summary of the main results

In the work presented in Chapter 8, with updated parameters, we re-consider the in-
ternal shock model, the ICMART model, introduced in Sec. 6.2, and the PH-IS model.
The latter is a two-zone model with the main emission coming from a dissipative pho-
tosphere and neutrinos produced at the internal shocks that develop later during the
fireball evolution. In addition to these, we investigate for the first time from the neut-
rino perspective, the jet model with three emission components, which also includes an
early afterglow emission, the magnetized jet model with gradual dissipation (presented
in Sec. 6.2), and proton synchrotron emission model, where protons are considered to be
the particles which radiate the observed emission in a marginally fast-cooling regime.
To compare them, instead of assuming the same properties of the observed radiation
and then case by case tuning the jet parameters to reproduce them, we choose to adopt,
for both investigated types of jets, the same initial total energetics and the saturation
Lorentz factor, with the microphysical parameters suited for the specific acceleration
region, and specific jet composition. Each model offers different predictions for the
production of high-energy neutrinos, which depend on factors such as the magnetic
field strength, jet density, the location of the proton acceleration region, the fraction of
the total kinetic energy going into protons and electrons, and the details of the particle
spectra (e.g., the power slope describing the proton and photon spectra).

To visualize the differences among the models, we choose to adopt the average values
of the observed parameters to be representative of the whole LGRB population, with
a typical y-ray flux produced from a GRB at redshift z = 2 (the redshift at which the
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LGRB distribution peaks). We then converted the total neutrino fluence from the rep-
resentative GRB into the quasi-diffuse neutrino flux induced by all the sources at that
redshift by rescaling the total fluence with the average rate of GRBs distributed over
the full sky expected per year. This quantity is interesting since it allows us to com-
pare the neutrino flux with the measurements reported by IceCube, to constrain the
contribution of GRBs to the astrophysical neutrino flux. The results are displayed in
Fig. 8.12. We immediately see the wide diversity in the predicted fluxes, both in terms
of normalization and spectral shape, with the intensity and the position of the peak
spanning three orders of magnitude. But, above all, it is clear that none of the explored
GRB models are excluded by current searches.

7.1.3 Critical outlook

Here, we mention some caveats to our work. As previously stated, we utilized spe-
cific parameters to represent the entire GRB population and focused on the redshift at
which their distribution peaks when calculating the quasi-diffuse flux. We made this
choice because of our lack of knowledge regarding the proportion of observed LGRBs
explained by various models and understanding of how these events are distributed
throughout the history of the Universe. There may exist a predominant composition
and dissipation scenario for the jets; in such a scenario, our assumption would be valid.
In addition to this, we also expect a distribution in the characteristic jet parameters. In
Fig. 8.13, we investigate the impact of the variation of two of the most uncertain ones,
the variability timescale ¢, and the Lorentz boost factor I'. Only considering these
two, we already see that the proton-synchrotron model can hit the expected sensitiv-
ity of IceCube-Gen2 and that it would be, in principle, possible to constrain extreme
configurations responsible for the prompt neutrino emission. However, numerical cal-
culations performed in Ref. [178] have found strong modifications of the broadband
photon spectrum due to the emission of the secondary particles produced in py inter-
actions, hence strongly disfavoring marginally fast cooling protons as an explanation
of the low-energy spectral break in the prompt GRB spectra.

So, by only considering the uncertainties of these two parameters, we cannot draw
strong conclusions from the detection perspective of the diffuse neutrino flux. To
provide quantitative estimates that encompass not only the diverse LGRB properties
but also their redshift and luminosity distributions, it would be helpful to investigate,
with a Monte Carlo method, the neutrino flux for each of the existing models, extending
the study to the inner and opaque-to-radiation parts of the jet, as well as to the after-
glow phase. Detailed observations and data analyses of the multi-wavelength prompt
emission with future GRB observatories are necessary. With its unprecedented po-
larimetric capabilities, space missions like ASTENA (Advanced Surveyor of Transient
Events and Nuclear Astrophysics) [222] will address the role of magnetic fields in the



114 PAPER 1]

jet and other unsolved issues in the GRB field. At the same time, since future detectors
like IceCube Gen2 will have a significantly increased sensitivity, consistent neutrino
predictions, which will complement the electromagnetic studies, are crucial.

On the other hand, our approach would be especially suitable to test models in case
of point source discoveries. One example is provided by the GRB 221009A [105], also
known as "The BOAT’ (Brightest Of All Time), which is the brightest LGRB ever de-
tected in terms of peak flux and fluence, with unusual proximity to Earth. The non-
observation of neutrinos has already allowed to put limits on the acceleration of protons
near the photosphere [352], highlighting the potential of neutrinos in pinpointing the
LGRB emission mechanism, as well the contribution of LGRBs to the UHECR flux [26],
even if more careful investigation remains to be done.

7.2 Paper Il

7.2.1 Context and motivation

In Sec. 6.2.1.2, we have introduced the reader to the main observable properties of the
afterglow emission, which follows the prompt y-ray burst. We have mentioned that,
in several cases, late afterglow observations have revealed many unexpected features
that are not easily accountable for within the classical framework of a decelerating
blastwave in a circumburst medium (CBM).

The feature we wanted to explore in Paper II (Chapter 9) is represented by sudden
rebrightenings in the optical lightcurve (see. Fig. 6.7), which we will simply call "optical
jumps”. As of today, these jumps still defy a satisfying explanation despite the various
theoretical models proposed to explain them.

In our work, we consider the model that predicts a discrete episode of energy injection
into the fireball by the late-time interaction of a fast shell launched by the central en-
gine with the already decelerating slow shell that gave rise to the prompt emission. This
second fast shell moves at a constant velocity in the empty medium swept up by the
first shell’s passage and eventually catches up with it. The collision between the two
shells leads to the re-heating of the fireball material, resulting in an observed increase
in flux. The origin of the late-time activity of the central engine is still uncertain but is
appealing as it can successfully fit the lightcurves of some LGRBs with optical jumps.
In this context, we expect an enhanced neutrino signal to be produced by the interac-
tion of the accelerated protons with the intense burst of optical photons. The aim of
Paper I is thus to investigate whether the detection of such neutrinos is possible using
the IceCube Neutrino Observatory and future radio arrays. A successful observation
would pinpoint the mechanism responsible for the optical jump and teach us about the
properties of the colliding shells and the environment where the collision occurs.
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7.2.2  Summary of the main results

In Chapter 9, we perform a simplified analytical modeling of the late merger of two
relativistic shells and the resulting electromagnetic emission. We investigate the pre-
collision standard afterglow emission of the first shell, the emission of the merged hot
shell right at the collision, and the late afterglow emission of the merged shell. We
consider a benchmark GRB with characteristic parameters dictated by the observations.
Since there are no observational constraints on the properties of the merging shells,
e.g., their relative Lorentz factor or the energetics of the fast shell, by keeping fixed
the typical time at which the rebrightening is observed, we choose the setup for the
collision, which produces the strongest rebrightening.

During all three stages, together with electrons, protons are also expected to be ac-
celerated at the FS, and high-energy neutrinos will be produced via photo-hadronic
interactions. We calculate the photon and neutrino flux in the case of a constant dens-
ity profile resembling the interstellar medium (ISM) and a stellar wind profile. The
resulting photon lightcurve at a specific optical frequency is shown in Fig. 9.2, while
the corresponding neutrino cumulative number is displayed in Fig. 9.5. We note that in
the ISM scenario, the number of neutrinos increases by a factor of 6 in the presence of
an optical jump. In contrast, in the case of wind, the difference with respect to a stand-
ard afterglow without jumps is entirely negligible. This is because, for a decreasing
density profile, the early-time emission strongly dominates the overall time-integrated
neutrino flux so that a late collision does not affect the cumulative neutrino number.
Finally, we explore the detection prospects for the all-sky quasi-diffuse flux and point
source searches. To get the quasi-diffuse flux, analogously to what we did in Paper I,
we assume the predictions made for the benchmark GRB as representative of all the
population of GRBs having optical jumps in their lightcurves. Even assuming that
10 — 30% of LGRB afterglows present such jumps and that the collision of relativistic
shells can explain these jumps, the predicted flux falls well below the current IceCube
sensitivity to the prompt phase. As for the point searches, Fig. 9.7 shows that, if our
benchmark GRB occurred in an ISM, and within a distance ~ 40 Mpc, it could be in
principle detectable by IceCube-Gen2. On the other hand, if taking the good studied
GRB 100621A, with the realistic distance of these objects, as we can see from Fig. 9.8, the
detection of neutrinos seems unlikely. We thus conclude that to have a successful point-
like neutrino detection, very special conditions on the configuration of the merger, the
energetics of the system, and the distance of the LGRBs displaying optical jumps during
their afterglow should be fulfilled.
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ABSTRACT

Long duration gamma-ray bursts (GRBs) are among the least understood astrophysical
transients powering the high-energy universe. To date, various mechanisms have been
proposed to explain the observed electromagnetic GRB emission. In this work, we show
that, although different jet models may be equally successful in fitting the observed elec-
tromagnetic spectral energy distributions, the neutrino production strongly depends on
the adopted emission and dissipation model. To this purpose, we compute the neutrino
production for a benchmark high-luminosity GRB in the internal shock model, includ-
ing a dissipative photosphere as well as three emission components, in the jet model
invoking internal-collision-induced magnetic reconnection and turbulence (ICMART),
in the case of a magnetic jet with gradual dissipation, and in a jet with dominant proton
synchrotron radiation. We find that the expected neutrino fluence can vary up to three
orders of magnitude in amplitude and peak at energies ranging from 10* to 10® GeV. For
our benchmark input parameters, none of the explored GRB models is excluded by the
targeted searches carried out by the IceCube and ANTARES Collaborations. However,
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our work highlights the potential of high-energy neutrinos of pinpointing the under-
lying GRB emission mechanism and the importance of relying on different jet models
for unbiased stacking searches.

8.1 Introduction

Gamma-ray bursts (GRBs) are irregular pulses of gamma-rays that have puzzled astro-
nomers for a long time [269]. Exhibiting a non-thermal spectrum, typically peaking in
10-10* keV energy band [218], bursts lasting for more than 2 s are named long-duration
GRBs and are thought to be harbored within collapsing massive stars [508, 304, 509].
They are the brightest explosions in our universe and can release isotropic energies as
high as 10°* erg in gamma-rays over few tens of seconds [64].

The central engine of a long-duration GRB jet can either be a hyper-accreting black
hole or a rapidly spinning magnetar. Because the central engine cannot be directly
observed, its nature can be inferred only indirectly through its impact on the electro-
magnetic properties of GRBs (see, e.g., Ref. [385] and references therein). A bipolar
outflow is continuously powered for a certain time interval, during which gravitational
energy [125, 288] (for accreting systems) or spin energy [93, 477] (for spinning-down
systems) is released in the form of thermal energy or Poynting flux energy, respectively.
Subsequently, the outflow propagates through the star and it is strongly collimated by
the stellar envelope. Once it succeeds to break out of the stellar surface, it manifests
itself as the jet responsible for the GRBs that we observe at Earth. The dynamical evol-
ution of the jet strongly depends on the initial conditions of the central engine. If the
magnetic field is negligible, the evolution of the outflow can be well described by the
fireball model [373]. If instead the central engine harbours a strong magnetic field, the
jet dynamics is significantly different [157].

Gamma-ray bursts are candidate sources of ultra-high energy cosmic rays and high
energy neutrinos [317]. In the prompt phase, if the jet contains baryons, protons and
nuclei are expected to be accelerated [237]. If a photon field is also present, photo-
hadronic (py) interactions can lead to a significant flux of neutrinos [500, 221, 488].
Another copious source of neutrinos comes from hadronic collisions (pp or pn) which,
however, are most efficient inside the progenitor star where the baryon density is
large [409, 345, 325, 237]. Given the typical GRB parameters, neutrinos produced in
the optically thin region are expected to be emitted in the TeV-PeV energy range [500,
321, 494, 337].

The IceCube Neutrino Observatory routinely detects neutrinos of astrophysical ori-
gin in the TeV-PeV energy range [46, 45, 23, 17]. However, despite the fact that several
sources have been proposed as possible candidates to explain the neutrino flux that we
observe [57, 321, 337, 494, 482], we are still lacking clear evidence on the sources pro-
ducing the observed neutrinos. Among the candidate sources, high-luminosity GRBs
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are deemed to be responsible for less than 10% of the observed diffuse emission in the
TeV energy range [23, 49]. On the other hand, over the years, the IceCube and ANT-
ARES Collaborations have searched for high-energy neutrinos emitted in coincidence
with GRBs observed by the Fermi satellite [7, 16, 49], gradually placing more stringent
upper limits on somewhat optimistic GRB emission models. Recent work suggests that
current limits are still not stringent enough to rule out more realistic estimations pro-
posed in the literature [291, 242, 237, 467, 468, 109, 235]. Intriguingly, besides the need
for increased detection sensitivity, one of the reasons for the non-detection of GRB neut-
rinos could be connected to the theoretical modeling of the neutrino emission, which
is strictly linked to the electromagnetic modeling of the jet. In fact, a comprehensive
explanation of the GRB emission and dissipation mechanism is still lacking due to the
failure of existing models in addressing all observations in the spectral and temporal
domains. On the other hand, the scarce amount of data on high energy photons and
the related statistical challenges allow for a certain flexibility in fitting the same set of
data with different input models for GRBs-see, e.g., Refs. [370, 518, 38, 39, 104].

Different GRB models may lead to very different predictions for the neutrino emis-
sion. The latter depends on the target photon spectrum and the properties of the acceler-
ated proton distribution (i.e., energy density, power-law slope, and maximum energy),
both depending on the emission and dissipation mechanisms as well as the location of
the proton acceleration region.

In this work, we compute the neutrino emission for a benchmark high luminos-
ity GRB in various jet emission and dissipation scenarios. In particular, we consider
an internal shock (IS) model [412], a dissipative photosphere model in the presence
of ISs (PH-IS) [475], a three-component model (3-COMP) with emission arising from
the photosphere, the IS, and external shock [224], and the internal-collision-induced
magnetic reconnection and turbulence model ICMART) [523]. We also compute, for
the first time, the neutrino signal expected in two models where the jet is assumed
to be magnetically dominated, namely a magnetized jet model with gradual dissipation
(MAG-DISS) [87, 202], and a proton synchrotron emission model (p-SYNCH) [198]. Our
goal is to make a fair comparison among the proposed models for dissipation and elec-
tromagnetic emission in GRBs for what concerns the expected neutrino signal.

This paper is organized as follows. In Sec. 8.2, we outline the basics of the dynamical
evolution of the GRB jets considered in this paper. The main model ingredients as well
as the proton energy distributions are reported in Sec. 8.3. The neutrino production
mechanism is discussed in Sec. 8.4. The neutrino emission is presented in Sec. 8.5, first
in various scenarios involving ISs, then in the case of magnetized jets, and lastly for
the proton synchrotron mechanism. A discussion on our findings, also in the context
of detection perspectives as well as uncertainties on the input GRB parameters, and
conclusions are reported in Secs. 8.6 and 8.7, respectively. The fitting functions adopted
for the photon spectral energy distributions are listed in Appendix A.1. A discussion



DYNAMICAL EVOLUTION OF GAMMA-RAY BURST JETS 119

on the dependence of the neutrino emission on the input parameters for the magnetic
model with gradual dissipation is reported in Appendix A.2. A comparison of the quasi-
diffuse neutrino emission with standard input assumptions reported in the literature is
provided in Appendix A.3.

8.2 Dynamical evolution of gamma-ray burst jets

In this section, we introduce the main physics describing the jet models considered in
this work. We present the models in the context of kinetic dominated jets, then focus on
two cases of Poynting flux dominated jets, and the proton synchrotron model. Note that,
despite the fact that the proton synchrotron model has a Poynting luminosity larger
than the kinetic one (see Ref. [178] for a dedicated discussion), we treat it separately
from the Poynting flux dominated jets because it does not require knowledge of the jet
dynamics.

The general GRB model envisages a relativistic jet propagating with Lorenz factor
[, with respect to the central engine frame, and half opening angle 6;. As long as r-1<
6, which is expected to hold during the prompt phase [100], the radiating region can
be considered spherically symmetric. We therefore use isotropic equivalent quantities
throughout the paper.

The reference frames used in our calculation are the observer frame (on Earth),
the frame of the central engine (laboratory frame), and the jet comoving frame. A
quantity characteristic of the jet is labeled as X, X, and X', in each of these frames,
respectively. For example, energy is transformed through the following relation: £ =
(1 4+ 2)E = (1 + 2)DE’; time instead transforms as t = (1 + 2)f = (1 4+ 2)D~ ¢,
with D = [T(1 — BcosB)]™! being the Doppler factor, § = v/c, T = 1/4/1 — 32
the Lorentz boost factor and 6 the angle of propagation of an ejecta element with re-
spect to the line of sight. A characteristic quantity of the jet is the isotropic-equivalent
energy, E,,,, which represents the energetic content of the outflow and it is related
to the bolometric energy E,, through the opening angle by the following relation:
By = (1 — cos §)E;, ~ (sz/ 2)E,,, where the approximation holds for small opening
angles.

The dominant source of energy in a GRB jet is related to the initial conditions. The
jet is powered by accretion onto a newly formed black hole [508] or a rapidly spinning
massive neutron star [477]. Two mechanisms are invoked to extract energy from the
central compact object and power the GRB jet: neutrino annihilation [164, 399, 125] or
tapping of the spin energy of the central object by means of magnetic fields [93, 324].



120 DYNAMICAL EVOLUTION OF GAMMA-RAY BURST JETS

I'(R)
I" « const
Fsat =
r oy
ol ‘s
satl RPH RIS Rdec R

1 central engine

progenitor star

Figure 8.1: Schematic representation of a GRB jet (not in scale) where energy dissipation takes
place through relativistic shocks. The Lorentz factor I' is shown as a function of the fireball
radius for the case in which the photosphere occurs in the coasting phase, so that the pho-
tospheric radius (Rpy) lies above the saturation radius (R,,;). The photosphere is assumed to
produce thermal y-rays, the ISs forming at R;g are thought to produce non-thermal y-rays, and
the external shock, which starts to decelerate at Ry, is responsible for the afterglow. When
energy dissipation takes place below the photosphere, non-thermal radiation is also expected
from Rpy.

8.2.1 Kinetic dominated jets

We start with the case of a generic fireball composed of photons, electron/positron
pairs, and a small fraction of baryons (primarily protons and neutrons), with negligible
magnetic fields [207, 395]. The dynamical evolution of the fireball is sketched in Fig. 8.1
and consists of three phases, namely acceleration, coasting, and deceleration:

1. Fireball acceleration: A hot relativistic fireball of isotropic energy E;,, = Lisolqu, is
created and launched at the radius R, by the central engine emitting energy with
luminosity L, for a time Z,,,. Since after the propagation through the envelope
of the progenitor star, the fireball can be re-born [283], we adopt as size of the
jet base Ry = R,6;, with R, ~ 10! cm being the progenitor star radius. The
width of the emitted shell is A = cfy,,. As the fireball shell undergoes adiabatic
expansion, and while the pair plasma retains relativistic temperatures, baryons
are accelerated by radiation pressure and the bulk Lorenz factor increases linearly



DYNAMICAL EVOLUTION OF GAMMA-RAY BURST JETS 121

with radius (I' « R), until it reaches its maximum value. We assume that the
latter coincides with the dimensionless entropy per baryon = E;,,/Mc?, where
M is the baryonic mass injected into the outflow. The maximum Lorenz factor is
achieved at the saturation radius R, = 7R/I}, where [}, = T'(R, ) ~ 1-10 [328]
is the breakout Lorenz factor.

2. Fireball coasting: Beyond R, the flow coasts with I' = I},, ~ 7 = const. As
the fireball shell keeps on expanding, the baryon density, obtained by the mass
continuity equation M = 47R?Tp’c = const [153] for a relativistic flow with
spherical symmetry, drops as

‘OI — M ~ L~iso
m, 4mm,R%cl’ ~ 4wR?m,c3nl’

ny, (8.1)
where p’ is the baryon density in the comoving frame, R is the distance from
the central engine, and L;;, = 7nMc?. At a certain point, photons become optic-
ally thin to both pair production and Compton scattering off free leptons asso-
ciated with baryons entrained in the fireball. Once the Thomson optical depth
(tr = mjorR/T) drops below 1, the energy that has not been converted into kin-
etic energy is released at the photospheric radius Rpy. Let R denote the number

of leptons per baryon (n; = Rny,), we can define the critical dimensionless en-
tropy [322]:

(8.2)
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where or = 6.65 X 1072>cm? is the Thomson cross section. 7), represents the
limiting value of the Lorenz factor which separates two scenarios: 7 > 7, (the
photosphere occurs in the acceleration phase) and 7 < 7, (the photosphere oc-
curs in the coasting phase). For our choice of parameters, we will always be in
the second case, thus we can introduce the photospheric radius as the distance
such that 7 = 1 [319]:

orLis, R

= Tupm,e (8:3)

PH

The radiation coming from the photosphere is the first electromagnetic signal
detectable from the fireball. It emerges peaking at [319]

1

2
_ I 4 /R 3
kpTon =k iso ( PH) , 8.4

where op is the Stefan-Boltzmann constant and kg the Boltzmann constant. The
energy Epy emerging from the photosphere is parametrized through epy; = Epyy/Eiq,.
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Since the central engine responsible for the launch of the relativistic jet is ex-
pected to have an erratic activity, the produced outflow is unsteady and radially
inhomogeneous. This causes internal collisions between shells of matter emitted
with time lag ¢, to occur at a distance [412]

2ct,I'?
1 1 z’ (8:5)

~

IS —

this is the IS radius, where a fraction ¢ of the total outflow energy (Ei,) is dis-
sipated, and particles are accelerated.

3. Fireball deceleration: The fireball shell is eventually decelerated [395, 393, 163]
by the circumburst medium that can either be the interstellar medium or the pre-
ejected stellar wind from the progenitor before the collapse. Let us consider an
external density profile [376]:

np(R) = AR™S , (8.6)

with s = 0 for a homogeneous medium and s = 2 for a wind ejected at con-
stant speed. For a thin shell [432], the deceleration radius is defined as the dis-
tance where the swept mass from the circumburst medium is mqyz = M/n [or
l_‘(Rdec) = 77/2] [94]:

~ 1/(3—
R. — 3—s Exiso G . (8.7)
T\ ar myc2An? ’ '

in alternative, R4, can be obtained from the observed deceleration time f4.. [520]:

R4
free =~ 1.3(1 —==, 8.8
dec ( + Z) 7720 ( )

where Ey i, = Eio — Ey s, is the isotropic equivalent kinetic energy of the ou-
flow after E~7,,i50 has been radiated during the prompt phase. At R,.., an external
shock forms and propagates into the medium, hence the deceleration radius is

essentially the initial external shock radius.

8.2.1.1 Jet model with internal shocks

For long time, the IS model [412, 271, 144] has been considered as the standard model
for the prompt emission in the literature. Among the merits of this model there is its
ability to naturally explain the variability of the lightcurves, to provide natural sites for
the dissipation of the kinetic energy of the baryonic fireball, as well as sites for particle
acceleration and non-thermal radiation.
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The erratic activity of the central engine is responsible for the creation of an outflow
that can be visualized as being composed of several shells. Collisions of such shells with
different masses and/or Lorenz factors cause the dissipation of the kinetic energy of the
jet at Rig' (see Fig. 8.1).

Part of the dissipated energy, &;sEi,, is used for particle acceleration. Non-thermal
electrons (protons) receive a fraction ¢, (¢,), while a fraction eg goes into the amplific-
ation of magnetic fields. In this scenario, electrons emit synchrotron radiation in the
fast cooling regime. The radiated energy can thus be expressed as E,, i, = €.€isEi, and

,is0 iso
the magnetic field as

E,;
B = .[8r Bl (8.9)

The protons co-accelerated with electrons interact with the prompt photons through
photo-hadronic interactions and produce neutrinos, as discussed in Sec. 8.4. Here V,, =
471'R)2,1“cfdur represents the isotropic volume of the jet in the comoving frame.

Within a more realistic setup, various collisions between plasma shells occur along
the jet. Scenarios involving collisions of multiple shells have been considered [220, 108,
424] and can lead to lower neutrino fluxes. Yet, in this work, since we aim to compare
different jet models, we adopt one representative shell with average parameters and
spectral properties for simplicity.

8.2.1.2 Jet model with a dissipative photosphere and internal shocks

In the class of photospheric models, it is assumed that the dominant radiation ob-
served in the prompt phase is produced in the optically thick region below the photo-
sphere [83]. Depending on the presence of dissipative processes acting in the optically
thick parts of the outflow, photospheric models can be classified in non-dissipative or
dissipative ones.

In the presence of a non-dissipative photosphere, according to the standard fireball
model, the thermal radiation advected with the flow and unaffected by the propagation
is released at Rpy, see Fig. 8.1. Depending on the dimensionless entropy of the outflow
(see Eq. 8.2), this component can be very bright or highly inefficient and is characterized
by the fraction epy; = (/7,)%3 [319].

For a dissipative photosphere, strong sub-photospheric dissipation is required in the
optically thick inner parts of relativistic outflows in order to account for the detected
non-thermal spectra [473, 200, 203, 413, 487, 486, 85]. In this scenario, the spectral peak
and the low-energy spectrum below the peak are formed by quasi-thermal Comptoniz-
ation of seed photons by mildly relativistic electrons when the Thomson optical depth
of the flow is 1 < 7 < 100 [201, 474]. In the literature, several sub-photopsheric dis-
sipative mechanisms have been proposed, including ISs at small-radii [413], collisional

UIf there is a large spread in the I values of the shells, then R4 can also spread a lot [220, 108, 424].
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nuclear processes [84], or dissipation of magnetic energy [201]. One of the most at-
tractive features of these models is their ability to naturally explain the observed small
dispersion of the sub-MeV peak and the high prompt emission efficiency [284, 283, 210],
that the standard version of the IS model cannot easily explain.

The scenario explored in this work considers the main prompt emission as being
released at Rpy with a non-thermal spectrum. These photons cross the IS region and
interact with energetic protons accelerated at the IS to produce neutrinos. We do not
consider neutrino production below and at the photosphere, as this would result in
neutrino energies well below the PeV range that we are interested in (i.e., GeV neut-
rinos produced in proton-neutron collisions in the ejecta [70, 257] or TeV neutrinos
produced via pp interactions of protons accelerated at sub-photospheric ISs [490, 341,
511, 345, 346]). Indeed, photo-hadronic interactions in the opaque region do not lead to
efficient production of high-energy neutrinos because of inefficient Fermi acceleration
that limits the maximum proton energy to low values [86]. We stress that the wording
“dissipative photosphere” in this work is meant to highlight the non-thermal nature of
the photospheric spectrum and it should not be associated with the neutrino production
region below the photosphere, as usually done in the literature (see, e.g. [490]).

8.2.1.3 Jet model with three emission components

The three-component GRB model was introduced in Ref. [224], where the authors found
that a thermal component described by a black body (BB) spectrum, a Band spectrum
(sometimes statistically equivalent to a cut-off power-law, CPL) and a non-thermal
power-law (PL) spectrum at high energies (with or without cut-off) represent a globally
better description of the data than the Band spectral fit for a number of bursts. We refer
the reader to Appendix A.1 for details on the spectral energy distributions of photons.

As argued in Ref. [224], the physical interpretation proposed for the three compon-
ents is the following. The BB component, given its weakness, is interpreted as thermal
photospheric emission of a magnetized jet not strongly affected by sub-photospheric
dissipation. The non-thermal emission fitted by the Band (or CPL) component, given
the observed variability, is assumed to be produced in the optically thin region of the
jet from relativistic electrons. The third PL (or CPL) component, which extends over
at least 5 decades in energy and sometimes emerges with a slight temporal delay with
respect to the trigger of the burst, is the one with the least clear origin. Because of
its initial temporal variability, it is assumed to be of internal origin; e.g., it might be
due to inverse Compton processes, even if this scenario is not able to explain the ex-
tension of such a component to lower energies or the temporal delay. Finally, the fact
that in some cases the PL component becomes dominant at the end of the bursts and
lasts longer than the prompt emission led to identify it with the emergence of an early
afterglow, which corresponds to the start of deceleration of the outflow.
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Figure 8.2: Schematic representation of a Poynting flux dominated jet (not in scale) in the
ICMART model. The Lorentz factor I is shown as a function of jet radius. The radiation from
the photosphere (Rpy) and ISs (Ryg) is strongly suppressed and can be at most 1/(c + 1) of the
total jet energy (see Eq. 8.10); typical values for the magnetization parameter o are shown. The
emitting region is located at RicparT, Where magnetic reconnection causes a strong discharge
of magnetic energy and the emission of gamma-rays. The magnetization at Rycyart 1S i and
Ocng in the beginning and at the end of an ICMART event, respectively.

8.2.2 Poynting flux dominated jets

When the central compact object is a rapidly rotating black hole threaded by open
magnetic field lines, it is possible to tap the black hole spin energy to produce Poynting-
flux dominated jets [93]. The electromagnetic luminosity of this jet is much larger than
the kinetic luminosity associated to matter.

A characteristic parameter is the magnetization o, defined as the ratio of the Poyn-
ting luminosity and the kinetic luminosity:

__B® _ B*®®
" 4aTp(R)c2 — 4mp'(R)c2’

_Lg
where B'(R) and p’(R) are the magnetic field strength and matter density in the comov-
ing frame at a certain distance R from the central engine. Hence, the total jet luminosity
at any radius is L(R) = [1+ 0(R)]Lg(R). In this work we consider two models for mag-
netized jets: the ICMART model and the gradual magnetic dissipation model, which
we briefly introduce below.
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Figure 8.3: Schematic representation of a Poynting flux dominated jet (not in scale) in the
gradual energy dissipation model. The Lorentz factor I' is shown as a function of jet radius. The
radiation from the photosphere (Rpy;) can be very bright, depending on the initial magnetization
op of the outflow. Typical values for the magnetization parameter o are shown. The emitting
region is located between Rpy and R,;, where magnetic reconnection causes the dissipation of
magnetic field energy, the emission of thermal gamma-rays at Rpy and synchrotron radiation
from accelerated electrons in the optically thin region up to Rg;.

8.2.2.1 ICMART model

The ICMART model [523] considers Poynting flux dominated jets, whose energy is
dissipated and radiated away at very large radii from the central engine, as shown
in Fig. 8.2. The main motivation behind this model relies on the non-detection (or
detection of a very weak) photospheric component in the spectra of some GRBs, hinting
that the jet composition cannot be largely Poynting flux dominated at the photosphere.

The GRB central engine intermittently ejects an unsteady jet with variable Lorentz
factor and with a nearly constant degree of magnetization g, = o(R). Such a jet
is composed by many discrete magnetized shells which collide at Rig (see Eq. 8.5 and
Fig. 8.2). Yet, the kinetic energy dissipated at the ISs is smaller by a factor [1 + o(Rs)]
with respect to the energy available in the traditional IS model. Hence, the total energy
emitted in radiation could be completely negligible at this stage.
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In the optically thin region, the early internal collisions have the role of altering, and
eventually destroying, the ordered magnetic field configuration, triggering the first re-
connection event. The ejection of plasma from the reconnection layer would disturb the
nearby ambient plasma and produce turbulence, facilitating more reconnection events
which would lead to a runaway catastrophic release of the stored magnetic field en-
ergy at the radius defined as Ricpary- This would correspond to one ICMART event,
which would compose one GRB pulse. Other collisions that trigger other reconnection-
turbulence avalanches would give rise to other pulses.

This model successfully reproduces the observed GRB lightcurves with both fast
and slow components [525]. The slow component, related to the central engine activity,
would be caused by the superposition of emission from all the mini-jets due to multiple
reconnection sites, while the erratic fast component would be related to the mini-jets
pointing towards the observer.

8.2.2.2 Magnetized jet model with gradual dissipation

In this scenario, the energy dissipation through reconnection starts below the jet pho-
tosphere and occurs gradually over a wide range of radii [158, 157], as schematically
shown in Fig. 8.3. Following Refs. [87, 202], we consider magnetized outflows with
a striped-wind magnetic field structure, where energy is gradually dissipated through
magnetic reconnection until the saturation radius. This model can naturally explain
the double-hump electromagnetic spectra sometimes observed [202].

The jet is injected at R, ~ 107 cm with magnetization o > 1 and Lorentz factor
Ihb, = yop+1 = 0y. As it propagates, the magnetic field lines of opposite polarity
reconnect, causing the magnetic energy to be dissipated at a rate [158]:

Ediss =

dLB_ d( (o)

—_ 0 - 1/3
dR ~ dR a+1L)°‘R ’ (811)

where o(R) is obtained from the conservation of the total specific energy I'(R)o(R) = I,0p.
The Lorentz factor of the flow evolves as [158]

R 1/3
F(R) = 1—‘sat R_ ’ (8'12)
sat

until the saturation radius R, = A2, (see Fig. 8.3), where A is connected to the char-
acteristic length scale over which the magnetic field lines reverse polarity. This length
scale can be related to the angular frequency of the central engine (e.g., of millisecond
magnetars) or with the size of the magnetic loops threading the accretion disk [378].
Motivated by results of particle-in-cell (PIC) simulations of magnetic reconnection
in magnetically dominated electron-proton plasmas [442, 226, 504], we assume that
half of the dissipated energy in Eq. 8.11 is converted in kinetic energy of the jet, while
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the other half goes into particle acceleration and is redistributed among electrons and
protons®. In particular, the fraction of energy which goes into electrons is [504]

1 o]
~ =1 , 8.13
fe 4( + 1o+a) (8.13)

while the one that goes into protons has been extracted from Fig. 20 of Ref. [504] and is
gp ~ 1—¢,. Afraction § of electrons injected into the dissipation region are accelerated

into a power-law distribution n,(),) « )/el_ke in the interval [¥, nin» Yo.max] With the
minimum electron Lorentz factor being
, ke—2¢
Yearin(R) = 37— 5go(R )— (8.14)

and ¥, .y is the maximum electron energy obtained by equating the acceleration time
and the total cooling time. The power-law slope of the accelerated particles in relativ-
istic reconnection depends on the plasma magnetization in a way that harder spectra
(k. < 2) are obtained for o > 1 [444, 228, 503]. Here, we adopt the following paramet-
erization for the electron power-law slope [504]:

k(o) ~ 1.9 +0.7/\/c. (8.15)

The proton spectrum will be discussed in detail in Sec. 8.5.2.2.

8.2.3 Proton synchrotron model

Recently, Refs. [369, 370, 406] have analyzed the spectra of a sample of GRBs for which
data down to the soft X-ray band and, in some cases, in the optical are available. This
extensive work has established the common presence of a spectral break in the low
energy tail of the prompt spectra and led to realize that the spectra could be fitted by
three power-laws. The spectral indices below and above the break are found to be
a; ~ —2/3 and a, ~ —3/2 respectively, while the photon index of the third PL is
B < 2. The values of all photon indexes are consistent with the predicted values for the
synchrotron emission in a marginally fast cooling regime [143]. However, if electrons
are responsible for the prompt emission, then the parameters of the jet have to change
drastically with respect to the standard scenario, in which the emission takes place at
relatively small radii and with strong magnetic fields in situ. One possible way out to
this has been discussed in Ref. [198], where protons are considered to be the particles
which radiate synchrotron emission in the marginally fast cooling regime; in this way,
it is possible to recover the typical emitting region size at R, ~ 10'* cm

*Rough energy equipartition between magnetic field, protons and electron-positron pairs is also
found in kinetic simulations of reconnection in pair-proton plasmas [392].



MAIN MODEL INGREDIENTS 129

8.3 Main model ingredients

In this section, we outline some of the quantities characterizing the energetics and
geometry of the jet for all models. We also introduce the target particle distributions.

8.3.1 Reference model parameters

The gamma-ray emission is assumed to originate from an isotropic volume V =
47R; A5, where A5 = R, /2T is the comoving thickness of the emitting shell and R, is
the distance from the central engine where the electromagnetic radiation is produced.
Dissipation—whether it occurs in the photosphere, in the optically thin region (e.g., ISs)
or external shocks—causes the conversion of a fraction ¢4 of the total jet energy E,
into thermal energy, bulk kinetic energy, non-thermal particle energy, and magnetic
energy. The energy stored in relativistic electrons, protons, and magnetic fields in the
emitting region can be parameterized through the fractions ¢, €, and e, respectively.
These parameters ignore the detailed microphysics at the plasma level, but allow to
establish a direct connection with the observables. The dissipation efficiency ;g = 0.2
has been chosen by following Refs. [271, 220]. In addition, for the IS models, we rely
on PIC simulations of mildly relativistic shocks in electron-ion plasma. Recently, a
relatively long 2D PIC simulation has been performed [140] and it has been shown
that quasi-parallel shocks can be efficient particle accelerators. The energy fractions
going into non-thermal protons, electrons and the turbulent magnetic field are found
tobeg, = 0.1, ¢ =~ 5X 10~* and ¢g > 0.1, respectively. These results are valid
for a shock with Lorentz factor I; = 1.5. We know, on the other hand, that efficient
energy dissipation through ISs can take place only if a large spread in Lorentz gamma
factors is present within a kinetic dominated jet [220], which would lead to 1 S T}, <
5. Unfortunately, as of today, the midly relativistic regime is poorly explored, and a
study of the transition regime from non relativistic to ultrarelativistic is still necessary.
Nevertheless, the results from [140] can be considered as indicative for our case. Given
that for the relativistic regime it has been found ¢, < 0.1 [443], we conservatively
adopt €, = 0.01, while g, = 0.1 and eg = 0.1. For the magnetized jet models, instead,
these parameters are found to depend on the magnetization of the jet, as we will see
later. Finally, at the relativistic external shock, in the deceleration phase, we adopt
€, = 4X1072, g = 107* and €p = 1 — ¢, — €g, which turn out to be constrained by
observations for a number of cases [279, 429, 88]. In addition, we use k, = kp = 2.5
for the power slope, motivated by PIC simulations for ultra-relativistic shocks [445].
For what concerns the energetics of our reference jet, motivated by recent observa-
tions of GRB afterglows [489], we choose E,,, = 3.4 X 10°* ergs, where a typical open-
ing angle of 6 = 3 degrees is adopted. Our benchmark Lorenz factor is I' = [, =
300 [404, 196]. The duration of the burst is taken to be f3,, = 100s/(1 + z), where
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z = 2 is the redshift we adopt for our reference GRB. Finally we use f, = 0.5 s as
the variability timescale of the GRB lightcurve [49]. The parameters adopted for each
model for our benchmark GRB are summarized in Table 8.1.

Table 8.1: Characteristic parameters assumed for our benchmark GRB jet for the scenarios con-
sidered in this paper: internal shock (IS) model, dissipative photosphere model with internal
shocks (PH-IS), three components model (3-COMP), ICMART model, magnetized jet model
with gradual dissipation (MAG-DISS), and proton synchrotron model (p-SYNCH). In the case
of quantities varying along the jet, the variability range is reported. For the magnetic model
with gradual dissipation, the electron fraction, the electron power-law index, and the proton
power-law index are defined in Egs. 8.13, and 8.15, respectively.

Parameter Symbol Model
IS PH-IS 3-COMP ICMART MAG-DISS p-SYNCH
Total jet energy E., 3.4 x 10°* erg n/a
Jet opening angle 6 3°
Lorentz boost factor r 300
Redshift z 2
Duration of the burst taur 100 s
Variability time scale ty 0.5s
Dissipation efficiency €4 &g = 0.2 ‘ n/a g =0.35 0.24 n/a
Electron energy fraction € 0.01 0.5 0.35—-0.36 n/a
Proton energy fraction &p 0.1 0.5 0.64 — 0.65 n/a
Electron power-law index k, 2.2 ‘ n/a 24-2.6 n/a
Proton power-law index k, 2.2 2 24—-2.6 2.6
Magnetization at R, o n/a 45 1.35-1.81 n/a

A useful quantity that allows a comparison among different models is the radiative
efficiency of the jet, defined as the fraction of the total jet energy which is radiated in
photons [299]:

_ Ey,iso
Ny = . (8.16)

E.

1S0

For example 7, = epyy; when the dominant radiation is of photospheric origin or 7, =
€is€e When the radiation is produced at the IS, assuming a fast cooling regime for elec-
trons.
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8.3.2 Spectral energy distribution of protons

For the purposes of this work, it is sufficient to assume that protons and electrons in the
dissipation site are accelerated via Fermi-like mechanisms®. The accelerated particles
acquire a non-thermal energy distribution that can be phenomenologically described

_( El )
E,,

-1

E’ max . . . . .
where A = Uy [ fE,p ’ nE,(E[’,)El’,dEI’)] is the normalization of the spectrum (in units

P,min

ap

ny(E}) = AE;™ exp O(E) — E) min) » (8.17)

of GeV ™ 'cm™?) and © is the Heaviside function, with Uy = €peqEj;, being the fraction
of the dissipated jet energy that goes into acceleration of protons. The power-law index
is found to be k = 2.3 in the ultra-relativistic shock limit in semi-analytical and Monte
Carlo simulations, although it is predicted to be steeper from particle-in-cell simula-
tions [445]. The power-law index is instead k = 2 for a non-relativistic shock [313],
while it depends on the jet magnetization for magnetically dominated jets, as we will
see later. The exponential cut-off with @, is due to energy losses of protons and we ad-
opt a, = 2 following Ref. [241], E}, .,;, is the minimum energy of the protons that are
injected within the acceleration region, and Ej, ,,, is the maximum proton energy. The
latter is constrained by the Larmor radius being smaller than the size of the acceleration

region, or imposing that the acceleration timescale,

,_1 _ SceB’

e = , (8.18)
p,acc E[,J

is shorter than the total cooling timescale for protons. Here { = 1 is the acceleration
efficiency adopted throughout this work. The total cooling timescale is given by

-1 - -1 -1 — -1 -1.
tlIJ,cool = t;ynlc + l’),IC + t;),BH + tll)yl + [/),hc + tl,),ad ) (8.19)

where tgync, tl'),lc, t[,),BH’ tl’)y, t;,,hc, tll),ad are the proton synchrotron (sync), inverse Compton
(IC), Bethe-Heitler (py — pe*e™, BH), hadronic (hc) and adiabatic (ad) cooling times,
respectively. They are defined as follows [153, 410, 192]:

3In the reconnection region there are various particle acceleration sites, see e.g. Ref. [357]. It remains
a matter of active research what is the dominant process responsible for the formation of the power-law,
see e.g. Refs. [444, 228, 357, 390, 266]
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In the definitions above, ¢ = E)',/mecz, )/l; = El')/mpcz, and a = 1/137 is the fine struc-
ture constant. The cross sections 0, and oy, for py and pp interactions respectively,
are taken from Ref. [527]. The function F(E,, y,) is provided in Ref. [252], while K, is
the inelasticity of py collisions [153]:

0.2 Ey, <E, <1GeV
K, (E,) = 8.26
prlEr) {0.6 E, >1GeV, (8:26)
where E, = y,E, (1 — 8, cos€') is the relative energy between a proton with gamma
factor y, and a photon of energy E,, whose directions form an angle 6’ in the comoving
system, Ey;, = 0.15GeV is the threshold for the photo-hadronic interaction, n,’,(EJ’,) is

the target photon density field (in units of GeV 'cm™3), Kpp = 0.8, and n,, is the co-
moving proton density defined as nj, = nj/2, where nj, is the baryonic density defined
in Eq. 8.1. As we will see in Sec. 8.5.3, the proton synchrotron scenario is such that the
properties of the proton distribution (e.g., minimum energy, power-law slope), as well
as the shape of energy distribution itself, can be directly inferred from the observed
GRB prompt spectra.

8.4 Neutrino production in the gamma-ray burst
jet

The simultaneous presence of a high density target photon field in the site of proton
acceleration—that can be radiated by co-accelerated electrons, by protons themselves
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or have an external origin-leads to an efficient production of high-energy neutrinos
through photo-hadronic interactions. Since the number of target photons is always
much larger than the number density of non-relativistic (cold) protons in all cases of
study, we neglect the pp contribution.

Photo-hadronic interactions lead to charged pion and kaon (as well as neutron)
production, which subsequently cool and decay in muons and neutrinos. According to
the standard picture, pion production occurs through the A(1232) resonance channel:

4 n+znt 1/3 of all cases
p+y — At — . (8.27)
p+m° 2/3 ofall cases
followed by the decay chain
nt —ut +v, (8.28)
ut = v+ v, +et. (8.29)

In order to accurately estimate the neutrino spectral energy distribution and the related
neutrino flavor ratio, we rely on the photo-hadronic interaction model of Ref. [241]
(model Sim-B and Sim-C) based on SOPHIA [336]. The latter includes higher reson-
ances, direct and multi-pion production contributions. Note that, although we compute
the neutrino and antineutrino spectral distributions separately, in the following we do
not distinguish between them unless otherwise specified.

Given the photon and proton energy distributions in the comoving frame, n(E;)
and np(Ep), the production rate of secondary particles is given by [241] (in units of

GeV ™ 'em™3s™?)

* dE; e
Q= [ e [ dmm @Ry, (8:30)
5 Lp Ea/2v)

1

where x = E|/E), is the fraction of proton energy going into daughter particles, y =
yl;E)’,, and [ stands for 7%, 7~, 7°, and K. Since kaons suffer less from radiative cool-
ing than charged pions due to their larger mass and shorter lifetime, their contribution
to the neutrino flux becomes important at high energies [62, 467, 388], whilst it is sub-
leading at lower energies, given the low branching ratio for their production. The “re-
sponse function” R;(x, y) contains all the information about the interaction type (cross
section and multiplicity of the products); we refer the interested reader to Ref. [241] for
more details.

Once produced, the charged mesons undergo different energy losses before decay-
ing into neutrinos. Their energy distribution at decay is

rdec ! 1! tl,,coolml
Q“(E)) = Q(E]) |1 —exp|— , (8.31)

! __!
Eq
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with t] ., being the cooling time scale and 7; the lifetime of the meson I. The neutrino
energy distribution originating from the decay processes like the one in Eq. 8.28 is

E,
Q. (B,) = q*%a) Eam(—%)’ (8.32)

El,, Ej

where F_,,  is defined in Ref. [296] for ultra-relativistic parent particles. The same
procedure is followed for antineutrinos.

The steps above also allow to compute the spectra of charged muons. Again, the
cooled muon spectra are derived as in Eq. 8.31 and the neutrinos generated by the muon
decay are computed following Ref. [296].

The total neutrino injection rate Q,_(E,,_) at the source is obtained by summing
over the contributions from all channels. Finally, the fluence for the flavor v, at Earth
from a source at redshift z is (in units of GeV_lcm_Z)

@y, (Eyy2) = N 2L ;FL?Z)ZPVW“(E%)Q% [@] LS
where [57]
Bryosy = Byos, = By, = 7 502615 (8.34)
u u—ve e™Vr Ty
Byeasy = Byyov, = 5(4 = sin20,5) (5.35)
By, =1- %sinz 26,5, (8.36)

with 6;, ~ 33.5 degrees [167], E)ﬁ_’Voc = P%q,; ,and N = Vo staur [69] being the nor-
malization factor depending on the volume of the interaction region. The luminosity
distance dj(z) is defined in a flat ACDM cosmology as

@@—u+n—f dz (837)
VQu +

QL +2)3

with Qp; = 0.315, Q, = 0.685 and the Hubble constant H, = 67.4 km s~ Mpc™~! [42].

8.5 Results: Gamma-ray burst neutrino emission

Each of the dissipation mechanisms introduced in Sec. 8.2, according to the radius at
which it takes place, leads to different photon energy distributions. In Appendix A.1 we
report the empirical functions usually adopted to fit the observed photon spectra. For
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Figure 8.4: Left: Inverse cooling timescales for protons at the IS radius as functions of the
proton energy in the comoving frame for our benchmark GRB, see Table 8.1. The thin solid
lines mark the individual cooling processes introduced in Sec. 8.3.2; the thick black and red solid
lines represent the total cooling timescale and the acceleration timescale, respectively. The red
star marks the maximum comoving proton energy such that tl’);})ol = tl’,,_a}?c. Protons are mainly
cooled by adiabatic expansion and py interactions. Right: Analogous to the left panel, but for
the inverse cooling timescales for pions, muons, and kaons. The dominant energy losses in this

case are adiabatic cooling at low energies and synchrotron cooling at higher energies.

each of the GRB models considered in this section, we assume that the spectral energy
distribution of photons is either given by one of the fitting functions or a combination
of them. In this section, we investigate the neutrino production in the prompt phase
for each scenario.

8.5.1 Kinetic dominated jets

8.5.1.1 Jet model with internal shocks

We focus on the IS model introduced in Sec. 8.2.1.1 with the photon spectrum produced
at the IS radius and described by the Band function in Eq. A.2. The radiative efficiency
is 1, = €g€, = 0.002 (see Table 8.1).

In order to establish the relative importance of the various energy loss processes
in this scenario, we compute the proton and the secondary particle (K*, 7% and u*)
cooling times as illustrated in Sec. 8.3.2. The cooling times are shown in Fig. 8.4 as
functions of the particle energy in the comoving frame. With the parameters adopted
for our benchmark GRB, protons are mainly cooled by adiabatic expansion up to Ej, .«
(left panel of Fig. 8.4), with the second dominant energy loss mechanisms being photo-
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Figure 8.5: Left: Band photon fluence observed at Earth for our benchmark GRB in the IS
model, see Table 8.1. Right: Correspondent v, + 7, fluence in the observer frame (in red for
the electron flavor and in blue for the muon flavor) in the presence of flavor conversions. The

fluence for the muon flavor peaks at Egeak =4 %107 GeV.

hadronic interaction at intermediate energies, and synchrotron loss at higher energies.
For mesons and muons (right panel of Fig. 8.4) adiabatic and synchrotron cooling at
low and high energies, respectively, are the two dominant cooling processes.

Following Sec. 8.4, we compute the neutrino production rate in the comoving frame
at Rig and the correspondent fluence at Earth including flavor conversions. The results
are shown in the right panel of Fig. 8.5, while the photon spectrum described by the
Band function is shown in the left panel.

Our results are in good agreement with analogous estimations reported in the lit-
erature for comparable input parameters, see e.g. Ref. [68]. In this scenario, the flu-
ence for the muon flavor peaks at Egeak = 4 X 107 GeV and rapidly declines at higher
energies. The effects due to the cooling of kaons are not visible because, as shown
in Fig. 8.4, the maximum proton energy is more than one order of magnitude lower
than the one at which kaons cool by synchrotron radiation, and the pion cooling starts
around S Ej ./4.

8.5.1.2 Jet model with a dissipative photosphere and internal shocks

We now explore the model introduced in Sec. 8.2.1.2 and consider a jet with an ef-
ficient photospheric emission, described by a Band spectrum peaking at the energy
given by Eq. A.4, and undergoing further IS dissipation. At Ryg, protons and electrons
are efficiently accelerated and turbulent magnetic fields may build up. In this scen-
ario, electrons cool, other than by emitting synchrotron radiation, also by Compton
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up-scattering of the non-thermal photospheric photons. As we are interested in in-
vestigating the case where the photospheric emission is dominant in the MeV energy
range, we consider Case (I) of Table 1 of Ref. [475], corresponding to the luminosity
hierarchy Lpy > Lyp > Lgyne, Where Lpy, Lyp, and Lgyyc stand for the photospheric
luminosity, up-scattered photospheric luminosity of the accelerated electrons at Ry,
and synchrotron luminosity radiated by the electrons at Ry, respectively.

Following Ref. [475], we define

_8fB L4 y= Ugyne  4(ke—1)

= = = - v h, 8.38
Epmt Ué 3 (ke — 2) 7'—Tye,mmye,cool ( )

where Y is the Compton parameter, k, is the slope of the electron energy distribution, h
is a function of ; ,,y, and y;, ., and depends on the cooling regime, ¥, ;,, is the minimum
Lorentz factor of the electrons injected in the acceleration region

’ _mpke_2

L= — R lee, 8.39
ye,rmn m, ke -1 g IS¢€e ( )

with & being the fraction of electrons accelerated at the shock and R being the number
of leptons per baryon. Finally, ¥, . is the electron cooling Lorentz factor obtained
from ye’,coolynec2 = P(J/e,,cool)tz,id and given by

3m.R 1 )
dmptrepy x(1+Y)+1°

Yercool(R) = (8.40)

t.q being the adiabatic cooling timescale and Py, .oo) = 4/301¢), %001 (Us + Usync + Upr)
the cooling rate for electrons. The conditions we need to fulfill in order to satisfy
Lpy > Lyp > Lgync are
n<n, x<K1, xY¥1, Y=€I§ih<<1. (8.41)
PH
In this way, it is possible to estimate Lyp = Y Lpy and Lgynye = XY Lpy.

We adopt the electron slope k, = 2.2 and fix g5 by relying on the observations in
the optical band; by assuming that the synchrotron extended emission in this range
should not be brighter than what is typically observed, the following constraint on the
flux should hold: E,SynC(Ey,opt) < 100 mJy with E, ,, = 2 eV [428]. In our case, g5 = 0.2
satisfies such a condition. The radiative efficiency of this GRB is 77, = (Bpy + Esyne +
Eup)/Ey, = Epy(1 + Y + xY)/E, ~ 0.2. Since the high-energy photopsheric photons
are absorbed by the e* pair creation at Rpyy, we use a cut-off for the Band spectrum at
Rpyy, defined in Eq. A.1.

We define the total photon energy distribution in the comoving frame at Rig as

2
!’ /! R / ! / !/ !’ ’
ny,tot(Ey) = (RL;;) ny,PH(Ey) + ny,SYNC(Ey) + ny,UP(Ey) (8-42)
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Figure 8.6: Left: Photon fluence observed at Earth for the IS model with dissipative photosphere.
The photospheric emission (PH, violet line), the photospheric up-scattered emission (UP, orange
line), and the synchrotron emission of electrons accelerated at Ry (SYNC, green line) are plotted
together with the total photon fluence (in black). Right: v, + 9, fluence in the observer frame
produced at R;g with flavor oscillations included (in red for electron and blue for muon flavors).
The astrophysical parameters for this GRB are reported in Table 8.1, and Epy; = 6.8 X 10°3 erg,
Esyne = 5.4 x 10°° erg, Ejp ~ 6.8 X 10°! erg, R = 1, £=1. The fluence for the muon flavor
peaks at E5 = 3.2 % 107 GeV and its normalization is larger than the one in Fig. 8.5, given a
higher photon number density in the acceleration region.
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and compute the cooling processes of protons at the IS. Because of the more intense
photon field at Ry with respect to the simple IS scenario, ¢, and tgy are shorter, while
the synchrotron losses are negligible.

Figure 8.6 shows the resultant photon (on the left panel) and neutrino (on the right
panel) fluences for the IS shock scenario with a dissipative photosphere. The black
curve in the left panel represents the overall photon fluence. The total spectrum is con-
sistent with Fermi observations [48], being the high energy component subdominant
with respect to the Band one. From the right panel of Fig. 8.6, one can see that the
fluence peaks at Egeak = 3.2 X 107 GeV and its normalization is only a factor 9(10)
larger than the one of the IS model (see Fig. 8.5), despite the larger available photon
energy [a factor O(100)]. The reason for this is the higher E;,,peak in the IS scenario
with dissipative photosphere, which affects the ratio of the photon number densities
at Ey, i It should also be noted that here we do not take into account the anisotropy
of the incoming photospheric photon field at Rys, an effect that would cause a further
reduction in the neutrino production efficiency, as pointed out also in Ref [521].

8.5.1.3 Jet model with three emission components

We are interested in a representative GRB of the class of bursts introduced in Sec. 8.2.1.3,
hence we adopt average values for the spectral index and intensity of each component.
To this purpose, we rely on Refs. [224, 225, 58].

Once the outflow becomes transparent to radiation, a BB component is emitted at
Rpy, with spectral index agg = 0.4 [38] and peaks at the temperature defined in Eq. 8.4.
Subsequently, the kinetic energy of the outflow is dissipated at the ISs, and the main
spectral component (CPL1) is produced. The latter is described by a CPL with spectral
index acp;; = —1. An additional cut-off power-law (CPL2) begins to appear after a
slight delay with respect to CPL1, with the cut-off shifting to higher energies until its
disappearance. At later times, this additional component is well described by a simple
PL, and we associate it to the beginning of the afterglow. With this choice, we take
into account both interpretations of the additional energetic component, namely the
internal or external origin of CPL2.

At the deceleration radius Ry, (see Eq. 8.7), the external shock starts accelerating
protons and electrons of the wind and the magnetic field builds up. Motivated by the
afterglow modeling [89], we use the following values for the energy fractions: ¢, =
4%x107% eg = 107* and €p = 1 — ¢, — ep [88], compatible with our choice for the
prompt efficiency.

We consider a wind type circumburst medium with A = 3 X 10** cm™! [407] and
an adiabatic blastwave, with T'(t) = T(ty../4t)"* [407] and R(t) = 2I'*(t)ct/(1 + z)
describing the temporal evolution of the Lorenz factor and the radius of the forward
shock after ¢,.., respectively. The energy of the accelerated particles in the blastwave,
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at a time t after the deceleration, is Up = 47TEpAR(t)mpCZ[F2(t) — 1]. By relying on the
temporal evolution of the bright GRB investigated in Ref. [47], we consider a simple PL
produced at the forward shock, with power slope ap; = —1.8 (Eq. A.6), and normalize
it to Ep;, = €,/€,U,. The photon field target for py interactions at the forward shock is
the sum of the PL, BB and CPL1 components; the latter two being Lorentz transformed
in the comoving frame of the blastwave.

Since we are interested in computing the neutrino fluence emitted at the forward
shock during the prompt phase, we take a representative average radius R, in logar-
ithmic scale between Ry, and R(t4,, — t4ec)- The photon energy distribution is

2 E 2 E
By R) = B+ (520 ) i ()4 (32) o (F1) - o9
where T, is the relative Lorenz factor between I' and I, = I'(R,).

The BB component is always subdominant, while CPL1 and CPL2 are expected to
vary in absolute and relative intensity from burst to burst; this is true also in the same
GRB, once the temporal evolution is considered. In order to investigate to what extent
the neutrino spectrum may be affected by these factors, we considered two scenarios
of study for the prompt phase: case (I) such that the energetics of the three components
is Egp ~ 0.1Eqp;, and Epy, = 3Ecp., (solid black line in the top left panel of Fig. 8.7)
and case (II) with Eqp;; = 1/3Ecp, (dotted black line in the top left panel of Fig. 8.7).
The three cut-off power-laws (BB, CPL1, and CPL2) follow Eq. A.5 with peak energies
Egppeak = 2 X 107> GeV, Ecpp peax = 7 X 107° GeV, and Ecppypeac = 2 X 1072 GeV,
respectively. These values are consistent with the ones in Refs. [224, 47]. With this set
of parameters, the hierarchy and intensity of the various cooling processes is analogous
to the IS case for the prompt phase (Fig. 8.4), while adiabatic cooling is the dominant
cooling process by many orders of magnitude at R,. For what concerns the forward
shock, we assume a differential number density of protons n,(Ep) « Ej, =23 [445] injec-
ted between the minimum energy Ej, .., = mpczl"* and the maximum Ej, ., derived
from the condition that the proton acceleration time ¢, is limited by the adiabatic time
t! 4 (see Sec. 8.3.2).

The neutrino fluence at the IS and forward shock is displayed in Fig. 8.7. In the top
left panel, the solid line represents the neutrino fluence for case (I), while the dotted
line stands for case (II). The enhancement of the energetic component CPL2 of almost
one order of magnitude leads to a negligible impact on the neutrino energy distribution,
producing only a slight increase of the fluence at low energies.

The bottom panels of Fig. 8.7 display the photon fluence and the correspondent
neutrino fluence when the emission from the forward shock starts during the prompt
phase. The dashed lines represent the neutrino fluence produced at the IS from the in-
teraction of accelerated protons and the photon field (BB+CPL1), while the dash-dotted
line represents the neutrino outcome from the forward shock at R, where we rely on
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Figure 8.7: Top left: Photon fluence in the prompt phase for the model with three components.
It is composed by a thermal BB component (violet dashed curve), a cut-off power law CPL1
(green dashed curve), and a second cut-off power law CPL2 (in orange dashed for case (I) such
Ecpr; = 3Ecpry; in orange dotted for case (II) with Eqp; = 1/3Eqp.,). Furthermore Epp =
0.1Ecpy;. The total fluence is plotted in black (solid and dotted lines). Top right: Correspondent
Vg + Vg fluence in the observer frame with flavor oscillations included (in red for electron and
blue for muon flavors). The solid line represents the total contribution during the prompt for
case (I), while the dotted one is for case (II). The fluence for the muon flavor peaks at Egeak =
4.2 x 107 GeV for the case (I). The low energy tail is affected by the interaction of protons with
CPL2. Bottom left: Photon fluence for the scenario such that the emission from the forward
shock (PL, blue dash-dotted line) starts during the prompt phase (dashed, BB+CPL1). Bottom
right: Corresponding v, + 7, fluence (dashed curve for the IS emission, dash-dotted for the

forward shock, and solid line for the total).
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Figure 8.8: Left: Band photon fluence observed at Earth and emitted at Rjcpagr = 10'° cm for
the ICMART model. The parameters of this GRB are reported in Table 8.1 and 7, = 0.17. Right:
Correspondent v, + 74 fluence in the observer frame in the presence of flavor conversions for
the ICMART model (in blue and red for the muon and the electron flavors, respectively). The
muon neutrino fluence peaks at E,geak = 1.3 X 107 GeV; the high energy tail of the neutrino
distribution shows the double bump structure due to kaon decay.

Eq. 8.43 for the photon field. The solid line describes the total neutrino fluence expec-
ted during the prompt phase. The forward shock contribution is significantly higher
than what expected for the afterglow phase [407]. This is mainly due to a much lar-
ger photon number density in the acceleration region. Furthermore, given the very
low magnetic field and its inefficiency to accelerate particles to very high energies, the
cutoff in the neutrino spectrum occurs at a lower energy compared to the prompt case
(see dot-dashed line). The overall intensity at peak energy of the neutrino emission in
this scenario is slightly larger than in the simple IS case.

8.5.2 Poynting flux dominated jets

8.5.2.1 ICMART model

For the model introduced in Sec. 8.2.2.1, the typical radius necessary to make sure that
runaway reconnection has enough time to grow is Rjcyart = 10'° cm [523], while the
typical width of the reconnection region is A = ct,,, where we adopt ¢, ~ 0.5 s. The
dissipation efficiency may be as high as 0.35 in this model [149] and this is the value
we adopt for &4.

It has been shown that a Band-like spectrum may be reproduced in this scenario
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by considering an appropriate time dependent injection rate of particles in the emitting
region [297], and this is the spectrum we adopt for this model. If o is the magnetization
parameter at Ricpart, the magnetic field in the bulk comoving frame can be expressed

as [523]:
1/2

B’:( 2Ly G) . (8.44)

2
I'2cRicparr @ T 1

We use as initial jet magnetization o, = o, = 45 (see Fig. 8.2); this choice, as shown
in the following, allows for a consistent comparison with the results of Sec. 8.5.2.2. By
relying on the results from particle-in-cell simulations, we assume kp(cp) =~ 2 (see
Eq. 8.15). Furthermore, we set ¢, = 0.5 and ¢, = 0.5 (see Eq. 8.13). With this choice,
the radiative efficiency of our benchmark GRB turns out to be 1, = g4¢, ~ 0.17. The
photon number density is normalized to 7, Ej,. Since Ris =~ Ricyart, We obtain similar
trends for the cooling times as in Fig. 8.4, except for the synchrotron loss that starts
to dominate at Ej, ~ 108 GeV and a slightly increased rate of py interactions due to a
larger photon number density in the dissipation region.

The neutrino fluence is displayed in the right panel of Fig. 8.8. The fluence for the
muon flavor peaks at Egeak = 1.3 X 107 GeV. Note that the double bump due to kaon
decay is clearly visible in the high-energy tail of the energy distribution. This is due
t0 Ep max ~ Exmax ~ 2 X 10° GeV (while Ey ... ~ 1.2 X 107 GeV). This feature is
determined by the stronger magnetic field in the acceleration region (B’ ~ 9 kG, while
for example B’ ~ 1 kG in the IS model).

8.5.2.2 Magnetized jet model with gradual dissipation

For the model introduced in Sec. 8.2.2.2, we follow Ref. [87] and assume that the en-
ergy which is dissipated in the optically thick region is reprocessed into quasi-thermal
emission, leading to a black-body-like emission from the photosphere. In the optically
thin region, the synchrotron radiation from electrons is the dominant emission mech-
anism and it represents the non-thermal prompt emission. The energy emitted at the
photosphere is obtained by integrating the energy dissipation rate (Eq. 8.11) up to Rpy
and considering that only the fraction (R/Rpy;)*° of the energy dissipated at R remains
thermal at Rpy. In the optically thin region, electrons are always in the fast cooling
regime and E, i, > E]//,cool for Ry, < R < R, with our choice of parameters. Here
E} s is the synchrotron self-absorption energy [202]:

1/3

h3 &L 1
E; ~ 150 . 8.45
V>ssa ( 8mp, 4nT, R2T(R) ) (8.45)

The shape of the synchrotron spectrum follows Eq. A.10, but we replace E/ ; with
E} i, and use a,, = 1 for E), < Ey, i, [202]. Furthermore, only a fraction § = 0.2 [87] of

Y,ssa
electrons is accelerated.
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For our reference GRB we adopt 1 = 4 x 10® cm [87]. The terminal Lorenz factor
of the outflow is [},; ~ [[;0,. We choose [},; = 300 and the initial jet magnetization is
_ 12/3
0o = Lo ~ 45.
For what concerns protons, we assume that they are accelerated into a power-law
distribution starting from a minimum Lorentz factor
k, —2¢p

1 5 (R) (8.46)
p

/
Yp,min = Max 1,

and extending up to a maximum value determined by balancing the energy gain and
loss rates, as described in Sec. 8.3.2. We also assume that the power of the proton
distribution is the same as the one of electrons, namely k, = k, (see Eq. 8.15). The
latter assumption is motivated by particle-in-cell simulations of magnetic reconnection
for o > 1 [228], but it has to be yet demonstrated for o ~ 1 [392].

We compute the neutrino production assuming that dissipation and particle accel-
eration start at Ry = aRpy with a = 3. Being an arbitrary choice for the starting
radius, we explore the effects of a on the neutrino fluence in Appendix A.2. For illus-
tration purposes, we compute the neutrino production rate at three radii (R;, R,, and
R3) equally distanced in logarithmic scale. We make this choice in order to establish
the qualitative trend of the neutrino production during the evolution of the outflow in
the optically thin region. The photon and proton distributions are normalized at each
radius R; along the jet to the energy dissipated between R;_; and R;, where Ry = Rpy
and R3 = Ry, At each R;, the photon field coming from R; is Lorentz transformed
through the relative Lorentz factor

1(G ]
Trelij = 3 (FJ + L) (8.47)

that holds as long as I}, I; > 1. The total photon number density used as input at each
radius R; for producing neutrinos is thus

oo = % () (7 ) 649
4

j=0 rel,ij / trel,ij

where n(Ey) is the photon energy distribution at R; (in units of GeV ™ lem™?).

Once the photon distributions are set, we evaluate the proton cooling times at each
radius. In all the three cases, dominant losses are due to the adiabatic cooling up to
~ 10° GeV, and py interactions for 10° GeV < E}, S Ep max- Synchrotron losses be-
come relevant around 107 GeV. Given the very strong magnetic field (see Table 8.2),
the secondaries suffer strong synchrotron losses; this considerably affects the resulting
neutrino spectrum, which is damped at energies much lower than in all the other mod-
els investigated so far in this work. A summary of the input parameters at the three R;
is reported in Table 8.2.
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Table 8.2: Summary table for the input parameters adopted at the radii R;, R, and Rj3 in the
magnetic model with gradual dissipation: the radius (R), the comoving magnetic field (B’), the
Lorentz factor ('), the maximum energy of protons (Ep, yax), pions (Ez may), muons (Ey ), and
kaons (Ej{’max), as well as the power-law slope (k, = k) of electrons and protons.

R[cm] B’ [kG] T Epma[GeV]  Ep o [GeV]  Ej na [GeV]  Ex . [GeV] k,

R, 71x10? 17x10° 176 1.1x108 6.5 x 10* 3.6 x 103 7.5x10° 2.4
R, 1.6x10% 54x10° 230 1.7x108 2x10° 1.1 x 10* 23x107 2.5
R; 3.6x10 1.7x10> 300 2.5x108 6.4 x 10° 3.5x 10% 7.3x107 2.6

1072

51070
= L i
[
9‘1074_
—
L
K00 P
1 - _
1
1
1
1
—6 |’ L ! ! al ! L 1079 4 L A L A L L A
1070 107 1077 107% 10=® 10=* 107% 1072 107! 100 102 10 10* 100 105 107 108 107 10Y
E, [GeV] E, [GeV]

Figure 8.9: Left: Photon fluence in the observer frame for the GRB model invoking continuous
magnetic dissipation for the parameters reported in Tables 8.1 and 8.2. The total photon energy
distribution is shown in black, and its components at Rpy, Ry, R;, and R3 are plotted in violet,
orange, green, and coral respectively. Right: Correspondent v, + 7, fluence at Earth after flavor
oscillations in the left panel (in blue for the muon flavor and in red for the electron one). The
fluence for the muon flavor peaks at EX = 7.2 X 10° GeV. An unusual spectral structure is
clearly visible.



146 ResuLTs: GAMMA-RAY BURST NEUTRINO EMISSION

The (photon) neutrino fluence at Earth is shown in the (left) right panel of Fig. 8.9.
The slope of the three non-thermal synchrotron components and their distribution
peaks decrease as the distance from the source increases. The high energy cut-off of
each spectral component is given by Eq. A.1. Notably, the dominant component comes
from the smallest radius, while the contribution coming from larger radii gets lower
and lower (67%, 26%, and 7% from R1, R, and Rj3, respectively). The significant drop in
the neutrino flux between R; and R is mainly due to the decrease of the proton power
slope (see Table 8.2), which causes a more pronounced drop in proton number density
in the energy range of interest. This is a peculiar feature of this model, which predicts
parameters depending on the jet magnetization, and thus changing with the radius.

The neutrino fluence for the muon flavor peaks at Egeak = 7.2 X 10° GeV, which is
about O(10 — 100) GeV smaller than in the models presented in the previous sections,
although roughly comparable in intensity at peak. This is due to the fact that, in this
case, the main contribution to the neutrino flux comes from the interaction of protons
with thermal photons, whose energy peaks at ~ 22 keV. The second bump visible in
the spectrum is instead represented by the kaon contribution. Apart from the ICMART
model, this is the only other case out of the ones studied in this work in which this
feature is clearly identified at higher energies. The reason is the very strong magnetic
field in these two magnetic models. Another peculiar feature of this model is the low-
energy tail of the neutrino distribution, which is higher than in previous cases. This
is due to a combination of the larger number density [(9(103 — 10*)] of protons at low
energies in the acceleration region and the extended photon field at higher energies.

8.5.3 Proton synchrotron model

In order to estimate the neutrino production in the proton synchrotron model (see
Sec. 8.2.3), we need to evaluate the fraction of the proton energy which goes into py
interactions. We consider the photon spectral fit as in Eq. A.10 and follow Ref. [370],
which provides the cooling energy E, ..., the peak energy (or minimum injection en-
ergy) Ey peak = Ey,min> and the energy flux at the cooling energy (F, .q1)-

Another inferred quantity is the cooling timescale of the radiating particles, t.,, ~
1 s. The cooling time ¢, is related, after Lorentz transforming, to the comoving mag-
netic field B’ and ¥, by means of Eq. A.7. The variability timescale is assumed to be
t, = 0.5 s; the duration of the burst, as well as the redshift information, is extracted
from the GRB catalog [213]. These observables can be used to constrain the source
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parameters, such as B, Y, Ry, T, and E,, ; ;, through the following relations [370]:
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where F, = fy,bol’iso/4ﬁd%(z) is the bolometric isotropic radiative flux (in units of
GeVem™2s71), f,y,bol,iso being the bolometric isotropic luminosity of the burst over the
whole energy range. Using these relations we can infer B, ¥, R, and E) 1, ) ., as func-

tions of I'.
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Figure 8.11: Left: Photon fluence in the observer frame for the proton synchrotron model; see
Table 8.1 for the model parameters, in addition Fg s, = 5%10°3 ergs, teool = 0.5, Yimin/Yeool = 12,
Ey,cool = 7 keV. Right: Correspondent v, + 7, fluence (in red and blue for the electron and muon
flavors, respectively). The peak in the neutrino distribution (EBe"’k = 3.5x 10* GeV), due to the
cooling energy break Ey ., is shifted to lower energies with respect to the other analized
models. The damping at high energies is due to the very strong magnetic field in the emitting
region (B’ ~ 8.5 x 10° G).

In order to figure out the relative importance between proton synchrotron and py
cooling for the sample of GRBs studied in Ref. [370], we introduce the following para-
meter [231]:

Oy 87E,d}(2)

! ! !
LP,PV N Opy Up,syn _ Opy Ey,tot,iso 8w
R = T =
P L,P,S}’n UP>T UB o.p,T iso B2 O—p,T FZRJZ/CB'Z

: (8.54)

where Ly, ,, and L), .. are the proton energy loss rates for py interactions and syn-

chrotron emission respectively, and o, = or(m,/ mp)z. By relying on Egs. 8.50 and
8.53, Y, can be estimated as a function of the bulk Lorentz factor.

For our bencnhmark I' = 300, we compute Y), for the GRBs studied in Ref. [370] for
which redshift information is available. The histogram of Y}, is shown in Fig. 8.10. We
can see that Y, spreads over almost three orders of magnitude, with very low typical
values. Hence, assuming proton synchrotron radiation as the main emission mechan-
ism, we expect this class of GRBs to be poor emitters of high energy neutrinos. To show
this quantitatively, we compute the neutrino fluence for our representative GRB.

We adopt the following GRB parameters: ¥yin/Yeool = 12, By o1 = 7 keV, I' = 300,
z = 2 Eypeac = in/Yeoo)® By ,cool» Which result in By 1., =~ 7 X 10° erg. These
values are compatible with the average ones inferred from the sample considered in
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Ref. [370], namely (B, yo150) = 7.4X 107 erg, (Ey, co01) = 6.4 keV, and (Vin/Yeoor) = 11.9.
Furthermore, we choose kj, = 2.6 for the slope of the injection proton spectrum Q'(y,),
that reproduces the typical value of the high energy photon index § ~ —2.3; note that
ky, is almost never constrained for the sample in Ref. [370].

As for the radiated energy, this fiducial GRB is comparable to the ones analyzed
in the previous sections, except for the total energetics. In fact, given the very high
magnetic field, B’ ~ 8.5 x 10° G, the total isotropic energy is Episo RJZ,FZB’2 ~
O(10%%) erg, much larger than the typical energy that a GRB jets is able to release
(spin down of magnetars or through the Blandford-Znajek mechanism [93]). Since the
synchrotron radiation dominates by many orders of magnitude over all the other proton
energy loss mechanisms, we assume U ;, =~ ;’bol’iso, where U, is the total isotropic
proton energy in the comoving frame. Such a jet turns out to be highly inefficient in
radiating energy, given that Ej, ~ Ep ;;, > Ey,bol,iso-

By considering the proton energy distribution as in Eq. A.10 and normalizing it to
Up, we compute the neutrino fluence and show it in the right panel of Fig. 8.11. The
left of the same figure shows the total synchrotron photon fluence. Analogously to the
model in Sec. 8.5.2.2, the peak in the neutrino distribution (EEeak = 3.5 x 10* GeV) is
due to the cooling energy break E, .., and it is shifted to lower energies. The neut-
rino spectrum is furthermore strongly damped at high energies due to the synchrotron
cooling of mesons in the jet. Our estimation of the neutrino emission results to be in
agreement with the one reported in the independent work of Ref. [178], for GRBs with
similar parameters.

The proton synchrotron model, besides requiring unreasonable total jet energies,
predicts the smallest neutrino fluence among all models considered in this work. We
note that with the choice made of parameters, our representative GRB has Yp ~ 9(107%);
hence, our estimation may be considered an optimistic one, given the distribution of
Y, shown in Fig. 8.10. We refer the interested reader to Ref. [178] for additional details
and discussion on this model.

8.6 Discussion

In this work, we have computed the neutrino fluence for a class of models adopted
to describe the prompt phase of long GRBs, all having the same E;,,. Because of the
diversity of electromagnetic GRB data and the uncertainties inherent to the models
(e.g., jet composition, energy dissipation mechanism, particle acceleration, and radi-
ation mechanisms), an exhaustive theoretical explanation of the mechanism powering
GRBs is still lacking. To compare the neutrino production across models, we have se-
lected fiducial input parameters for a benchmark GRB motivated by observations. In
addition, the modeling of the dissipative and acceleration efficiencies, as well as the
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Table 8.3: Summary of the derived quantities for the models considered in this work and our
benchmark parameters value (see Table 8.1). The radiative efficiency of the jet (Eq. 8.16), the
isotropic photon energy in the 1keV-10 MeV energy range, the isotropic neutrino energy for
neutrinos and antineutrinos of all flavors, the ratio between the isotropic total neutrino and
photon energies, the neutrino energy at the fluence peak, and the maximum proton energy
are listed. The model with the smallest radiative efficiency is the proton synchrotron model;
this model has also the smallest E), ;;,. The most radiatively efficient model is the one with a
dissipative photosphere.

MOdel 77)/ (%) Ey,iso [erg] Ev,iso [erg] Ev,iso/Ey,iso EE;ak [GCV] Ep,max [GCV]

IS 0.2 6.8x10°1 23x10* 34x10~* 4% 107 1.2 x 101
PH-IS 20 6.9x10°2 72x10* 1.1x10™* 3.2x10’ 7.5 x 1010
3-COMP 0.3 8.7x10°1 52x10® 6x107* 4.2 x 107 1.2 x 101
ICMART 17.5 6x102 18x101 3x1073 1.3 x 107 1.7 x 1011
MAG-DISS 8 2.7x10°% 52x10°° 2x1073 7.2 % 10° 2.5 x 1010

p-SYNCH 2x107> 48x103 72x10% 14x107* 3.5x10* 6.9 x 10°

properties of the accelerated particle distributions have been guided by the most recent
simulation findings. A summary of our input parameters is reported in Table 8.1. In
this section, we compare the energetics of the GRB models explored in this work, dis-
cuss the the detection prospects of stacked neutrino fluxes as well as the variation of
the quasi-diffuse neutrino flux due to the uncertainties in the jet parameters.

8.6.1 Energetics

A summary of our findings is reported in Table 8.3, where the radiative efficiency of
the jet (Eq. 8.16) is listed for the six GRB models investigated in this paper together
with the isotropic photon and neutrino (for six flavors) energies, as well as the ratio of
the latter two. As already discussed in Sec. 8.5, the least efficient model in converting

E,, in E’y,iso is the proton synchrotron model, whilst the most efficient one is the model
which considers a dissipative photosphere as the main source of prompt emission. This
is mainly due to the high dissipative efficiency suggested by recent three-dimensional
simulations [210]. Note that the radiative efficiency is an input parameter of each model,
since we do not compute the radiation spectra self-consistently.

Among the models considered in this work, all with identical Eiso, neutrinos carry
the largest amount of energy in the ICMART model, followed by the model invoking
magnetic dissipation; among the kinetic dominated jet scenarios, the case with a dissip-
ative photosphere is the most efficient one in terms of neutrino production. It is worth
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noting that, although in the model with three components E,, ;, is just 30% higher than
in the IS one, E,, , is a factor 2.3 larger. The reason for this lies in the fact that protons
interact with a high-energy photon component comparable in intensity to the one in
the y-ray range (i.e., 1 keV-10 MeV) in the three component model, while the num-
ber density of photons above 10 MeV is negligible in the IS model. This also explains
the trend for E’v’iso/Ey’iso reported in Table 8.3 (note that Ey,iso in Table 8.3 is estimated
over the energy range 1 keV-10 MeV; hence, this ratio, when defined with the bolo-
metric photon energy used for neutrino production, should be slightly smaller than the
one reported for the IS model with a dissipiative photosphere, the model with three
components, the magnetic one with gradual dissipation, and the proton synchrotron
model).

One last remark should be done on our results for the IS and ICMART models. In
Ref. [521], the ICMART scenario predicts the least neutrino flux, given the larger emis-
sion radius than Ryg. This is not the case in our work for two reasons: first, the chosen
representative variability timescale t,, provides emission radii comparable in the two
scenarios; second, the microphysics parameter that we adopt for the IS case are less fa-
vorable in terms of radiative efficiency and neutrino production efficiency, if compared
to the parameters adopted in Ref. [521], which result to be the same for all their cases
of study.

8.6.2 Detection perspectives

In order to compare the neutrino detection perspectives for our six models, we com-
pute the all-sky quasi-diffuse flux for neutrinos and antineutrinos. We assume that our
benchmark GRB at z = 2 yields a neutrino emission that is representative of the entire
GRB population. For N =~ 667 yr~! long GRBs per year [7], the stacking flux for the
muon flavor over the whole sky is defined as

1.
E/M(Ev) = ENq)v#(sz =2). (8.55)

Figure 8.12 shows the resultant all-sky quasi-diffuse fluxes for the muon flavor for
the six GRB models as functions of the neutrino energy (colored curves). For compar-
ison, we also show the GRB staking limits of IceCube [7] and the projected ones for
IceCube-Gen2 [10] (black curves). In agreement with the non-detection of high-energy
neutrinos from targeted GRB searches [7], our forecast for the neutrino fluxes lies be-
low the experimental limits and is in agreement with the upper limits reported by the
ANTARES Collaboration [49] and with the ones expected for KM3NeT [40]. The IC-
MART and the magnetic model with gradual dissipation predict comparable neutrino
flux at peak energy. The models invoking ISs (IS, PH-IS, 3-COMP) are the ones with the
lowest photon and neutrino yield. This is due to the microphysics parameters adopted
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Figure 8.12: Model comparison of the expected all-sky quasi-diffuse fluxes for the six GRB
models considered in this work for the benchmark jet parameters listed in Table 8.1. The quasi-
diffuse flux has been computed by relying on Eq. 8.55 for v, + 7,; all models have identical
E,,. For comparison, the IceCube staking limits (combined analysis for 1172 GRBs) [7] and
the expected sensitivity for IceCube-Gen2 (based on a sample of 1000 GRBs) [10] are reported
(solid and dashed black lines). By relying on the most up-to-date best-fit GRB parameters, all
models predict a quasi-diffuse flux that lies below the sensitivity curves; however, a large spread
in energy and shape of the expected neutrino fluxes is expected for different jet models.
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in this work; we refer the reader to Appendix A.3 for details on the differences with
respect to standard assumptions commonly used in the literature.

An important aspect to consider in targeted GRB searches is the large spread in
energy and shape of the expected neutrino fluxes for different jet models. It is evident
from Fig. 8.12 that the neutrino flux peak energy ranges from 9(10%) GeV for the proton
synchrotron model to ©(108 —10%) GeV for the IS model with a dissipative photosphere.
As such, targeted searches assuming one specific GRB model, such as the IS one, as
benchmark case for the GRB neutrino emission may lead to biased results.

Another caveat of our modeling is that the spectral energy distributions of photons
and the ones of the secondary particles produced through py interactions are not com-
puted self-consistently; this may affect the overall expected emission, see e.g. Refs. [387,
391, 354, 61, 310] for dedicated discussions. In addition, since none of the considered
jet models can account for all observational constraints, a population study [39] may
further affect the expected quasi-diffuse emission.

8.6.3 Uncertainties in the jet parameters

In this work, we have chosen one benchmark GRB as representative of the whole popu-
lation and have relied on the best fit values of the input parameters. However, there are
intrinsic uncertainties of the characteristic jet parameters, which can lead to variations
of the expected neutrino flux, see e.g. Refs. [467, 424]. Hence, we now investigate the
impact of the variation of two of the most uncertain parameters, the variability times-
cale t,, and the Lorentz boost factor I', on the quasi-diffuse neutrino flux.

Consistently with dedicated analysis [404, 196], we adopt [} ;, = 100 and [}, =
1000 as the minimum and maximum values of the Lorentz factor, respectively. The
resulting neutrino fluxes are displayed in the top panel of Fig. 8.13. A variation up to
five orders of magnitude for the proton synchrotron case is observable. We note that a
band for the model with magnetic dissipation case is missing. This is due to the fact that
the outflow saturates below the photosphere for I}, = 100 (R, > Rpy for I}, = 121;
since we focus on the production of neutrinos in the optically thin region above the
photosphere, we do not provide information about the I},, = 100 case); we instead
show the case with I' = 1000 (see Appendix A.2 for a discussion on the dependence of
the neutrino emission on the input parameters in the magnetized model with gradual
dissipation). The neutrino flux for the ICMART case is shifted to higher energies for
larger boost factors; this is determined by a compensation effect due to the fact that
the distance of the emitting region from the central engine is assumed to be constant
and around ~ 10% cm in this model, thus being completely independent on the bulk
Lorentz factor.

In the bottom panel of Fig. 8.13, the variation of the quasi-diffuse neutrino flux is
shown as a function of the variability timescale. According to the analysis performed
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Figure 8.13: Same as Fig. 8.12, but for extreme values of boost factor I and the variability
timescale t;,. Top: The bands for the quasi-diffuse neutrino flux are displayed for I} ;, = 100 and
[hax = 1000. Bottom: The bands for the quasi-diffuse neutrino flux are displayed for ¢, = 10 ms
and t;, = 10 s.
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on a wide sample of GRB lightcurves [49], we choose ¢, ,;, = 10 ms and £, ., =
10 s as representative extreme values for the variability time. For the simple IS model,
the model with three components, the proton-synchrotron model, and the ICMART
model, £, is directly connected to the size of the emitting region. For the IS model
with dissipative photosphere and the magnetic model with gradual dissipation instead,
t, is not related to any observable erratic behavior in the electromagnetic signal; this
explains why no band is considered for the magnetic model with gradual dissipation,
while the band in the case of the IS model with dissipative photosphere comes from
simply varying Rys.

It is worth noting that while the quasi-diffuse fluxes shown in Fig. 8.12 sit below
the IceCube stacking limits and expected sensitivity of IceCube-Gen2, once taking into
account the variability ranges of ¢, and I', the quasi-diffuse fluxes for the different mod-
els can hit the expected sensitivity of IceCube-Genz2; this hints that it may be possible
to constrain extreme configurations responsible for the prompt neutrino emission.

8.7 Conclusions

Long duration gamma-ray bursts (GRBs) are subject of investigation since long time,
being among the most mysterious transients occurring in our universe. In the attempt
of explaining the observed electromagnetic GRB emission, various models have been
proposed. The main goal of this work is to show that the neutrino emission strongly de-
pends on the chosen jet model, despite the fact that different jet models may be equally
successful in fitting the observed electromagnetic spectral energy distributions.

To this purpose, we choose a benchmark GRB and compute the neutrino emission
for kinetic dominated jets, i.e. in the internal shock model, also including a dissipative
photosphere as well as three spectral components. We also consider Poynting flux
dominated jets: a jet model invoking internal-collision-induced magnetic reconnection
and turbulence (ICMART) and a magnetic jet model with gradual dissipation. A jet
model with dominant proton synchrotron radiation in the keV-MeV energy range is
also taken into consideration. In particular, the neutrino production for the latter two
models has been investigated for the first time in this work.

Defining the radiative efficiency as the ratio of isotropic gamma-ray energy to the
total isotropic energy of the jet, we find that the least radiatively efficient model is the
proton synchrotron one, while the most efficient one is the model with a dissipative
photosphere. However, the model predicting the largest amount of isotropic-equivalent
energy going into neutrinos is the ICMART one.

In the context of targeted searches, it should be noted that the expected quasi-diffuse
neutrino flux can vary up to 3 orders of magnitude in amplitude and peak at energies
ranging from 10* to 10% GeV. The predicted spectral shape of the neutrino distribution
is also strongly dependent on the adopted jet model. A summary of our findings is
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reported in Table 8.3 and Fig. 8.12.

This work highlights the great potential of neutrinos in pinpointing the GRB emis-
sion mechanism in the case of successful neutrino detection. In particular, it suggests
the need to rely on a wide range of jet models in targeted stacking searches.
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ABSTRACT

Some afterglow light curves of gamma-ray bursts (GRBs) exhibit very complex tem-
poral and spectral features, such as a sudden intensity jump about one hour after the
prompt emission in the optical band. We assume that this feature is due to the late col-
lision of two relativistic shells and investigate the corresponding high-energy neutrino
emission within a multi-messenger framework, while contrasting our findings with the
ones from the classic afterglow model. For a constant density circumburst medium, the
total number of emitted neutrinos can increase by about an order of magnitude when
an optical jump occurs with respect to the self-similar afterglow scenario. By explor-
ing the detection prospects with the IceCube Neutrino Observatory and future radio
arrays such as IceCube-Gen2 radio, RNO-G and GRAND200k, as well as the POEMMA
spacecraft, we conclude that the detection of neutrinos with IceCube-Gen2 radio could
enable us to constrain the fraction of GRB afterglows with a jump as well as the prop-
erties of the circumburst medium. We also investigate the neutrino signal expected for
the afterglows of GRB 100621A and a GRB 130427A-like burst with an optical jump. The
detection of neutrinos from GRB afterglows could be crucial to explore the yet-to-be
unveiled mechanism powering the optical jumps.
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9.1 Introduction

Gamma-ray bursts (GRBs) are among the brightest and most poorly understood tran-
sients occurring in our Universe [269, 394, 281]. There are two classes of GRBs; the
short ones, lasting less than 2 s, and the long ones [276, 194]. The latter are the focus of
this work. They are thought to be harbored within collapsing massive stars [508, 304,
509]. The isotropic equivalent energy release in gamma-rays spans 10*°-10°> erg and
it occurs within a few tens of seconds [281, 64]. The observed spectrum is non-thermal,
typically peaking in the 10-10* keV energy band [73, 218, 265].

The delayed emission following the prompt phase of GRBs—observed in the X-ray,
optical/infrared, radio and as of recently TeV bands [323, 34, 32, 33]—is the so-called
afterglow. It is observed for several weeks after the trigger of the burst and, in some
cases, up to months or even years, making GRBs electromagnetically detectable across
all wavebands. The afterglow emission results from the interaction between the ejecta
and the circumburst medium (CBM). The physical mechanism responsible for the multi-
wavelength observation is broadly believed to be synchrotron radiation from the re-
lativistic electrons accelerated at the external shock, developing when the relativistic
outflow expands in the CBM [323, 497, 496, 259].

Observations in the X-ray and optical bands show a rich set of additional features,
not described by the simplest afterglow model. At X-rays, data from the Gehrels Swift
Observatory display a rapid decline during the first few hundred seconds [74, 295, 366],
strong X-ray flaring during the first few thousand seconds [309, 134], and a shallow
decay up to ten-thousand seconds. A canonical view of GRB afterglow is presented in
e.g. [363, 524]. In the optical band, the forward [e.g., 315] and reverse shocks [e.g., 430,
251] dominate during the first thousand seconds, together with plateaus in the majority
of afterglows, and with X-ray flares, occasionally accompanyied by optical flares [278,
290]. At later times [i.e., at about 7-10(1 + z) days, with z being the redshift], the
supernova signal emerges [98, 286] . In this context, one of the biggest surprises was
the observation of sudden rebrightenings in the afterglow light curve occurring at one
to few hours after the prompt emission, primarily visible in the optical band (hereafter
called optical jump) [405, 485, 359, 215, 358]. These optical jumps are very rare, as
opposed to e.g. X-ray flares occurring in about 50% of all GRB afterglows. The optical
jump can be very large in amplitude (>1 mag) and is typically brighter than the one
observed in X-rays. So far, about 10 out of 146 GRBs with well sampled optical light
curves collected between February 1997 and November 2011 have displayed an optical
jump [294]; for half of these, the brightness at the jump peak is comparable to the peak
of the afterglow associated to the forward shock.

Several theoretical models attempt to explain such optical jumps. For instance, they
might be due to CBM inhomogeneities generated by anisotropic wind ejection of the

Tt is worth highlighting that we are only listing typical values for all the aforementioned timescales.
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GRB progenitor or interstellar turbulence [285, 492]; however, numerical simulations
of spherical explosions exhibit rather regular features and, in addition, density fluctu-
ations of the CBM cannot give rise to significant time variability in the afterglow light
curve [356, 161, 162]. Alternatively, the late variability of the afterglow light curve
could be explained by invoking a late energy injection in the first blast wave emitted
by the central engine. In this picture, the central engine undergoes intermittent late ex-
plosions, producing multiple shells of matter that propagate and collide with the slower
ones previously emitted, as proposed in Ref. [483]. The origin of the late time activity
of the central engine is unclear [247]. For example, it might be related to the disk
fragmentation due to gravitational instabilities in the outer regions of the disk, with
the resulting fragments being accreted into the central compact object over different
timescales, and causing the observed time variability in the afterglow light curve [384].
Despite the uncertain origin of the central engine late time activity, this model predicts
that the second blast wave emitted by the central engine injects new energy in the ini-
tially ejected one, causing the observed rebrightening in the light curve [280, 212]. Even
though there is to date no smoking-gun signature favoring a specific mechanism to ex-
plain the appearance of optical jumps, the late collision of two relativistic shells [483]
is appealing in light of its ability to successfully fit the light curves of some GRBs with
optical jumps [215, 282].

These peculiar features of the light curve of GRB afterglows raise questions on
the possibly related neutrino emission. In fact, GRBs have been proposed as sources of
ultra-high energy cosmic rays and high-energy neutrinos [500, 221, 317]. In the prompt
phase, a copious amount of neutrinos could be produced by photo-hadronic (py) [500,
221, 488] or hadronic interactions (pp or pn), the latter being more efficient in the in-
nermost regions where the baryon density is large [409, 345, 325, 237]. The neutrinos
produced during the prompt GRB phase in the optically thin region have TeV-PeV ener-
gies, and their spectral distribution strongly depends on the emission mechanism [500,
321, 494, 337, 396, 475, 523].

High energy neutrinos could also be produced during the afterglow phase through
py interactions in the PeV-EeV energy range. Protons can be accelerated in the blast-
wave through Fermi acceleration [495, 480] and interact with the synchrotron photons
produced by accelerated electrons. Within the framework of the classic afterglow
model, the neutrino emission from GRB afterglows has been computed by consider-
ing the interaction of the GRB blastwave with the external medium in two possible
scenarios: the forward shock one, according to which particles are accelerated at the
shock between the blastwave and the CBM [501, 151, 292, 407] and the reverse shock
model, that assumes acceleration of particles at the reverse shock propagating back
towards the ejecta [338].

Since the neutrino production during the GRB afterglow phase strictly depends on
the photon distribution, an increase of the photon flux as observed for late time jumps
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in the light curve should result in an increased neutrino flux, potentially detectable by
current and future high energy neutrinos facilities. In fact, optical photons are ideal
targets for the production of PeV neutrinos. The detection prospects with the IceCube
Neutrino Observatory, which routinely observes neutrinos with energies up to a few
PeV [46, 45, 23, 17], of GRB afterglows displaying an optical jump have not been in-
vestigated up to now. In addition, the possibly higher neutrino flux could be detectable
by upcoming detectors, such as IceCube-Gen2 and its radio extension [10], the Radio
Neutrino Observatory in Greenland (RNO-G) [43] and the full planned configuration of
the Giant Radio Array for Neutrino Detection (GRAND200k) [54]. The orbiting Probe
of Extreme Multi-Messenger Astrophysics (POEMMA) spacecraft may also have prom-
ising perspectives for the detection of neutrinos from GRB afterglows [479].

If a jump is observed in the optical light curve of a GRB, what is its signature in
neutrinos? Can we use neutrinos to learn more about this enigmatic feature of some
GRBs? In this paper, we address these questions and explore the corresponding neut-
rino detection prospects. Our reference model is the late collision of two relativistic
shells [483, 215, 282]. Nevertheless, we stress that our goal is not to prove that the shell
collision is the main mechanism explaining the GRBs light curves displaying jumps;
rather, this scenario provides us with the framework within which we aim explore the
associated neutrino signal.

This paper is organized as follows. In Sec. 9.2, we present the theoretical model
for the late collision of two relativistic shells that we consider to be the mechanism
responsible for the sudden jump in the afterglow light curve. Section 9.3 focuses on
the modeling of the electromagnetic signal from GRB afterglows in the presence of
optical jumps, while Sec. 9.4 is centered on the proton distribution in the blastwave and
the resulting neutrino signals. Section 9.5 presents our findings on the neutrino and
photon signals expected during the GRB afterglow phase, in the absence as well as in the
presence of optical jumps; while Sec. 9.6 investigates the neutrino detection prospects
in the context of quasi-diffuse and point source searches. In particular, we discuss
the neutrino detection prospects for the well studied GRB 100621A [215] and a burst
with model parameters inspired by GRB 130427A [377, 382, 147] having a hypothetical
optical jump. Finally, our findings are summarized in Sec. 9.7. The analytical model
on the late collision and merger of two relativistic shells is detailed in Appendix B.1,
a discussion on the degeneracies among the parameters of our model is reported in
Appendix B.2, while Appendix B.3 focuses on the cooling times of protons and mesons
of our GRB afterglow model.
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9.2 Modelling of the merger of two relativistic

shells

In this section, we outline the blastwave physics, introducing the scaling relations de-
scribing the temporal evolution of the radius and Lorentz factor of the blastwave. By
relying on the late activity scenario for the central engine [247, 168, 421, 524], our model
on the late collision of two relativistic shells is then presented.

9.2.1 Physics of the blastwave

According to the standard picture, the relativistic GRB jet propagates with half opening
angle 6 and Lorentz factor I' > 100 [194] in the reference frame of the central engine.
AslongasT~! < 6;, the emitting region can approximately be considered spherical. In
order to investigate the afterglow physics, it is useful to introduce the isotropic equi-
valent energy of the blastwave, Ej,, 2. We denote with Ej ;, the isotropic equivalent
kinetic energy of the blastwave, defined as Ey ;;, = Ei;, — Ey,iso and representing the
energy content of the outflow after Ey has been released in y-rays during the prompt
phase.

Two shocks develop at the interaction front between the burst and the CBM: a re-
verse shock, that propagates towards the core of the jet, and a forward shock propagat-
ing in the CBM. After the reverse shock crosses the relativistic ejecta, the blastwave
enters the so-called Blandford and McKee self-similar regime [94] (dubbed BM here-
after). In the following, we focus on the BM phase, during which the emission is asso-
ciated with the forward shock only. The particle density profile of the CBM is assumed
to scale as a function of the distance from the central engine as n « R~ In this work,
we consider two CBM scenarios: a constant density profile resembling the one of the
interstellar medium (k = 0, ISM) and a stellar wind one (k = 2, wind).

We assume that the ejecta initially have isotropic kinetic energy Ej i, and Lorentz
factor I;,. Two extreme scenarios for the hydrodynamical evolution of the blastwave
can be described analytically: fully adiabatic and fully radiative [94, 431]. In the former
case, the blastwave does not radiate a significant amount of energy while propagat-
ing. On the contrary, it quickly cools in the latter scenario, radiating all the internal
energy released in the shock while being decelerated by the CBM. Observational evid-
ence suggests that GRB afterglow blastwaves are in the adiabatic regime rather than in

,iso

2We adopt three reference frames: the blastwave comoving frame, the center of explosion (i.e. the
central compact object) frame, and the observer frame (the Earth). Quantities in these frame are denoted
as X', X and X, respectively. Energy, for example, transforms as E = (1 + z)E = DE’. Here z is the

redshift and D = [T'(1 — B cos 6)]~! is the Doppler factor, where 8 = 4/1 — 1/T'2 and 6 is the angle of
propagation of an element of the ejecta relative to the line of sight.
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the radiative one [520]. Therefore, in this paper we focus on the adiabatic scenario.

Within the assumption of a thin shell (for which the reverse shock is mildly relativ-
istic at most), if propagation occurs through a CBM with constant density n = ng, the
blastwave starts to be decelerated at [94, 520]:

. [3E~k,iso(1 +z)} ]” ? o)
dec,ISM — 647momp051"(§3 ) .
while if it occurs in a wind profile, n = AR™2, the deceleration occurs at [133]:
E“k,iso(l + Z)
dec,wind — (9.2)

16wAm,c3Ty

where A = Mw/(471'vwmp) = 3.02 X 10°A, cm™!, with A, = M_s/vg correspond-
ing to the typical mass loss rate M_s = M/(1073M) yr~! and wind velocity vg =
U,/(108 cm s71) [129, 407] 3. Here ¢ = 3 X 101° cm s™! is the speed of light and
my, = 0.938 GeV ¢~2 is the proton mass.
After the deceleration begins, the Lorentz factor of the shell decreases with time
as [94, 431, 133, 197]:
3/8

Tiec1sm
Ism = Fo( - ) ; (9.3)

4t
1/4

T .
Lna = To( 5] 0.4

The radius of the blastwave evolves with time according to [407]:

_ (Tt
T (Q+2)°

where the correction factor { depends on the hydrodynamical evolution of the shock;
we assume ¢ = 8 [431, 407, 150].

In this work we are mainly interested in estimating the neutrino signal, whose ac-
curacy is mainly dominated by other local uncertainties (e.g. the proton acceleration
efficiency and the fraction of the blastwave internal energy that goes into accelerated
protons, that we introduce in Sec. 9.4.1). Hereafter, we adopt the uniform shell approx-
imation of the BM solution, as presented in this section. This assumption suits our
purposes, since the particle density of a BM shell quickly drops outside the region of
width o« R/T? behind the forward shock and thus the corresponding neutrino emission

is negligible.

(9.5)

*Care should be taken when comparing our definition of the density profile for a wind CBM (which
follows the convetion adopted in e.g. Ref. [281]) with the one often adopted in the literature, i.e. p =
AR™2, where A = 5x107!! g em™' A, and A, = M_s/vg. The difference between the two definitions
is the normalization in units of proton mass.
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Figure 9.1: Sketch of the collision and merger of two relativistic shells (not in scale). Left
panel: The slow shell (marked in red) is launched by the central engine and decelerated by the
interaction with the external medium. A shock develops at the contact surface, leading to the
classic afterglow emission. The fast shell (marked in blue) is launched by the central engine with
a temporal delay Ay and propagates freely. Middle panel: The fast shell reaches the slow BM
blastwave. Two shocks develop at the collision (marked in green); the internal energy released
in this process is emitted through radiation of secondary particles. Right panel: The merged
shell (plotted in purple) propagates through the external medium, emitting afterglow radiation.

9.2.2 Merger of two relativistic shells

The late merger of two relativistic shells has been investigated through hydrodynamical
simulations [483] and applied to fit the light curve of GRB 100621A [215]. However, a
simplified analytical modeling aiming to estimate the corresponding neutrino signal is
presented in this paper for the first time. We assume that the first shell is launched
by the central engine. At the onset of its deceleration, it is heated up, as its kinetic
energy Ej i, is converted in internal energy W. From now on, we refer to this shell as
the “slow shell” Its dynamics is described by the simplified BM solution in the uniform
blastwave approximation introduced in Sec. 9.2.1, its Lorentz factor I' and radius R
evolve by following Eq. 9.3 and Eq. 9.5, respectively.

Assuming that the central engine undergoes late activity, a second shell with energy
E r is emitted with a time delay A with respect to the slow one, see the left panel of Fig.
9.1. We refer to this second shell as the “fast shell.” This shell propagates in an almost
empty environment since most of the matter has been swept up by the slow shell [483].
Thus, the fast shell moves with a constant Lorentz factor Iy, eventually reaches the
slow shell, and merges with it, as sketched in the middle and right panels of Fig. 9.1.
Details on the analytical model describing the shell merger and the related conserved
quantities are reported in Appendix B.1.

In order for the collision to happen at a given time T, the slow and fast shells
must be at the same position at t = T,;: R(Teon) = Ry(Ton). As extensively discussed
in Appendix B.2, this condition gives rise to a degeneracy between Iy and A (see also
Appendix C of [282] for a similar discussion). Indeed, a shell launched with a large delay
and large speed could reach the slow shell at the same time of a slower shell launched
with a smaller time delay. Understanding this degeneracy among the characteristic
shell parameters is important, since Iy directly affects the dynamics of the collision
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between the two shells.

As the slow and fast shells collide, two shocks develop: a reverse shock, propagating
back towards the fast shell, and a forward shock, propagating through the slow shell. A
detailed modeling of the collision between the fast and the slow shell is not necessary to
estimate the production of neutrinos. Therefore, we assume that both the forward and
reverse shocks created in the shell collision instantly cross the slow (forward shock) and
the fast (reverse shock) shell, which thus merge in a single shell at T, ;. In other words,
when the collision occurs, a hot “merged” shell instantaneously forms as described in
Appendix B.1; see the right panel of Fig. 9.1. Despite the simplifying assumption of
instantaneous merger between the two shells, our overarching goal of computing the
time-integrated neutrino event rate is not affected since the neutrino emission during
the merger interval is overall negligible, see discussion in Sec. 9.5.

In order to characterize the properties of the merged shell, we apply the energy-
momentum conservation equations, expanding on the model describing the collision
of two relativistic shells for the internal shock scenario employed to model the prompt
phase [271, 144]. The main difference with respect to the internal shock scenario [271,
144] is that our slow shell is hot and is sweeping up material from the external medium.
Thus, we need to include the internal energy of the slow shell and the swept up mass
in our calculation. As discussed in Appendix B.1, the following equations are obtained
within the assumption of instantaneous merger. Therefore, we evaluate the quantities
describing the slow and the fast shells at time ¢ = T_.j;. The initial Lorentz factor of the

merged shell is
WIfFf + mefff
Lo =~ , 9.6
m \/mf/rf + meff/F ( )

where my = Ef/(chz) is the mass of the fast shell and m. s = m + yW'/(c?) is the
effective mass of the slow shell. Here 7 = 4/3 is the adiabatic index in the relativistic
limit (which holds since the slow shell is hot) and m is the mass of the slow shell, i.e. the
sum between the initial mass of the ejecta m, = E,,,/(I,c?) and the swept up mass from
the CBM up to the radius R,

R
m=my + 47'[/ dR'R”*n(R")m,, . (9.7)
0

Furthermore, at the collision, the internal energy Wn? is generated:

W = TaW, = = [(myTy + mD)c — (m + mp)Lnc |+ TW' . (9.8)

1
Y

In the last stage of evolution, the merged shell moves in the CBM and interacts
with it, giving rise to the standard afterglow radiation. Note that another degeneracy
occurs. In fact, the same value of I{) can be obtained for different pairs of (Ek iso» o) OF
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(Ek iso»Ax)- Thus, different initial conditions can lead to the same initial setup of the
merged shell, nevertheless as discussed in Appendix B.2 and in Sec. 9.3, this degeneracy
is not reflected in the observed photon flux.

The dynamics of the slow shell depends on the comoving dynamical time [407],

, R
tdyn - m s (99)

and the related comoving width is [94]

I~ ct), = (9.10)

R
8T’
where the radius R is defined in Eq. 9.5.

The fast shell propagates with constant Lorentz factor Iy > 1, thus its radius

evolves as [281]:
2TF(t — Ap)e

R, = A1
1T T G1
The comoving dynamical time of the fast shell is given by
R
PN
Layn,f = 2yc’ (9.12)
and its comoving width is
' og! Ry
lf ad Ctdyn’f == E . (913)
The initial width of the merged shell is approximated as
m FO(i + K) ; (9.14)
m — -m H .
I T
while the dynamical time characterizing the merged shell at the collision is
10 l;’J(’)l
Lignm = (9.15)

where we have considered the Lorentz transformation for the length between the co-
moving and laboratory frames.

After a transient phase during which the merged shell relaxes, it is decelerated by
the CBM and enters the BM regime. Since we neglect the time needed by the merged
shell to relax soon after the merger, a sharp jump results in the light curve; this treat-
ment is not adequate for realistic fits of the electromagnetic signal, see Sec. 9.3.2 for a
discussion, but such task is beyond the scope of this paper. The semi-analytical treat-
ment of the hydrodynamics of the collision, also taking into account the reverse shock
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crossing the fast shell was obtained in Ref. [280]; considering such a treatment would
not substantially affect the neutrino signal, since current and future neutrino telescopes
may only be sensitive to the time-integrated spectral distribution in the most optimistic
scenarios (see Sec. 9.6).

Once the merged shell enters the BM regime, its Lorentz factor I}, evolves as de-
scribed by Egs. 9.3, by replacing I, — I}{, and using the appropriate deceleration time.
Indeed, even though the dynamics of the merged shell resembles the BM solution, there
are some important and non trivial precautions to take into account for the definition
of its deceleration radius and time , see Appendix B.1. This is due to the fact that the
merged shell is already hot and contains swept-up material. Once the deceleration
time of the merged shell is properly defined, its radius R, follows Eq. 9.5 by replacing
I' - I}, Finally, the width and dynamical time of the merged shell after its deceleration
are given by Egs. 9.9 and 9.10, with ' = I}, and R — R,,.

9.3 Photon energy distribution and light curve

In this section, we introduce the main ingredients for the modeling of the emission of
electromagnetic radiation during the classic afterglow and at the shell merger which
produces the optical jump. In the following, we consider a generic shell with Lorentz
factor I for the sake of simplicity, however our treatment holds for the afterglow gen-
erated both by the slow and the merged shell. The proper Lorentz factor has to be
taken into account for each case, i.e. Egs. 9.3 and 9.4 for the slow and the merged shell
during the afterglow with the appropriate initial Lorentz factor and deceleration time,
as discussed in Sec. 9.2.2. As for the collision, the relevant Lorentz factor is given by
Eq. 9.6.

9.3.1 Photon energy distribution during the afterglow

It is assumed that particles undergo Fermi acceleration [495, 480, 498] at the forward
shock. The synchrotron radiation coming from shock accelerated electrons is broadly
considered to be the origin of the observed afterglow light curve [431]. For the model-
ing of the synchrotron photon spectrum, we follow Refs. [431, 129, 376]. The internal
energy density of the blastwave is given by the shock jump conditions (Egs. B.3 and
B.4). Therefore, the internal energy density generated by the forward shock is [94]:

w' = 4mpc*I(T — n, (9.16)

where n = ny and n = AR~ for the ISM and wind scenarios, respectively. A fraction
€. of this energy goes into accelerated electrons, a fraction €g into magnetic field, while
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protons receive the fraction €, < 1 —¢, — €. Thus, the magnetic field generated by the
shock at the BM blastwave front is

B = \/327rmpc2nF(F —1)eg . (9.17)

Electrons are expected to be accelerated to a power-law distribution N,(},) ye_ke,

where k, is the electron spectral index. The resulting electron distribution has three
characteristic Lorentz factors: minimum (J, ), cooling (¥, .o01)» and maximum (¥ ax)
ones. The minimum Lorentz factor corresponds to the minimum injection energy of
electrons in the blastwave; the cooling Lorentz factor characterizes the energy of elec-
trons that have time to radiate a substantial fraction of their energy in one dynamical
time; the maximum Lorentz factor corresponds to the maximum energy that electrons
can achieve in the acceleration region [431, 520]. These characteristic Lorentz factors
are given by [431]:

) Mp (ke —2)
min = €e—
e, ¢ me (ke - 1)
6rmec (1 + z)

r-1, (9.18)

! = 1
ye,cool O,TB,Z T ) (9 9)
67re 1/2
! = " 9.20
o = (35) (9.20

where or = 6.65x 1072 cm™2 is the Thompson cross section, £ represents the number
of gyroradii needed for accelerating particles, m, = 5 X 10™* GeV ¢~ is the electron

mass and e = \/'o% is the electron charge, where a ~ 1/137 is the fine-structure con-
stant and % ~ 6.58 X 1072> GeV s is the reduced Planck constant. We take £ = 10 [192].
The three characteristic Lorentz factors result into three observed characteristics break
energies Ey in, Ey cool a0d E), 1y, in the synchrotron photon spectrum at Earth:

3
E, = hvy, = ——Qmec Ye (9.21)

where By = 4.41 X 10" G. The electrons are in the “fast cooling regime” when Yy min >
Yy cool> While the “slow cooling regime” occurs when v, i, <V cool-

For the picture to be complete, the synchrotron self-absorption (SSA) frequency
should be considered as well. However, properly accounting for the SSA requires de-
tailed information about the shell structure and the eventual thermal electron distribu-
tion [493]. Since this frequency is expected to be in the radio band [520], and since its
inclusion does not change the results presented herein, we neglect SSA in the rest of
this paper.
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We are interested in

the comoving photon density in the blastwave [in units of

GeV~! cm™3]. In the fast cooling regime, it is given by [431, 472]:

r _2
E; 3
Y ’ !
(E’ ) E)/ < Ey,cool
¥,cool
_3
' ’ ’ / 2
n(E))=A,{(_Er ' / '
7(Ep) 4 (E’ ) Ey ool < By < By min
¥,cool
_3 _ (ke+2) E}’,
E, . 2( E 2 Y
¥,min Y E. max !
’ 7 e " Ey,min < E)// < E)l/,max
\ Ey,cogl E]/,min
(9.22)
while, in the slow cooling regime, it is
( _2
E/ 3
)4 ’ !
(E’ ] ) E)/ < Ey,min
P )
n(E) = A, {(_Er ? ! < E <E (9.23)
Y=Y 14 AN y,min = £y = Ly cool ’
¥,min
_ (ke+1) _Gkerd) gy
E’ 2 E! 2 -7
¥,cool Y E ! / i
L= e “rmx [ <E,<E
L( E)//,min ) (E)I/,COOI) rcoal romax
Here E), = hvy is the comoving photon energy. The normalization constant is
1 L) max
A =1 =7 , (9.24)
Y 247R2c min(Ey, i Ey, co0l)

where Ly 1.x = NeBhax (Ve min)®e/(Ey min) is the comoving specific luminosity [in units
of s71], and 1/2 is the geometrical correction coming from the assumption of isotropic
synchrotron emission in the comoving frame [151]. The number of electrons in the
blastwave is N, = 4/37nyR> in the ISM scenario and N, = 47AR in the wind scenario,
while By, (¥ min) is the maximum synchrotron power emitted by electrons with Lorentz
factor ¥, i, and defined as B, (Vo.min) = corB’ 2y, 2,/(67). Finally, ¢, ~ 0.6 is a
constant depending on the spectral index k, [506]; we adopt k, = 2.5, as suggested from
simulations of relativistic collisionsless shocks [268, 445]. This value is also consistent
with that obtained from the study of X-ray afterglows, see e.g. [141]. Note that for the
classic afterglow, we consider the transition from fast to slow cooling through the time
evolution of the blastwave. Indeed, at late times the blastwave is in the slow cooling

regime, in agreement with observations (see e.g. [216, 367]).
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9.3.2 Photon energy distribution during the shell merger

When the two shells collide, the internal energy W;? is released, see Eq. 9.8%. Assuming
that eg,m is the fraction of the internal comoving energy density released during the
collision and going in magnetic energy density, the comoving magnetic field is

B =/ 87} Wi » (9.25)

where the comoving internal energy density is defined as
10 — Wn? — Wn?
"LV TRATR(T)2l

(9.26)

where 1) is given by Eq. 9.14 and V;? = 47R(T,;)?1} is the volume of the merged shell
right after its creation.

We assume that, at the collision, electrons are accelerated with the same index as
the one of the particles accelerated at the shock between the slow blastwave and the
CBM (k, = 2.5). The fraction € ,, of internal energy density released at the collision
goes into accelerated electrons, which cool through synchrotron radiation. The charac-

.. . . m,0 m,0 m,0
teristic energies of the resulting photon spectrum are Ey, 1, E, [ and Ey,imax and are
defined as in Eq. 9.21 by replacing I' — I}0), and where the magnetic field is given by
Eq. 9.25.

The shell collision and the afterglow are two distinct processes. The former involves
a hot and a cold shell, the latter is related to the interaction between the slow, hot shell
and the cold CBM. Therefore, the microphysical parameters €2 ,, and G%’m do not need
to be the same as €, and eg. Moreover, while observations suggest a slow cooling regime
for the classic afterglow at late times, electrons accelerated at the collision might be
either in the fast or in the slow cooling regime, depending on the relevant parameters.

If for fixed initial conditions of the colliding shells and collision time the condition

yg,";;ﬂ > ye'ﬁ’g is verified, then the spectral energy distribution at the collision is

2

E,} 3 ’
4 ' m,0
( 'm,0 ) E)/ < Ey,cool
¥,cool
1m,0 /1 'm,0 g\ 2
n E)=A ; 4 1m,0 , 'm,0
14 ( )/) 14 ( /m,0> E)/,cool < E)/ < Ey,min
¥,cool
o\ — > _ (ke+2) Ey
E/™M 2 E! 2 ~—Tm,0
v 4 E 'm,0 ' 'm,0
( /n:l,lg) (E/m,O) € ¥ymax Ey,min < Ey S Ey,max
\ ¥cool ¥,min
(9.27)

“For the sake of clarity, we denote the physical quantities characteristic of shell collision with the
apex “0”, to distinguish them from the parameters describing the deceleration phase of the merged shell
(marked with the subscript “m”).
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where 0 0
/
€e,mWm

'm,0 :
Vo dEyny™(Ey)Ey

min

A0 = (9.28)

If instead ye’ﬁ;ﬁ < yé?o’(?l, then the photon density is properly described by a slow cooling
spectrum

Elm,O 3 'm.o
Y i ’
(E/m,o EV < EV,min
¥,min
_ (ke+1)
™0 (E) = AP0 E™0 2 m,0 y m,0
4 14 4 1m0 Ey,min < EJ/ < Ey,cool
f’ Y ket gl
E m, 2 E/ 2 ~—_m,0
¥,cool Y Ey max 'm,0 ! 'm,0
( /m,0> ( Th,0 ) e " Ey,cool < Ey < Ey,max
\ ¥,min ¥,cool
(9.29)
where
eV w0 im,0\ (“ket2)
m,0 __ e,m*m ye,cool
AV - y/m,o .0 'm,0 : (9'30)
t ’ , "N g
1 B Epm,

In the last expression we have taken into account the fact that only a fraction of elec-
trons radiates.

9.3.3 Light curve

We now have all the ingredients for investigating the expected light curve if the merger
of two relativistic shells occurs. We can distinguish between three time windows in
the photon light curve: an “afterglow phase” (Ty.. < t < T.,), the “merging phase”
responsible for the jump origin (t = T,,;), and a “late afterglow phase” (t > Ty ,, with
Tec,m given by Eq. B.28).

In our simplified model, the photon lightcurve is a stepwise function obtained as
follows. For Ty.. < t < Ty, the flux results from the interaction between the slow
shell and the external medium. Therefore, it is described by the synchrotron spectrum
introduced in Sec. 9.3.1. Att = T, the flux undergoes a sharp increase: this is obtained
as the sum between the afterglow radiation generated by the slow shell at t = T,
and the synchrotron radiation instantaneously emitted at the collision, see Sec. 9.3.2
for its description. Finally, for ¢ > Ty, the radiation comes from the deceleration
of the merged shell. Thus, the light curve follows again the predicted broken power-
law for the classic afterglow. The relations derived in Sec. 9.3.1 hold by applying the
temporal evolution of the Lorentz factor and the radius of the merged shell as prescribed
in Appendix B.1.



ENERGY DISTRIBUTIONS OF PROTONS AND NEUTRINOS 171

Let F)(E,) and F/"(E,) be the photon fluxes at Earth obtained from the photon
distributions of the slow and merged shell, respectively, i.e. Eqs. 9.22-9.23, taken with
the proper Lorentz factor and radius; E,m’O(Ey) is instead the photon flux from electrons
accelerated at the collision, corresponding to the photon distributions Eqs. 9.27-9.29.
Therefore, the resulting flux at Earth F,(E, ) reads as

F]‘}S(Ey) Tdec <t< Tcoll
E(E)) = {E(E,.t = T.y) + E™°(E,) t =T (9.31)
E’m(EV) t2 Tdec,m

This prescription does not aim to fit the afterglow light curves in the presence of a jump.
Rather, it is a qualitative parametrization useful for contrasting the neutrino signal in
the presence of a jump with the classic afterglow case.

We conclude by observing that we cannot model the transition phase T,,; < t <
Tec,m analytically. Indeed, we should take into account the time needed by the merged
shell to relax before starting its deceleration; on the contrary, we are assuming an in-
stantaneous merger. This approximation may lead to overestimate or underestimate
the photon flux in the aforementioned time window. Even though this is may be prob-
lematic for the electromagnetic signal, it does not affect the neutrino forecast substan-
tially, as discussed in Sec. 9.5.

9.4 Energy distributions of protons and neutri-
nos

In this section, the energy distribution of protons is introduced together with the most
relevant cooling timescales. The steps followed to compute the neutrino flux expected
at Earth are also outlined.

9.4.1 Proton energy distribution

We assume that protons are Fermi accelerated at the shock front, although the process
responsible for particle acceleration is still subject to debate, see e.g. Refs. [445, 228, 357,
390, 266]. Accelerated protons have a non-thermal power-law plus exponential cutoff
distribution defined in the frame comoving with the blastwave as

’

,
l_k 14
n(E}) = AL Ey pexp[—( P ) ]@(E;,—E;,,mm), (9.32)

p,max

where © is the Heaviside function, a, = 2 [241] and k,, is the proton spectral index.
The proton spectral index resulting from non-relativistic shock diffusive acceleration
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theory is expected to be k, ~ 2 [313], while it is estimated to be k, ~ 2.2 from
Monte Carlo simulations of ultra-relativistic shocks [445], assuming isotropic diffusion
in the downstream. In this work, we assume kp = 2. The normalization constant is

!

A, = epw’[f;f::x dE,E,n,(Ep)]~", where €, + €, + €5 < 1 and w’ is the comoving
energy density of the blastwave. For the slow and merged shells, w' is given by Eq. 9.16,
by considering the Lorentz factor and radius of the respective shell, while the energy
density during the merger is given by Eq. 9.26. The minimum energy of accelerated
protons is Ep ., = l"mpc2 [151, 338, 407]. Finally, Ep, . is the maximum energy up
to which protons can be accelerated in the blastwave and is obtained by the constraint
of the Larmor radius being smaller than the size of the acceleration region or imposing
that the acceleration timescale,

f-1 ceB’

pace = Fpr (9.33)

is smaller than the total cooling timescale for protons. Similarly to the electrons, we
assume that £ = 10 for protons [192].

The total cooling timescale for protons, at a fixed time of the evolution of the blast-
wave, 1S

1 -1 1
tp cool = t 14 Ipsync T t 1y bpp + tp BH T tp IC , (9.34)

where tad , tp_s}l,nc, tm_,l, tpz,l, tp BH, tllﬁ(l; are the adiabatic, synchrotron, photo-hadronic
(py), hadronic (pp), Bethe-Heitler (BH, py — pe*e™) and inverse Compton (IC) cooling
timescales, respectively; these are defined as follows [153, 192, 410]:

_ 8cI’
(7l = = (9.35)
- 4ormzE,B'
hane = g o> (9.36)
3mpc387r
E
= [ g ED) " " dE.E.0, (K. (E) 9.37
o T 52 ) Ey EZ J; rErOpy\Er)8py\Er) 5 (9:37)
th th
-1 __ ’
top = CMpoppKpp (9.38)
1 7meocoTc 'Z:zdx ') 2 252
2mtm vy
p¥p “¥p
E/ ’
- 3(mec*)*orc f v dby
thie = — F(Ey, pp)ny(Ey) , (9.40)
P 167" (1 — DPp E} min B/ P

where y, = Ej/ mpcz, ¢ =E/ m,c?, E;, = 0.150 GeV is the threshold for photo-pion
production, and 8, ~ 1 for relativistic particles. The function F(E),},) is given in
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Ref. [252], with the replacement m, — m,. The cross sections for py and pp inter-
actions, 0p,, and 0y, are defined following Ref. [527]. The function K, (E,) is the py
inelasticity, given by Eq. 9.9 in [153]:

K,y(E,) = 0.2 Ey, < E, <1 GeV0.6 E, > 1GeV (9.41)

where E, = y,E,(1 — B, cos 6) is the relative energy between a proton with Lorentz
factor y, and a photon with energy E,, moving such that they form an angle 6’ in the
comoving frame of the blastwave. The comoving proton density in the blastwave, n,,
is obtained from the jump conditions (see Appendix B.1) and is such that n, = 4nI.
The inelasticity of pp interactions is K, ~ 0.8 [396] and n,(E,) is the photon target
for accelerated protons.

9.4.2 Neutrino energy distribution and flux expected at Earth

The blastwave is rich of photons radiated by shock accelerated electrons, which are
ideal targets for protons co-accelerated at the shock. This results in efficient neutrino
production through py interactions, mostly dominated by the A* resonance:

n+nt 1/3 of all cases

9.42
p+m° 2/3 of all cases . (-42)

p+y — AT — {
Neutral pions decay in two photons: 7° — 2y; while charged pions can produce
neutrinos through the decay chain 7t — u* + v,, followed by the muon decay
ut — Yy + v+ et. Note that, since the number of photons in the blastwave is
much larger than the number of protons swept up from the CBM by the blastwave,
we can safely neglect the contribution to the neutrino emission due to pp interactions.
Indeed, the cooling timescales satisfy tl;pl < tl;)/l for typical GRB afterglow parameters,
as shown in Appendix B.3.

In order to compute the neutrino spectral energy distribution resulting from py in-
teractions, we rely on the semi-analytic photo-hadronic model described in Ref. [241].
This model is based on SOPHIA [336], which takes into account the A* channel in
Eq. 9.42, as well as the N resonances, the multi-pion and direct-pion production chan-
nels.

The procedure adopted to compute the neutrino energy distribution is the same for
all three time windows of our GRB afterglow model, after taking into account the cor-
responding distributions of photons and protons. Given the comoving photon energy
distribution, ny,(Ey ), and the comoving proton energy distribution n,(E,) [both in units
of GeV~! cm™3], the rate of production of secondary particles I = 7%, 7% K% in the
comoving frame [in units of GeV~! cm™2 s~!] is given by [241]:

(&) ! oo

dE
ey =c [ Fwwp [ ammERe). (0.43
4 Eunl2}

Ep
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where x = E|/E}, is the fraction of proton energy that goes into the secondary particles,
Y = %pEj and R(x, y) is the response function, which contains information on the inter-
action, i.e. cross section and multiplicity.

Before decaying, charged mesons undergo energy losses. Their energy distribution
at decay is approximated by:

"dec/ ot ’ ' tl/,coolml
Q,*“(E]) = Q(E))|1 — exp| — 7o )| (9:44)
1

where tl’ cool 18 the cooling time scale of the [ meson, m; its mass and Tl’ its lifetime. Fi-

nally, mesons decay and the resulting neutrino comoving spectrum [in units of GeV cm ™3 s7!]
is
* dE] o E,
Q@)= [ Fraai.(E). (0.4
E, 1l l

where a = e, ¢t is the neutrino flavor at production and F_,, is a function defined
as in Ref. [296]. Kaons suffer less from radiative cooling compared to charged pions,
due to their larger mass and shorter lifetime. Thus, their contribution to the resulting
neutrino spectrum is always sub-leading at lower energies, but may become dominant
at higher energies [235, 62, 388, 467].

For a source at redshift z, the flux of neutrinos of flavor a expected at Earth [in units
of GeV~! em™2 s71] is:

(1+2)? z)2

Oy (By,2) = 5 S )
L\z

”(1r+ Z)] , (9.46)

Shell Z R}B—Vl}a (E‘U)Q'Ilﬁ [

where VJ ., = 47R?l’ is the volume of the emitting shell [69] and [’ its width. The
neutrino oscillation probability B, ﬁ_,ya(E,,a) is such that B, 5=V = g, and is given
by [57]:

1 . -
Pve—wu = R)'u—we = Pve—n}f = Z s 2912 ’ (9'47)
1 .2
B}IJ_’VIJ = R/M—WT = §(4 — sm e12) ’ (9-48)
1
By, = 1-3 sin® 26;, , (9.49)

with 6;, ~ 33.5° [167]. The luminosity distance in a standard flat ACDM cosmology is

z dz'
d = — )
(2 =0+ Z)HO  oroaror (9.50)

where we adopt Hy = 67.4 km s~} Mpc™!, Q); = 0.315, and Q, = 0.685 [110].
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9.5 Afterglow signals

In this section, we present our findings on the particle distributions expected at Earth
from the GRB afterglow. We explore the photon light curve as well as the temporal
evolution of the neutrino spectral energy distribution in three time windows: the after-
glow generated by the first shell launched by the central engine, the time at which the
fast shell collides and merges with the slow one, and the afterglow generated by the
merged shell.

9.5.1 Particle emission in the absence of a late shell colli-
sion

We consider a benchmark GRB with characteristic parameters as in Table 9.1 and loc-
ated at z = 1. The chosen value for the isotropic kinetic energy is motivated by post-

Swift observations reporting an average isotropic energy emitted in photons E ;;, =
O(10°?) erg [117] and assuming a conversion efficiency of ~ 10%E;,, into gamma-rays,
therefore leading to the isotropic kinetic energy Ej i, ~ 10°* erg. Moreover, we rely
on the standard microphysical parameters reported in Ref. [431]. Since there is no evid-
ence for the values of typical microphysical parameters characteristic of the collision,
we fix 62,,” = ¢, and E%,m = €p. Finally, as for the CBM densities, we follow Refs. [431,
129].

Concerning the fast shell, we fix Iy by taking Ay < Ty, so that Iy =~ 2I'(T,,y)
(see Appendix B.2). Since there are no theoretical constraints on the energy E, we fix
the latter by following Ref. [483]. We choose E = 2E;,, relying on the results of “case
4” of Ref. [483], for which the strongest rebrightening is obtained. Moreover, we fix
T..u = 5% 103 s both for the ISM and the wind scenarios. At this time the light curve is
decreasing in both scenarios, and it has been chosen consistently with the observation
of jumps between a few hundred seconds and ~ 1 day after the onset of the burst [358,
215, 290, 294].

In the classic afterglow scenario, the time evolution of the photon light curve at
Earth, computed as described in Sec. 9.3.1, for our benchmark GRB is shown in Fig. 9.2

Table 9.1: Characteristic parameters assumed for our benchmark GRB afterglow in the ISM
and wind CBM scenarios.

E~‘k,iso (erg) 1-‘0 no (Cm_3) or A* €e €B €eO,m eg,m Tcoll (S) Ef (erg) ke kp

ISM 10°3 300 1.0 01 01 01 01 5x10® 2x10%3 25 2
Wind 103 100 0.1 01 01 01 01 5x10® 2x10%3 25 2
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Figure 9.2: Light curves expected at Earth for our benchmark GRB at z = 1 for the classic
afterglow scenario (cyan dashed line) and in the presence of an optical jump (brown solid line)
for an observed photon frequency v, = 6 X 10'* Hz. The brown star marks the flux generated
at T.,y. At the merger and after it, the observed flux is larger than the one expected from
the classic afterglow. The gray shadowed region (Toy < ¢ < Tge ) is excluded from the
computation of the neutrino signal since we cannot treat this transition phase analytically (see
the main text for details). We assume a photon spectral index k, = 2.5. In order to guide the
eye, the vertical grey dashed lines mark the times at which we show snapshots of the spectral
energy distribution of photons and neutrinos (see Figs. 9.3 and 9.4). These light curves should
be considered for illustrative purposes only, since we assume the instantaneous shell collision
for simplicity.

(cyan dashed line). The light curve is computed for an observed photon frequency
v, = 6 X 10'* Hz, i.e. in the optical band. For both the ISM and wind scenarios, the
breaks in the light curve are determined by the times at which the break frequencies
Vy,min @0d Y, .o01 cross the observed one v, and vy iy = Y co0l-

The photon and neutrino fluxes expected at Earth (see Sec. 9.4.2) are shown in
Fig. 9.3 for t = Ty.., 3Ty, and 10T}, (marked with vertical lines in Fig. 9.2) for the
ISM and wind scenarios. We refer the interested reader to Appendix B.3 for a discus-
sion on the characteristic cooling times of protons and mesons affecting the neutrino
distributions. For both CBM cases, the flux at Earth decreases with time, as expec-
ted [431]. Moreover, the peak of the photon energy distribution and its energy breaks
shift to lower energies as time increases. This is due to the fact that the minimum and
cooling energies scale with time as E,, ;, & =312 Ey cool & t~12, respectively [431].

In the right panels of Fig. 9.3, we show our results concerning the neutrino flux.
In the wind scenario, the neutrino flux peaks at EEe‘”‘k ~ 8.1 X 107 GeV for t = Ty,
and then decreases up to EE‘“‘ak ~ 6.3 X 107 GeV for t = 10T},.. For the ISM scenario,
the neutrino flux peaks at Eseak ~ 7.7 X 107 GeV and at EEeak ~ 7.3 X 107 GeV for

t = 10Tj,... The effect of kaon cooling is not visible, since as shown in Appendix B.3
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Figure 9.3: Left: Synchrotron photon flux expected at Earth for the classic afterglow scenario
for t = Tyec, 3Tyec, and 10Ty (see the gray vertical lines in Fig. 9.2) for our benchmark GRB in
Table 9.1 at z = 1. Right: Corresponding neutrino flux expected at Earth. Both fluxes for the
wind scenario decrease faster than for the ISM scenario.
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(see Fig. B.5) kaons cool at energies larger than the maximum energy of protons in the
blastwave. Note that both the photon and the neutrino fluxes are larger in the wind
scenario than in the ISM one, but they decreas faster in the wind case [407]. This is due
to the fact that higher densities of the external medium can be initially reached within
the wind profile. At such densities, the blastwave decelerates faster, leading to a rapidly
decreasing flux [407]. The higher densities in the wind scenario also allow for higher
magnetic fields, which cause the shift of the cooling frequency in the photon spectrum
at energies lower than the ISM case. Of course, this is a direct consequence of the value
adopted for eg.

The standard afterglow scenario has been already investigated in the literature for
what concerns neutrino emission. Nevertheless, there are some relevant differences
with respect to the results presented in this section. Our classic afterglow model re-
sembles the one investigated in Refs. [407, 472]. However, by using the benchmark
input parameters of Refs. [407, 472], we find a neutrino flux that is almost 5 orders of
magnitude larger, but with an identical shape. This discrepancy might be caused by
several reasons. First, there is a missing factor (E]',,min/E)’,,Cool)_l/ 2 in the photon distri-
bution in Eq. 11 of Ref. [407]; second, in the definition of the proton flux of Ref. [407]
there is a factor 1/[47(1 + 2)?] in excess, which contributes to further lower the cor-
responding neutrino flux. On the other hand, our results on the photon and neutrino
fluxes are in agreement with the ones in Refs. [431, 151], respectively.

The afterglow flux produced by the reverse shock has been investigated in Ref. [338],
while we focus on the contribution from the forward shock. The neutrino flux obtained
in Ref. [338] strictly depends on the assumptions on the thickness of the shell. For
example, in the case of a thin shell with E;,, = 4 X 10°? erg and propagating in an ISM
with ny = 0.5 cm™3, the estimated flux peaks at Egeak ~ 10'° GeV, where it should
reach about 1071° GeV cm™2 s! for a GRB at z = 1. This result is comparable with
our maximum flux ~ 2 X 10™° GeV cm™2 s™1, considering that the isotropic energy
adopted in Ref. [338] is one order of magnitude smaller than the one we adopt in this
work. Nevertheless, the neutrino flux peaks at energies higher than ours in Ref. [338].
Indeed, our fluxes peak at E,, =~ 108 GeV, in contrast with the peak at ~ 1010 Gev
in [338], probably because of the different initial [}, and because protons are expected
to be accelerated at higher energies at the reverse shock. The most optimistic case
considered in Ref. [338] is a thick shell propagating in a wind environment. In the
latter scenario, the afterglow flux reaches an amplitude about ~ 2 orders of magnitude
larger than ours at the peak energy E, ~ 10° GeV, which is shifted by ~ 1 order of
magnitude with respect to ours. Also for the wind scenario, the differences are mainly
due to the energy of the ejecta, assumed to be ~ 4 times larger than ours, and the
density of the environment up to 10 times larger than our benchmark value. Moreover,
we rely on the thin shell assumption rather than the thick one, hence the results are
not directly comparable. Finally, note that the emission from the reverse shock lasts
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longer than the emission from the forward shock.

9.5.2 Particle emission in the presence of a late shell colli-
sion

In the presence of an optical jump, we model the afterglow light curve through the
late collision of two relativistic shells. Att = T, we compute the neutrino flux as
described in Sec. 9.4.2 and by using the photon distribution introduced in Sec. 9.3.2.
After the merger, the resulting merged shell starts to be decelerated by the external
medium, emitting radiation with the standard features expected during the afterglow,
as discussed in Sec. 9.5.1, but with the parameters characteristic of the merged shell.
Since energy has been injected in the slow shell during the merger, the merged shell
is more energetic than the slow one. Thus, we obtain a higher photon flux as shown
in Fig. 9.2 (brown continuous line). The star denotes the flux at t = T, given by
the sum of the afterglow radiation (see Sec. 9.5.1) generated by the slow shell and the
radiation from the shocks developing at the collision. For our choice of parameters,
electrons accelerated at the collision are in the slow cooling regime both in the ISM
and wind scenario (see Appendix B.1 and figures therein). Therefore, the appropriate
photon distribution is given by Eq. 9.29.

Since it is assumed that the merger occurs instantaneously at the collision time,
we are not taking into account the time needed by the merged shell to relax before
being decelerated to the BM solution. Because of this approximation, we neglect the
neutrinos produced for T, < t < Ty > since an analytic treatment in this transition
phase is not feasible, as already mentioned in Sec. 9.3.3. The time window excluded
from our calculations of the neutrino signal corresponds to the gray shadowed area
in Fig. 9.2. Note that, for most of the initial configurations of the slow shell, we find
Tyee,n = 2 Ty The exclusion of such a time window in our calculation negligibly
affects the overall time-integrated neutrino signal, which is the main goal of this work
(see Sec. 9.6).

Figure 9.4 shows the photon and muon neutrino fluxes at t = T, and after the
merger at ¢ = 10T, for the ISM and wind scenarios. These times are marked in
Fig. 9.2 by vertical lines. For comparison, we also show the photon and neutrino fluxes
that would be generated at t = 10T}y, if no merger occurred. In both CBM scenarios,
the neutrino flux increases in the presence of a jump, as expected, due to the denser
photon field leading to more efficient py interactions (see also the cumulative number
of muon neutrinos plotted as a function of time in Fig. 9.5).

The peak of the neutrino distribution at late times in Fig. 9.4 is shifted at higher
energies compared to the case without merger. This is explained because the energy
density content of the merged shell is larger than the one of the slow shell, thus the
corresponding magnetic field is larger as well. This results into a greater maximum
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Figure 9.4: Photon (on the left) and neutrino (on the right) fluxes expected at Earth as functions
of the particle energy from the afterglow when the merger of two relativistic shells occurs for
the ISM (top two panels) and wind (bottom two panels) scenarios for our benchmark GRB in
Table 9.1 at z = 1. For each CBM scenario, the fluxes are shown at t = T, and 10 Ty, m
(see vertical lines in Fig. 9.2). The brown lines display the total expected flux in the presence
of a merger, while the cyan lines represent the flux that would be observed in the absence of a
jump. The late shell merger enhances the photon and neutrino fluxes compared to the standard

afterglow scenario and shifts the peak of the energy distributions at larger energies.
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Figure 9.5: Cumulative number of muon neutrinos expected at Earth for the ISM (left panel)
and wind (right panel) scenarios as a function of time for our benchmark GRB (Table 9.1) at
z = 1. The brown solid line represents the number of muon neutrinos produced when the shell
merger occurs, while the cyan dashed line corresponds to the case of the classic afterglow. In
order to guide the eye, the gray vertical lines mark the times at which we show the neutrino
flux at Earth for the classic afterglow scenario (Fig. 9.3) and when a jump occurs (Fig. 9.4). In the
ISM environment, the jump significantly increases the cumulative number of neutrinos, while
the difference between the two scenarios is negligible in the wind case.

energy of protons in the merged blastwave since Ej, ,,, depends linearly on the mag-
netic field; indeed, the acceleration time (see Eq. (9.33)) limits the maximum energy of
protons. Finally, the quantities entering the Lorentz transformation of the flux at Earth
(e.g. the Lorentz factor) are larger for the merged shell than for the slow one.

From Fig. 9.5, we can see that the number of neutrinos at T, is given by the sum of
the neutrinos produced at the shock front between the slow shell and the CBM and the
neutrinos produced at the collision between the slow and fast shells. After the merger,
the only contribution comes from the afterglow of the merged shell. By comparing
the left and right panels of Fig. 9.5, we note that a larger efficiency in the neutrino
production is achieved in the ISM scenario in the presence of shell merger. In particular,
for the ISM scenario the number of neutrinos increases by a factor of 6. This result is
justified in light of the fact that the neutrino flux rapidly decreases for a wind-like CBM.
Thus, the early time emission dominates the time-integrated neutrino flux. Motivated
by these results, in the next section we discuss the detection prospects for neutrinos
produced during the GRB afterglow when a jump occurs in the light curve.

9.6 Neutrino detection perspectives

In this section, we explore whether the increase in the number of neutrinos expected
in the presence of an optical jump could reflect improved detection perspectives at
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ongoing and future generation neutrino telescopes. We explore the detection prospects
for the all-sky quasi-diffuse flux as well as point source searches. Finally, we forecast
the expected neutrino fluence from GRB 100621A and for a second hypothetical GRB
with parameters inspired by the bright GRB 130427A.

9.6.1 All-sky quasi-diffuse flux

The average isotropic kinetic energy from the catalogue of the Gehrels Swift Observat-
ory is Ej i, = 105 erg [293] and the redshift distribution peaks at z ~ 2 [248]. Hence,
we compute the all-sky quasi-diffuse flux by placing our benchmark GRB at z = 2
and assuming that its flux is representative of the GRB population. For a GRB rate of
N ~ 700 yr~! [27, 7, 372] and an isotropic distribution of all the sources in the sky, the
all-sky quasi-diffuse flux is:

N

B (B) = f dt @, (E,.z=2), (9.51)

being ®,, defined as in Eq. 9.46. In the case of the afterglow generated by the slow
and the merged shells, we perform the time integration for t € [Tyec, Tseqov], Where
Tseqoy marks the Sedov time when the blastwave becomes non-relativistic and enters
the Newtonian regime. At T the integration over time is replaced by the product
with t9 . = ti, m(1 + 2)/T3, where tg), , is given by Eq. (9.15), since the collision is
considered to be an instantaneous process.

The top panels of Fig. 9.6 show the all-sky quasi-diffuse neutrino flux in the absence
of shell merger, i.e. if the light curve resembles the standard afterglow scenario, for the
ISM and wind scenarios. For the ISM scenario, the band corresponds to 1 < ny S
10 cm™3; while for the wind scenario, the band includes 0.01 < A, < 0.1.

So far, the IceCube Neutrino Observatory has detected neutrinos with energies up
to afew PeV [46, 45, 23, 17]. Even though several sources have been proposed to explain
the origin of high-energy neutrinos [321, 494, 337, 57, 482], only a handful of possible
associations have been presented between neutrinos and active galactic nuclei, tidal dis-
truption events (TDEs), and superluminous supernovae [11, 205, 180, 193, 277, 254, 455,
416, 397]. In particular, limits on the quasi-diffuse neutrino flux from GRBs have been
placed by the IceCube Collaboration by taking into account the prompt emission [7],
while a similar analysis on the afterglow phase is missing. A statistical analysis aiming
to look for temporal and spatial coincidences between GRB afterglows and neutrinos
detected by the IceCube Neutrino Observatory has been carried out in Ref. [27]. In
agreement with the findings of Ref. [27], our quasi-diffuse flux does not overshoot exist-
ing upper limits on the prompt emission reported by IceCube [7] and by the ANTARES
collaboration [49], as well as the ones expected for KM3NeT [40]. Despite differences
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Figure 9.6: All-sky quasi-diffuse muon neutrino flux from GRB afterglows for the constant
density (left panels) and wind (right panels) CBM scenarios, for the standard GRB afterglow
(top panels) and the case with optical jumps (bottom panels). For the ISM scenario, the band
is defined by 1 < ng S 10 em™3 (dotted and solid lines, respectively). For the wind scenario,
the band is defined by 0.01 < A, < 0.1. For the bottom panels, the quasi-diffuse neutrino
flux is computed for the optimistic scenario with Noptimistic = 30%N (brown shadowed region)
and Njegsimistic = 10%N (orange shadowed region). In the presence of optical jumps, the all-
sky quasi-diffuse flux slightly increases for the ISM scenario, while negligible changes occur
for the wind case. For the wind environment, there is no difference between the optimistic and
pessimistic cases since the classic afterglow always dominates the neutrino fluence. In the cases
with and without shell merger, the all-sky quasi-diffuse neutrino flux is in agreement with the
results on GRB afterglow neutrino searches reported in Ref. [27] and it does not overshoot the
IceCube limits on the GRB prompt emission [7], as well as the limits placed by the ANTARES
collaboration [49] and the expected ones for KM3NeT [40].
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in the theoretical modeling of the expected signal, our conclusions are also consistent
with the detection prospects for the GRB afterglow neutrinos outlined in Ref. [411].

Assuming that jumps occur in the afterglow light curve, the corresponding all-sky
quasi-diffuse muon neutrino flux is shown in the bottom panels of Fig. 9.6 for the two
CBM scenarios. Since the fraction of GRB afterglows having optical jumps is largely
uncertain [290, 294], we consider an optimistic (pessimistic) case such that the rate of
GRBs per year with jumps is 30% (10%) of N (see Eq. 9.51). The “pessimistic” fraction
of GRBs with optical jumps is extrapolated by the analysis carried out in Ref. [294],
where they estimate that 10 out of 146 GRBs with well resolved optical light curves
displayed a jump. The “optimistic” fraction of GRBs with optical jumps is obtained
by considering that the actual fraction of GRBs with optical jumps is not known and
existing constraints may be plagued by observational biases, most notably the missing
complete coverage over the first few hours. Therefore, we assume an upper limit of
~ 30% of the GRB population displaying a jump in the light curve.

The all-sky quasi-diffuse neutrino flux for the ISM scenario is enhanced by a factor
~ 3 by assuming that 30% of the GRB afterglows shows jumps. On the contrary, for
the wind scenario, the variation is basically null since the neutrino fluence is dominated
by the early-time flux, i.e. the neutrino emission expected from the standard afterglow.
This is due to the fact that, as mentioned in Sec. 9.4.2, the flux quickly decreases for the
wind profile. Thus, at the time of the shell collision, the flux is already small and does
not contribute to the quasi-diffuse emission substantially. Even though the presence
of optical jumps slightly enhances the all-sky quasi-diffuse flux, the latter is still below
the limit for the prompt phase of IceCube and is consistent with the results of Ref. [27].

The neutrino diffuse emission associated with late optical jumps has been investig-
ated in [229] for optical flares occurring after 1 day from the onset of the prompt emis-
sion, thus at times larger than the ones considered in this work. Moreover, Ref. [229]
carries out an approximated theoretical modeling of the jump and uses fixed values for
the radius of the outflow and its Lorentz factor, while we embed the temporal evolu-
tion of the blastwave and consistently model the shell merger. In Ref. [229], a distance
of R ~ 10'3 cm with Lorentz factor I' ~ 10 at t = 1 day is assumed. Through our
approach and for the same luminosity, we obtain for the ejecta (that we assumed to be
the slow shell) R ~ 10!7 cm for I' ~ 4. In the light of these differences, we conclude
that our results are not directly comparable to the ones in Ref. [229]. Furthermore, the
estimation reported in Ref. [229] is based on Ref. [348], where the expected neutrino
signal from the X-ray flares is computed by assuming the late internal shock scenario of
Ref. [169]. This model assumes that shock heated electrons in the BM shell are cooled
through external inverse Compton scattering. On the other hand, in this work, we only
consider synchrotron emission. Despite the major differences in the modeling with re-
spect to this work, Ref. [229] also concludes that the optical jump leads to an increase
in the expected number of neutrinos.
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Figure 9.7: Muon neutrino fluence for our benchmark GRB afterglow with an optical jump at
d;, = 40 Mpc (brown shadowed region) for the ISM (left panel) and wind (right panel) scenarios.
The fluence bands correspond to 1 < ng < 10 em™3 and 0.1 S A, < 0.01 (dotted and solid
lines for the lower and upper bounds, respectively). The expected fluence is compared with the
estimated sensitivities of IceCube-Gen2 radio for a source at § = 0° [28], IceCube for a source
located at § = —23° [28, 9], RNO-G for a source at § = 77° [43], GRAND200k for a source at
|6] = 45° [54], and the full range time-averaged sensitivity of POEMMA [479]. For the ISM

scenario, IceCube-Gen2 radio shows promising detection prospects.

9.6.2 Point source searches

Figure 9.7 shows the fluence Sy, for our benchmark GRB (Table 9.1) with an optical
jump assuming a distance of 40 Mpc (brown-shadowed region) for the ISM (on the left)
and wind (on the right) scenarios. We also assume a band for 1 < ny < 10 cm™3 (ISM
density) and 0.1 S A, < 0.01 (wind). We compare the expected muon neutrino fluence
with the most optimistic sensitivity of IceCube-Gen2 radio expected for the declination
angle of the source in the sky (6 = 0°) [28], the sensitivity of IceCube for a source
located at § = —23° [28, 9], the sensitivity of RNO-G for a source at § = 77° [43],
the sensitivity of GRAND200k for || = 45° [54], and the full range time-averaged
sensitivity of POEMMA [479] ° .

Other radio neutrinos detectors have already been operating in the past years, such
as the Askaryan Radio Array (ARA) [52, 51], the Antarctic Ross Ice-Shelf ANtenna

>The declination angles for the detectors are not the same for all instruments since they have
been chosen to guarantee the most optimistic conditions for detection. In addition, GRAND200k and
POEMMA are designed to be sensitive to showers initiated by tau neutrinos. Nevertheless, the follow-
ing flavor composition (v : v, : ;) = (1 : 1 : 1) [174] is expected at detection. Thus, the fluence of
tau neutrinos expected at Earth is comparable to the one of muon neutrinos.
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Neutrino Array (ARIANNA) [76, 77] and the Antartic Impulsive Transient Antenna
(ANITA) [209, 208]. Nevertheless, in the energy region where the afterglow fluence
peaks these detectors have worse sensitivity compared to the ones displayed in Fig. 9.7
and thus we did not consider them in our analysis. Note also that, at these energies, the
neutrino background could also be populated by cosmogenic neutrinos [275, 330, 484],
neutrinos from TDE [219], newborn pulsars and millisecond magnetars [170, 173], in
addition to GRB afterglow neutrinos [407, 338].

For a source at d; = 40 Mpc, no detection of neutrinos is expected neither at
IceCube—consistently with current non-observations—nor at GRAND 200k and RNO-
G for both CBM scenarios. On the contrary, a successful detection could be possible
with the radio extension of IceCube-Gen2 for the ISM scenario. In principle, in this
case through the detection of neutrinos with IceCube-Gen2 radio, we could be able to
constrain the CBM through neutrinos as well as probe the mechanism powering the
optical jump. Indeed, the results presented in this paper are based on the assumption
of a late collision between two shells, but other mechanisms may lead to different signa-
tures in the neutrino signal. Furthermore, if no neutrino event is detected in temporal
and spatial coincidence with the GRB event, constraints could be set on the parameters
describing the jump in the afterglow light curve.

9.6.3 Detection prospects for GRB 100621A and a GRB 130427 A-
like burst

We now explore the neutrino detection prospects for GRB 100621A, whose optical
jump [215] has been detected in seven channels simultaneously with GROND [214].
We also investigate the detection prospects for a second GRB whose parameters are
inspired by the bright and nearby GRB 130427A [377, 382, 147]. An optical jump has
not been observed for GRB 130427A, however we assume that it has one (hereafter GRB
130427A-like). The model parameters inferred for these two GRB afterglows and related
uncertainties are summarized in Table 9.2. We fix T,,; = 5 X 103 s for GRB 100621A,
according to observations. As for GRB 130427A-like, we choose T.,; = 1 X 10* s for
the ISM and wind scenarios, in order to have the light curves decreasing at T, in both
scenarios.

For GRB 100621A, we fix € ,, and 6?3’," by matching the amplitude of the jump in
the light curve. For GRB 130427A-like, we fix € ,, = €, and we choose eg,m in order to
get the same rebrightening both for the ISM and wind scenarios. We note that there is
a substantial freedom in the choice of €? ,, and e%’m.

The wind scenario has been excluded for GRB 1000621A, thus we perform the cal-
culations only for the ISM case. For our GRB 130427A-like, instead, we explore the
detection perspectives both for the ISM [377] and wind [377, 382] scenarios.

The expected neutrino fluences are shown in Fig. 9.8. For both GRBs, the detection
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Table 9.2: Parameters characteristic of GRB 100621A [215] (second column) and GRB 130427A-
like (inspired by GRB 130427A [377, 382, 147], third and fourth columns). For GRB 100621A,
only the wind scenario is considered, while both CBM scenarios are investigated for GRB
130427 A-like, see main text for more details.

GRB 100621A (ISM) GRB 130427A-like (ISM) GRB 130427A-like (wind)

E iso (e18) 2.8 x 103 3.8 x 10°* 4.2 x 103
z 0.54 0.34 0.34
no(cm=>) or A, 1-100 (2-7)x 1073 (1-5)x 1073
I, 60-104 850 430
€ (2-6) x 1072 0.3 0.3
g 6x107%-6x107* 1074 3% 1072
€ m 0.1 0.3 0.3
€B.m 1074 - 1073 1074 0.1

GRB 130427A-like

108 GRB 100621A 108
—_ Iceéube,é: —‘23' ‘ ' . n0=‘2><10’3 cm™3
102 F—-- IceCube-Gen2 radio, 6=0° E 102 F— np=7x103cm"3 i E
—— GRAND 200Kk, |6| =45° —10-3
101 | Sranp 200k | , — 101 fro Ami0 N 1
100 L POEMMA
— 107 ! {1 -~ 107tk ! 1
& . ny=1om-3 F e
IE 1072k ng =100 cm~3 3 IE 1072 f E
> 1= 0 *
[0) 4 o 1074E 4
Q )
= i = 107°F 1
9p] ] wn 10-6 | ]
- 107 1
] 10-8 4
> ] 109 ]
10—10 o I I I s I 10—10 ! I I - !
104 10> 106 107 108 10° 100 104 10> 105 107 108 10° 101
E, [GeV] E, [GeV]

Figure 9.8: Neutrino fluence for GRB 100621A (left panel) and GRB 130427A-like (right panel)
for the parameters in Table 9.2. The brown (orange) bands represent the ISM (wind) scenario.
For GRB 100621A, the dotted (solid) line corresponds to ny = 1 cm™3 (ny = 100 cm™3). For
GRB 130427A-like, the dotted lines correspond to ng = 2 x 1073 cm™3 (ISM) and A, = 1073
(wind), while the solid lines refer to ny = 7x 1073 cm™3 (ISM) and A, = 5x 1073 (wind). The
expected fluence is compared with the estimated sensitivities of IceCube-Gen2 radio for a source
at § = 0° [28], IceCube for a source at § = —23° [28, 9], RNO-G for a source at § = 77° [43],
GRAND?200k for a source located at |§]| = 45° [54], and the full range time-averaged sensitivity
of POEMMA [479]. For both GRBs, the neutrino fluence lies below the point source sensitivities
for all detectors.
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of neutrinos seems unlikely. Thus, if GRBs with properties similar to GRB 100621A or
GRB 130427A-like should be observed, no associated neutrino signal should be expec-
ted, unless the burst propagates in an ISM with ng larger than the one inferred for GRB
130427A [377] or the bursts occur at smaller distances.

9.7 Conclusions

The light curve of some gamma-ray burst afterglows exhibits a sudden intensity jump
in the optical band between about one hour and one day after the prompt emission. The
origin of this peculiar emission is not known yet, nor the fraction of GRBs displaying
this feature. In this paper, we assume that the optical jump results from the late collision
of two relativistic shells, as proposed in Ref. [483].

After modeling the shell merger analytically, we compute the neutrino emission
from the GRB afterglow within a multi-messenger framework by considering two scen-
arios for the circumburst medium: a constant density case (ISM) and a stellar wind pro-
file. We find that the presence of an optical jump can increase the number of produced
neutrinos by about an order of magnitude.

The expected quasi-diffuse flux of afterglow neutrinos falls below the upper limits
placed by the non-detection of neutrinos during the GRB